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Abstract
The chromosphere is a complex and dynamic layer of the solar atmosphere, largely dominated by the local magnetic field
configuration. It acts as an important interface between the photosphere below it and the hot corona above. However,
studying this layer is not straightforward, as it is largely transparent in optical wavelengths. On top of that most of its
observable radiation is formed in conditions far from thermodynamic equilibrium, and thus only partially sensitive to
local plasma conditions. Observations of the active features found in the chromosphere such as plage, fibrils, and jets, are
therefore more difficult to interpret than emission from active features in the photosphere.

This thesis focuses on plage and peacock-jets, two types of chromospheric features. Additionally, I study the quiet solar
atmosphere for calibration purposes. In all three cases, I utilize high-resolution spectral and spectro-polarimetric data from
the Swedish 1-m Solar Telescope (SST) in order to constrain the physical parameters of these regions and to create high-
resolution reference profiles of the quiet regions.

In the first paper, the magnetic field vector of a plage region is inferred using STiC, a spectro-polarimetric inversion
code, which is achieved after applying several methods to improve the signal-to-noise ratio.

In the second paper, a peacock jet near an X9.3-class flare is studied. The expanding flare ribbon moves under the jet
and inhibits new material from being accelerated upwards. This coupled with back-lighting from the heavily broadened
line profile of the flare ribbon that can be approximated as quasi-continuum, allowed us to estimate its density and mass
by using a cloud model. 

The third paper is an observational study of the center-to-limb variations of ten spectral lines commonly used for solar
diagnostics.
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Cautious Daedalus will apply his theories where he feels most
confident they will safely go; but by his excess of caution their
hidden weakness can not be brought to light. Icarus will strain
his theories to the breaking-point till the weak joints gape. For a
spectacular stunt? Perhaps partly; he is only human. But if he
is not yet destined to reach the sun and solve for all time the
riddle of its constitution, yet he may hope to learn from his
journey some hints to build a better machine.

– Sir Arthur Eddington
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1. Introduction

See that ball of fire in the sky? That’s the sun. It goes by many
names: Apollo’s lantern, day moon, old blazy. The important
thing is, never to touch it.

– Homer J. Simpson

Throughout our entire existence, humanity has tried to understand the work-
ings of the Sun to some degree. Perhaps it is the first heavenly object that was
ever studied. Of course, these observations were crude at first, such as realiz-
ing that the Sun rises and sets each day, or that it reaches a lower altitude in the
winter than in the summer. These observations were then coupled to theories,
which of course were limited by our understanding of the universe and the laws
of physics. In this context, it is understandable that the earliest known ’theo-
ries’ that fitted these observations were based on the anthropomorphization of
the Sun into a god or heavenly being, but as our understanding of the world
around us grew, so did our view of the Sun, showing that both observations
and theory are needed to achieve progress.

A noteworthy example is given by Anaxagoras of Clazomenae in the 5th
century BC, who suggested that the Sun was a large ball of red-hot metal after
noticing a sunspot by eye, which he thought was a ’wound’ left on the solar
surface after a piece fell off (e.g. Grant, 2006). Part of this theory was con-
firmed two millennia later after the invention of the telescope allowed Galileo
to track sunspots. This led to the conclusion that the Sun was indeed a sphere,
and that it rotated (Galilei, 1613). Its exact composition and the nature of
these spots were still centuries away however. The observations were ahead
of the theory, as it was not possible to perform higher-resolution observations
of the solar surface, but without the physical understanding, it was impossible
to explain what was being seen. Therefore, it was believed for a long time
that the Sun was either a large chunk of coal or had a surface covered with it.
Sunspots were believed to be holes in this hot layer that showed the colder, not
as brightly burning interior (Kaiser, 1845). Sir William Hershel even suggested
that they were made by the inhabitants of the Sun, who lived on the colder sur-
face beneath the hot atmosphere (e.g. Kawaler and Veverka, 1981). The next
large step came with the advent of narrowband observations and the quickly
developing field of thermodynamics, both of which helped in overturning the
old ideas, especially after the development of mathematical tools to calculate
how long such a ball of coal could burn, and finding that this was but a fraction
of the age of the Earth (e.g. Stinner, 2002). Later Helmholtz-Thomson con-
traction was proposed, but this also did not match the Sun’s age (e.g. Kragh,
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2016).
It was clear that the current theory was wrong, but without quantum me-

chanics and an understanding of atoms in general it was impossible to explain
what powered the Sun at that time. Instead, the focus shifted to the then-new
field of spectroscopy, as people hoped that understanding the composition of
the Sun might help them understand the source of its light. Perhaps the greatest
early contribution in this direction was made by Payne (1925), who showed
that the Stars, and therefore the Sun, were primarily composed of hydrogen
and helium, a notion that was initially rejected by her peers because it was
thought to conflict with other observations. Around the same time Edding-
ton (1920) suggested nuclear fusion could be the source of the Sun’s energy,
but this too was rejected at first because particle physics was still largely in-
complete. Chadwick had not even discovered the neutron yet. It took nearly
another two decades before these, and many other ideas were accepted and
eventually combined into a Nobel prize-winning work by Bethe (1939), who
not only showed that the Sun was powered by nuclear fusion, but also sug-
gested the ’proton-proton chain’ as a possible mechanism. In the subsequent
years, humanity has expanded its knowledge of the Sun, constraining its size,
composition, age, and inner workings. Still, many questions remain even to-
day. It is for this reason that there is a need to push forward observations as
well as further develop the theory, as one cannot be properly evaluated without
the other. In this thesis, I will give an overview of our current views on the so-
lar atmosphere, as well as the methods and observational techniques that have
allowed us to reach this current level of understanding. The focus will lie on
the observational aspect of the field, but as has been demonstrated above, this
cannot be done without including other aspects of solar physics.

In Chapter 2 a general overview of the In the next chapter several types
of active regions are discussed, in order to build an understanding of the solar
features and the environment in which they exist. This provides preparation
for Chapter 4, in which spectral diagnostics are described, as well as the lim-
itations that are currently faced in measuring them. The next chapter deals
with the methods used to acquire the data, reduce them, and eventually infer
physical parameters from them. Finally, inversion techniques are presented
in Chapter 6, and how they are used to infer the parameters of the solar at-
mosphere from spectral lines. Throughout these chapters, the processes and
definitions are connected to the papers included in this thesis and then contex-
tualized in the final chapter where the work done in the papers is presented,
along with how the obtained results fit into the current understanding of the
subject. First however, it is necessary to start by defining the solar atmosphere
and the active regions that can be found in it.
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2. The solar atmosphere

It is reasonable to hope that in the not too distant future we shall
be competent to understand so simple a thing as a star.

– Sir Arthur Eddington

The Sun’s radiation originates in its core as a product of the fusion processes
that take place there. However, due to the very high density of the surrounding
plasma, a photon can travel only around 1 cm on average before being absorbed
or scattered by the surrounding material. Absorbed photons are then re-emitted
in a random direction and at different wavelengths, only to be absorbed or
scattered again moments later. This thermalization process is what spreads
the energy of the highly energetic photons created by nuclear processes into a
broader wavelength range called a blackbody spectrum.

The photons take tens of thousands of years to escape the core and are con-
stantly getting rethermalized, thus losing all information about the lower layers
of the Sun. Eventually, these photons reach a point far enough from the core
where the opacity rises to a point where convection becomes dominant over
radiative transport. Inside this convective zone, which ranges from roughly

Figure 2.1: Left: A representation of a 1D time-independent semi-empirical
model of the solar atmosphere showing the variation of temperature as a function
of height and the approximate regions of formation for various spectral lines. The
colorbar at the top indicates the location of the photosphere, chromosphere, and
transition region. Reproduced from Vernazza et al. (1981). Right: The thick-
nesses of the components of the Sun’s atmosphere.
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Figure 2.2: A part of active region AR12713 observed in Ca II 8542 Å showing
the upper photosphere in the line wing (left) and the chromosphere in the line
core (right). In the photosphere we see two pores with facular regions around
them, and in the chromosphere we see the fibrils and plage that hang above.
Image taken with the SST. Both images have a FOV of 60x60 arcsec.

-200 to 0 Mm with respect to the solar ’surface’. Here the plasma starts to
behave similarly to a lava lamp, as hot clumps of plasma rise up to this surface
where they can release radiation and cool down before falling back towards
the bottom of this layer. The imprint that these convection cells leave on the
surface is called granules and the ’surface’ where they release their radiation is
the bottom of what is called the solar atmosphere. This is a remnant from the
now antiquated belief that the Sun was a rigid body (Kaiser, 1845). A more
modern definition of the solar surface is based on optical depth, where τv = 1.
As the opacity varies with wavelength, it is customary to express this value in
terms of the optical depth at the continuum wavelength of λ = 500 nm.

The last comparatively minuscule bit of interaction that the light has with
the ions, atoms, electrons, and molecules inside of the solar atmosphere is what
gives us the solar spectrum. The escaped photons are now finally free to travel
through the universe, with perhaps the most unfortunate ones ending up on a
detector only several minutes after their escape. Still, one should be thankful
for them, as the collective properties of these photons become our main source
of information on the solar atmosphere1.

It is customary to divide the solar atmosphere into four separate layers,
each with its own physical properties. Going from the surface outwards, there
are the photosphere, the chromosphere, the transition region, and the corona.

1Other sources are neutrinos and the material found in the solar wind.
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2.1 The photosphere

The photosphere is the lowest of the four layers, spanning only a few hundred
kilometers, a fraction of the total which spans well over several thousand kilo-
meters before it merges into the heliosphere. Despite its relatively small height
range, most of the Sun’s visible emission originates from this layer. In a quiet
Sun environment1, the photosphere is defined by (Carroll and Ostlie, 2017) as
reaching from 100 km below τ500 = 1 to 525 km above τ500 = 1. The temper-
ature of the photosphere ranges from approximately 9400 K at the bottom to
4400 K according to Vernazza et al. (1976) and illustrated in Fig. 2.1.

The granulation pattern is a defining feature of the photosphere, consisting
of small granules with a typical diameter of 1 Mm. The centers of these gran-
ules are bright because they consist of hot rising plasma while the intergranular
lanes are dark and represent colder falling material. Larger scale supergranules
with scales between 30 to 35 Mm, can be observed as horizontal flows. An in-
termediate type of mesogranules has been suggested in the past, but it has been
proposed that these structures could be artificially generated due to averaging
processes in the data (Rincon and Rieutord, 2018).

In the photosphere active regions2 like facula, sunspots, and pores are
found, whose frequency depends on the phase of the 11-year solar cycle3.
The relatively high densities in this layer help to make conditions close to lo-
cal thermodynamic equilibrium (LTE)4. Photospheric magnetic fields are gen-
erally concentrated in active regions, which will be further discussed below
(Priest, 2014). (See Fig. 2.2 and Fig. 2.4.)

Zooming out and looking at a picture of the full Solar disk, or a large
enough subsection, then one can identify a darkening effect from the center
towards the limb. This effect called ’limb darkening’ is visible in most of the
spectrum5. The cause of this effect can best be explained by Fig. 2.3. This
figure shows two rays emitted from the Sun, one close to the disk center, and
one closer to the limb. Both rays originated from a certain depth along the field
of view in the atmosphere where the material has become opaque. In LTE6 a
blackbody spectrum of the temperature of the material at this depth is seen in
the observations. Rays that originate away from the disk center originate from

1Meaning that there are no active regions.
2See chapter 3.
3Sometimes known as the 22-year cycle if one includes the polarity changes over just the

frequency of active regions appearing.
4This is discussed in detail in Chapter 2.
5For certain parts of the spectrum it is possible to sample a part of the atmosphere where

the temperature goes up with height. In this case, the shallower LOS rays will go through hotter
material and thus seem brighter. This phenomenon is called limb brightening.

6See section 4.1.
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Figure 2.3: Cartoon illustrating the concept of limb darkening. A ray observed
from the disk center can reach deeper into the solar atmosphere than a ray that is
closer to the limb assuming a fixed distance through the solar atmosphere before
reaching τ = 1. This results in a lower intensity for the ray that is away from the
disk center, as it reaches less deep and thus less hot parts of the atmosphere.

a higher point in the solar atmosphere due to the geometry of the situation.
These higher points in the atmosphere are typically colder and thus will have
a lower blackbody, which results in a lower intensity than the central ray.

Limb darkening can easily be seen by eye when observing through a tele-
scope1 , and it has been noticed by early solar physicists. However, it was not
clear whether or not this was a real effect, something instrumental or some
kind of optical illusion. This question was cleared up in the 1840s with the
advent of photography, which allowed for the objective recording of the Sun
for the first time (e.g. Foukal, 2008). The exact reason for this effect was not
understood until Schwarzschild (1906) used the newly developed ideas of ra-
diative transfer to show that the rate of limb darkening can be explained by
assuming the photosphere to be in radiative equilibrium rather than convective
equilibrium as was believed at that time. Schwarzschild had not only answered
a decades-old question but also revolutionized our understanding of the Solar
atmosphere, which led to detailed studies being made of the behavior of spec-
tral lines at different locations on the Sun (e.g. Hale and Adams, 1907). Of
course, his method was not exact as many approximations were made2, in fact

1Equipped with proper filters of course, as to avoid news agencies misquoting the author
about looking at the Sun (NOS, 2015).

2His approach was similar to that which can be obtained from the Milne Eddington approx-
imation on a grey atmosphere using the Eddington Barbier relation. The reader is referred to
page 158 of Rutten (2003) for a more detailed explanation.
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Figure 2.4: A cartoon illustrating the expansion of the magnetic field of a plage
region. The magnetic field in the photosphere is concentrated in between granules
and then expands greatly in the chromosphere before looping back down in the
corona. The red and blue colors signify differing polarities. Image courtesy
Jaime de la Cruz Rodriguez.

even today most limb darkening curves also known as center-to-limb variations
(CLV) are still empirical. The CLV of several photospheric and chromospheric
spectral lines are studied in Paper III

2.2 The chromosphere

The chromosphere is located immediately above the photosphere1. It is much
less bright than the photosphere, emitting only about 0.1% as much light over
the full spectrum. There is no fixed boundary for the thickness of the chromo-
sphere, as this varies with time, location, and solar activity. However, an aver-
age estimate for the thickness of this layer can be defined according to the VAL
model2 (Vernazza et al., 1976; Avrett, 1985) as starting after the photosphere
and ending at 2100 km above τ500 = 1 and thus spanning roughly 1600 km in
total or about three times as much as the photosphere. Similarly, to the pro-
duced light, the gas density drops by more than three orders of magnitude. The
temperature increases with altitude from 4400 K to roughly 10000 K, as can
be seen in Fig. 2.1.

The VAL model is a 1D mean model of the solar atmosphere that as-
sumes that thermodynamic properties vary only with height and are time-
independent. It was later replaced by the updated FAL models (Fontenla et al.,

1The name "chromosphere" was suggested by Lockyer (1868)
2Named after the authors; Vernazza, Avrett, and Loeser.
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1993). These models consist of four different curves, each valid in a specific
situation. FAL-A, for faint Quiet Sun, FAL-C, for average Quiet Sun, FAL-F,
for bright Quiet Sun, and FAL-P for plage. These days the C model is still
widely used for creating initial guesses for inversion codes1, but beyond that,
it fails to realistically represent the dynamic, time-dependent, and inhomo-
geneous nature of the solar atmosphere. In its stead, more sophisticated 3D
computational models are being developed, such as the Bifrost code (Gudik-
sen et al., 2011). Codes like Bifrost can model some aspects of the solar at-
mosphere accurately but still fails in others, especially above the photosphere
where heating processes are not yet fully understood. An added complication
is that the comparatively higher temperatures and lower densities in the upper
levels of the chromosphere create conditions that are far from local thermal
equilibrium2.

The comparatively much lower density of the chromosphere also changes
the way that light interacts with the surrounding material. The magnetic pres-
sure becomes dominant over the gas pressure, which means that the magnetic
force of the surrounding area will dominate the dynamics. This is referred to
as a low β plasma, where β is defined as the quotient of the gas pressure and
the magnetic pressure. At this height, the light now enters the non local ther-
mal equilibrium3 regime where the source function4 decouples from the local
plasma conditions. Additionally, one has to account for heating caused by the
UV back-radiation from the higher layers (Avrett and Loeser, 2008). As a re-
sult, chromospheric features tend to be very different from those found in the
photosphere. These features include fibrils, jets, plage, loops, etc5.

Most of the work in this thesis focuses on observations of the chromo-
sphere.

2.3 The transition region

Above the chromosphere, the VAL model shows a very rapid temperature rise
from 104 K to about 105 K over a height of approximately 100 km, after which
the temperature rises more slowly up to about 1 million K. The thin region
where the temperature increases rapidly is called the transition region, it is
mostly observed in the UV and extreme UV parts of the spectrum. One of the
more notable observatories capable of observing the transition region is the

1See chapter 6.
2See chapter 4.1.
3See chapter 4.1.
4See chapter 4.4.
5See chapter 3.
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Figure 2.5: The bolometric brightness of the three major components of the solar
corona, as well as a line to denote the brightness of the desert sky, and the sky at
totality. Figure reproduced from Shopov et al. (2017).

space observatory Interface Region Imaging Spectrograph (IRIS, De Pontieu
et al., 2014).

2.4 The Corona

Above the transition region is the corona, this outermost layer of the atmo-
sphere is the hottest and least dense. It extends from about 2200 km above
τ500 = 1 upwards without a well-defined upper boundary. It has an energy out-
put of roughly 1 millionth of the total intensity produced by the photosphere
and reaches temperatures of up to two million kelvin. The lines in this layer
are therefore highly ionized. It is not fully understood what exactly heats the
chromosphere and corona to the temperatures that they are, which is seen as
one of the major questions in Solar physics today. A potential solution is given
in the form of magneto-acoustic and Alfvén waves, but additional processes
like small-scale reconnection effects are needed. The reader is referred to De
Moortel and Browning (2015) for a more complete description of the problem
and proposed solutions. The corona has no clear upper boundary and instead
expands with the solar wind into the heliosphere, which is the cavity formed
by the Sun in the surrounding interstellar medium that extends to about 120
AU (McComas et al., 2019).

Ground-based observations of the corona are performed by obscuring the
much brighter lower layers of the atmosphere by using a coronograph or a solar
eclipse. From space the corona is observed primarily in UV wavelengths with
the space-based Solar Dynamics Observatory (SDO, Lemen et al., 2012).
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The plasma in the corona is strongly susceptible to the influence of mag-
netic fields. This was first noticed in the 1880s by Rayard and Hansky, who
both noted that during eclipses the corona looked like a round ball in the solar
maximum and an elongated dipole during the minimum. This is what even-
tually led to the discovery of the magnetic field on the Sun (e.g. Yoshimura,
1988).

Observationally the corona is subdivided into five components, each with
a different emission process. The strongest contributor is the K corona which
is the result of free electrons scattering the photospheric radiation, a highly po-
larizing process. Its name stands for ’Kontinuierlich’ or ’continuous’ because
it produces a continuum signal of white light emission. This is because the
spectral lines in this layer are washed out due to the large Doppler shifts that
result from the high thermal velocities of electrons in this region.

Then we have the F corona (named after Fraunhofer) which is produced
by dust that scatters photospheric light. Compared to electrons, these dust
particles are much slower and much more massive, which results in a much
lower Doppler broadening of the spectral lines. The F corona merges with the
zodiacal light, which is the faint glow along the ecliptic that is caused by the
reflection of sunlight by interplanetary dust. This light is also visible in the
optical wavelengths.

Next is the E corona (from Emission), which is a source of emission lines
caused by highly ionized atoms. The low number densities prevent significant
recombination rates and allow the occurrence of forbidden transitions1. This
leads to the production of spectral lines that are generally only found in low-
density interstellar gas environments (Carroll and Ostlie, 2017).

Beyond this, there is also the thermal T corona and the sublimation S
corona. The former is the result of the thermal emission of the same dust
particles that help create the F corona. The latter is caused by the radiation
emitted during the sublimation of dust particles.

We see the individual contributions of the three brightest components of
the corona in Fig. 2.5. Here we see that the K corona dominates up to about
2.5 solar radii, after which the F corona takes over. However, even the K-
corona is less bright than the day sky, meaning that in white light the corona is
only visible from Earth during a solar eclipse.

1Those that have minimal or no probability of occurring.
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3. Active regions and solar flares

The most accessible field in science, from the point of view of
language, is astrophysics. What do you call spots on the sun?
Sunspots. Regions of space you fall into and you don’t come out
of? Black holes. Big red stars? Red giants.

– Neil deGrasse Tyson

The definition of active regions1 (ARs) has become more refined throughout
the field of solar physics over the last few decades as our observational methods
have allowed for observations in more wavelengths and at better resolutions.
At first active regions were defined as areas with sunspots, later this defini-
tion was expanded to include faculae, and even later chromospheric features
like plage and fibrils were also added to the definition (D’Azambuja, 1956).
The effect of this ’living definition’ can still be felt today by the plethora of
similar-but-different definitions found in current literature. Some sources de-
fine them as extended areas on the Sun where spots, plages, and filaments
occur (Foukal, 2008), while others define an AR as a region that contains at
least one sunspot that is visible in broadband optical light (van Driel-Gesztelyi
and Green, 2015). Perhaps the most authoritative source on the matter is the
SWPC (Space Weather Prediction Center) of the NOAA (National Oceanic
and Atmospheric Administration), which is the agency that designates serial
numbers to active regions. This numbering system started on the 5th of Jan-
uary 1972 and has been counting consecutively since then (NASA, 2009). For
example, the name of the AR observed in Paper I is AR127132. According
to their definition, solar regions qualify for the assignment of a serial number
if they meet one or more of the following conditions (private communication,
SWPC Customer Support, 2020):

1. Contain a conspicuous spot group (Class C or larger)3.

2. Contain a class A or B spot group confirmed by at least two observers,
preferably with observations more than one hour apart.

3. Produce a solar flare with an X-ray burst.

1In this chapter the focus will first be placed on active regions in general, after which
specific types of active regions will be discussed.

2In some databases it will be denoted as AR2713, to keep with the four number format.
Any region that is observed after the 14th of June 2002 will be above 10000.

3Modified Zurich Class (McIntosh, 1990)
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4. Plage has a white-light brightness of at least 2.5 (on a linear scale 1-5,
5=flare) and has an extent of at least five heliographic degrees.

5. Plage is bright near the west limb and is suspected of growing.

A similar and perhaps more complete definition is suggested by van Driel-
Gesztelyi and Green (2015) who define active regions as "the totality of ob-
servable phenomena in a 3D volume represented by the extension of the mag-
netic field from the photosphere to the corona, revealed by emissions over a
wide range of wavelengths from radio to X-rays and γ-rays (only during flares)
accompanying and following the emergence of strong twisted magnetic flux
(kG,≥1020Mx)1 through the photosphere into the chromosphere and corona".

ARs, in their most basic form, consist of a bipolar magnetic field configu-
ration, but they can grow much more complex with many bipoles spread across
a relatively small area. These magnetic fields can manifest different phenom-
ena in different layers of the solar atmosphere. In the photosphere sunspots,
pores, and faculae are seen, which are caused by concentrated and dispersed
magnetic fields respectively2. Higher up in the chromosphere there are fibrils
connecting the opposing polarities and dispersed fields as plages. Loops and
filaments are seen in the transition region and the corona, connecting the op-
posing polarities (See Fig. 2.4.). The effects of ARs do not end there however,
as these magnetic fields dominate the interplanetary magnetic field.

Currently, three empirical laws exist regarding the 11-year solar cycle and
the formation of ARs.

1. Spörer’s law, which is commonly illustrated in the form of the well-
known butterfly diagram (See Fig. 3.1), shows the relation between the
latitude of ARs and the solar cycle phase. Active regions tend to emerge
at higher latitudes at the start of the cycle and appear progressively closer
to the equator as the cycle progresses.

2. Joy’s law states that there is a systematic preference against the perfect
east-west alignment of bipolar ARs, with the leading spot3 tending to be
closer to the equator.

3. Hale’s law states that ARs that are bipolar and aligned roughly east-
west will have opposite leading polarities on the other hemisphere. The
polarities alternate between solar cycles.

Three different scales of active regions are defined in van Driel-Gesztelyi
and Green (2015). The smallest being ephemeral regions with magnetic flux

11 maxwell = 1 gauss × cm2

2See chapter 3.
3The westernmost spot
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Figure 3.1: A Butterfly diagram showing the distribution of spot center latitudes
between 1877 and 1902, showing two 11-year cycles. Reproduced from Maunder
(1904).

values between 3 ·1018 and 1 ·1020 Mx, typically lasting between a few hours
and a day. Small ARs, which have pores and not spots, tend to have flux values
between 1 ·1020 and 5 ·1021 Mx and last between a few days and a week. Large
ARs, typically with spots and a flux between 5 ·1021 and 3 ·1022 Mx, last in the
order of several weeks to a month. Images of AR11092 are shown in Fig. 3.2.
These images show a large sunspot, fibrils, loops, and plage in the photosphere,
chromosphere, and corona. In the following sections, several key active region
types that are relevant to the papers included in this thesis are presented in
greater detail.

3.1 Sunspots

Possibly the earliest recorded observation of a sunspot dates back to 467 BC.
Anaxagoras of Clazomenae potentially saw one by eye and postulated that the
spot was a gash left in the Sun from where the chunk broke off. He then pre-
dicted that this part would fall onto the Earth as a meteorite in the near future.
By complete coincidence a large meteorite ’the size of a wagon’ fell near the
town of Aegospotami. This was seen as a confirmation for Anaxagoras’ the-
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Figure 3.2: The solar atmosphere at various typical formation heights in the pho-
tosphere, chromosphere, transition region and corona. A sunspot can be seen in
the right corner of each images and a plage in the left corner. Images adapted
from the IBIS mosaic (Cauzzi and Reardon, 2012) and the Solar Dynamics Ob-
servatory (SDO, Lemen et al., 2012). Each image has a FOV of roughly 4x4
arcmin.
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ory that was cited for centuries after that (e.g. Bicknell, 1968). Around this
time several other observations were made of sunspots by Greek and Chinese
astronomers (e.g. Vaquero, 2007), all by eye. Telescopes were used to observe
sunspots almost immediately after they were invented. Fabricius was the first
to publish about them in 1611, closely followed by Galileo in 1613 (Fabricius,
1611; Galilei, 1613). However, Thomas Harriot and Christoph Scheiner are
both recorded to have observed them before that (e.g Solanki, 2003). Over the
course of many decades following the invention of the telescope, astronomy
and the study of the Sun slowly became more systematic and reliable, leading
to many rapid revisions in our understanding of the Sun and its features. The
solar cycle and the empirical laws described in the prior section were made
possible due to well over two centuries of tracking the location and number of
sunspots. The regions themselves were better understood with the advent of
higher-resolution telescopes and spectroscopy, which helped us discover that
sunspots are magnetic structures1 that appear as a dark core surrounded by a
lighter radially extending structure, called umbra and penumbra respectively.
Sunspots are active regions with the strongest magnetic field, where convection
is reduced or suppressed by the magnetic fields. Their average field strength
in the photosphere ranges from 1000 to 1500 G. When looking at the umbra,
we find that it varies gradually from values between 1800 and 3700 G, and 700
to 1000 G in the penumbra. In comparison, the average field strength in the
quiet Sun is 100 G. Both parts of the sunspot are colder and darker than the
quiet Sun, with temperatures in the umbra ranging between 3900 and 4800 K
and 5400-5500 K in the penumbra Solanki (2003). The umbra radiates only
20-30% of the bolometric flux of the quiet Sun, while the penumbra radiates
75-85% of the quiet Sun. Their size ranges from 3.5 to 60 Mm, with large
sunspots surviving for up to several weeks and smaller ones up to a few days
Solanki (2003). A sunspot without a penumbra is called a pore. They form
in the same way, but are typically smaller and have a weaker central magnetic
field of the order of 1-2 kG and lifetimes of a few hours up to a couple of days
(Keppens, 2000).

A decaying sunspot can fragment, which allows convection to resume in a
thin strip across the umbra. These strips are called light bridges. A light bridge
can also form when two sunspots come together and merge only partially (Fe-
lipe et al., 2016).
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Figure 3.3: Left: An early Ca II K observation of the solar disk with large
plages covering the disk. Image taken by Deslandres (1898) on the 10th of April
1894. Right: An SST/CHROMIS observation of a plage region (marked in yel-
low) surrounded by a fibril canopy, observed in the Ca II K core, taken on the
15th of June 2018. The FOV is roughly 30x40 arcseconds with a pixel scale of
0.038 arcsec/pixel. Image reproduced from Pietrow et al. (2020).

3.2 Plage

Plage is classically defined as a bright region observed in Hα and other chro-
mospheric lines and is typically seen in the vicinity of pores and sunspots (Car-
roll and Ostlie, 2017). Plage was first observed in the chromosphere by Lock-
yer (1869) using a spectrograph and later named by Deslandres (1893) (See
Fig. 3.3). It is commonly believed that the regions are poetically named after
the French word for ’beach’ due to their resemblance to sand in white-light
observations. However, this does not seem to be the case from Deslandres’
original paper, where he writes ’Les facules sont, par définition, les plages
brillantes de la surface solaire...’ In this context ’plage’ is interpreted as ’re-
gion’, ’area’ or ’zone’, alluding to the Latin term "Plagae" (singular "plaga")
meaning "regions", "areas", "spots." Nowhere in the paper does Deslandres
describe it as a beach or make a comparison, in fact, he suggests calling them
’facular flames’. It seems that the myth comes from the fact that the French
word changed meaning since then. Before the term plage caught on these re-
gions went under the name of ’flocculi’ (Latin for ’tufts of wool’) as defined
by Hale and Ellerman (1904).

Nowadays, many authors identify plage regions by only looking at the pho-
tospheric magnetic field concentrations, regardless of the Hα intensity that is

1See chapter 4.6.
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associated with those regions. A comprehensive definition describes plage as
areas where the magnetic field in the photosphere is confined in the intergran-
ular lanes and forms a magnetic canopy in the chromosphere that is hot and
bright in most chromospheric diagnostics such as the Ca II H & K lines, the
Ca II infrared triplet lines, Mg II h & k and Hα (Carlsson et al., 2019; Chint-
zoglou et al., 2020). This excludes superpenumbra, pores, or elongated fibrillar
structures. In Paper I no detailed information on photospheric magnetic fields
was available. Therefore the plage regions were delineated by first selecting
an area where the Ca II 8542 Å line core is bright. This was then manually
adjusted to exclude fibrils1 We can see this region marked in yellow in the right
panel of Fig. 3.3.

Plage is believed to form from decaying emerging flux regions, where two
footpoints are connected by a coronal loop. They are also often the origin of
fibrils, both of these properties make them an important interface for coronal
heating. (e.g. Reardon et al., 2009; Carlsson et al., 2019; Chitta et al., 2018;
Yadav et al., 2020). The photospheric magnetic field in plage is around 1500 G
(Buehler et al., 2015). Paper I, along with Morosin et al. (2020) were amongst
the first to measure the chromospheric magnetic field of plage, and both found
it to be around 450 G and tilted away from the normal by around 16 degrees in
the lower chromosphere. Anan et al. (2021a) find a nearly horizontal magnetic
field in the mid to high chromosphere by inverting the He I 10830 Å line. (See
Fig. 2.4.)

It has so far proven impossible to reproduce a plage chromosphere in quasi-
realistic numerical models like those of Bifrost (Gudiksen et al., 2011), which
instead create an atmosphere with a calm chromosphere and cold corona, more
resembling a coronal hole (Carlsson et al., 2019). This is partially due to the
fact that a large amount of microturbulence is required to properly reproduce
observations, which is a quantity that is largely degenerate with the Doppler
velocity and opacity broadening effects in broad lines. Progress was made on
this front by observing the optically thin O I 1356 Å line in the UV as well as
the UV and millimeter continuum in plage regions, with the two works finding
a value of vturb ≤ 6 km/s and vturb = 5 km/s respectively (Carlsson et al., 2015;
da Silva Santos et al., 2020). The origin of this high microturbulence value, as
opposed to the quiet Sun, is an ongoing topic of study, but it is believed that it
is entangled with the enhanced radiative losses found in plage (Morosin et al.,
2022).

1See Section 3.3.
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3.3 Fibrils

Fibrils form a dense canopy (see Fig. 2.2) at chromospheric heights that con-
nect regions of opposite polarity and appear like quiet Sun in the photosphere.
They are also known as mottles or straws if found on the disk and spicules if
seen on the limb (Rutten, 2006; Kianfar et al., 2020). Spicules were first ob-
served by Father Angelo Secchi who described them as vertical flames in the
solar atmosphere (Secchi, 1877) and named by Roberts (1945). Both Lippin-
cott (1955) and Loughhead (1968) credit the naming of fibrils to D’Azambuja.
The first report of fibrils in the Ca II K line was done by (Zirin, 1974).

Fibrils have a lifetime of between 3 to 5 minutes and are therefore highly
dynamic (Gafeira et al., 2017; Kianfar et al., 2020). In Ca II K and Hα fibrils
are more opaque than in Ca II 8542 Å , where one can see further down into
the atmosphere than with the prior two lines. The lower and upper fibrillar
structures tend to align with the magnetic field most of the time, but not always
(de la Cruz Rodríguez and Socas-Navarro, 2011), This misalignment could be
due to a decoupling between ions and neutral atoms (Leenaarts et al., 2015;
Martínez-Sykora et al., 2016; Carlsson et al., 2019), see Fig. 2.2. In Paper I,
to our knowledge, the first average magnetic field measurement of a fibrillar
region was inferred, which was measured to be around 300 G.

3.4 Surges and peacock jets

Chromospheric surges are near-vertical dynamic spike-like structures of cool
(<15kK) material that appear as dark absorption features in chromospheric
lines such as Hα and Ca II 8542 Å when observed on the solar disk
(Bruzek and Durrant, 1977). These structures were first reported in McMath
and Pettit (1937) in Hα , where they were they were at first classified as class
IIId prominences. Since then surges have been a point of interest and ongoing
solar research (e.g. Newton, 1942; Ellison, 1949; Malville and Moreton, 1961;
Schmieder et al., 1994; Uddin et al., 2012; Robustini et al., 2018; Nóbrega
Siverio et al., 2021) and Paper II.

Early large-scale research into jets was done by Roy (1973a,c,b) who ob-
served nearly 200 of them over 16 different days. From this work, it was con-
cluded that they reached heights between 7 and 50 Mm, but much higher jets
of up to 200 Mm have been reported (e.g. Bruzek and Durrant, 1977; Louis
and Thalmann, 2021). The material that is propelled upwards in surges is
thought principally to return approximately along the trajectory of ascent, with
some small fraction possibly being heated to coronal values and remaining at
higher locations in the solar atmosphere (Robustini et al., 2016, 2018). In Roy
(1973b) it was reported that the material descending in surges accelerated more
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slowly than the effective gravity (the solar gravitational component along the
trajectory of ascent and descent), suggesting the presence of a braking force.
However, this effect was not found in more recent work by Robustini et al.
(2016), where the acceleration was found to be consistent with effective solar
gravity.

Surges typically form above bright points close to sunspots and pores as a
result of reconnection effects between a preexisting magnetic field and newly
emerging flux (e.g. Yokoyama and Shibata, 1995; Kayshap et al., 2013; Ro-
bustini et al., 2016). Alternatively, they can be triggered by the impulsive
generation of a pressure pulse (Sterling et al., 1993), and be associated with
explosive events (Madjarska et al., 2009). Typical lifetimes for surges are be-
tween 10 and 20 minutes, but longer-lived surges of over 40 minutes and even
over an hour have been reported (e.g. Robustini et al., 2018; Kayshap et al.,
2021).

The measurement of the magnetic field of surges is difficult due to the fact
that they are often close to active regions with complex magnetic field topolo-
gies. For this reason, only a few direct measurements of the magnetic field
exist, most of which are taken during off-limb observations of surges. These
measurements find values of around 50 G Bruzek and Durrant (1977) and Har-
vey (1969), while a value between 100 and 300 G was found when the field
was inferred based on an estimation of the reconnection energy (Yoshimura
et al., 2003).

Surge spectra obtained from on-disk observations are mixed with the highly
variable background of the active region in which the surge resides, while off
limb spectra are the result of scattered light from the limb. In both cases, the
complexity of the 3D radiative transfer problem can make it near impossible to
infer any detailed physical parameters from the observed spectra. This is has
proven to be the primary limiting factor in most of the works mentioned above.
In fact, Paper II was the first work to our knowledge that was able to directly
infer the mass, density, and temperature of a specific type of surge. Before that,
most works assumed typical chromospheric values for their surge parameters
or used simple estimations. This lack of proper atmospheric parameters has
made it difficult to model surges, where especially the temperature tended to
be too high (≈ 105 Kk) (e.g. Nishizuka et al., 2008; Ding et al., 2010; Kayshap
et al., 2013). However, more recent simulations made advances in addressing
this problem by considering detailed radiative losses (Nóbrega-Siverio et al.,
2016).

Fan-shaped jets, also known as peacock jets, are a subclass of surges that
appear over light bridges. This was first reported by Roy (1973b,c) and studied
as an independent phenomenon by Asai et al. (2001), where the peacock jets
were defined as recurring jets that appear dark in Hα and are also visible in
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the extreme ultra violet. A measurement of the line-of-sight magnetic field by
Bharti et al. (2007) shows that some of these jets can have a polarity opposite
to that of the umbral field beneath them. Small jets up to 13Mm have been
reported by Shimizu (2009); Shimizu et al. (2009) and much smaller jets, most
of which no longer than 1000 km were reported by Louis et al. (2014).

3.5 Flares

Solar flares are highly energetic reconnection events that can be seen across al-
most the entire electromagnetic spectrum, including gamma rays, x-rays (hard
and soft), ultraviolet, optical, and infrared (near, but mostly mid and far), mil-
limeter, and radio (Benz, 2017).

The first observations of a solar flare were independently made by Car-
rington (1859) and Hodgson (1859) on the first of September 1859. Both were
observing the Sun by means of projection without a filter, meaning that they
observed a so-called white light flare. This is a rare type of flare that requires
a large amount of energy to be deposited to the lower atmosphere to produce
this white-light continuum emission. It is generally believed that only the most
energetic flares can become white-light flares, although this notion is now be-
ing questioned after white light emission was detected in several weaker flares
(e.g. Jess et al., 2008; Kretzschmar, 2011).

It is possible that all flares emit white light to some extent but that it is
undetectable with current telescopes and instruments in most cases (Song et al.,
2020). It is likely that Tennant (1868) was the first to use the term ’flare’
to describe these phenomena, however the word has become a bit muddled
since then and often confused with coronal mass ejections. Attempts to rectify
this have been made with a proposed modern definition of the term given by
Benz (2017), who defines them as "a brightening of any emission across the
electromagnetic spectrum occurring at a time scale of minutes to hours."

After their discovery, flare research shifted for a large part into Hα where
much weaker flares could be seen, and thus the detection frequency increased
dramatically. In 1942 during the second world war, it was discovered that the
Sun could be detected in radio, as its signal interfered with the military radar
observations. Over a decade later the first X-ray measurements were made
by Peterson and Winckler (1959) with the help of balloon mounted telescopes
(Benz, 2017).

Around this time a need arose to classify flares. The first to attempt this was
Reid (1963), who proposed a five-point scale based on the size (in square de-
grees) of the flare. A number of other systems were proposed in the following
years (e.g. Svestka, 1986; Bai and Sturrock, 1989), including the much simpler
system proposed by Baker (1970). According to this system, flares would be
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classified based on the peak flux observed in the 1-8Å channel of the Geosta-
tionary Operational Environmental Satellite (GOES), purely because radiation
in this band was largely responsible for telecommunication disruptions. At
first, three classes of flare were suggested, designated by the letters C, M, and
X respectively1, with the A and B class being added in the early 90’s to distin-
guish between weaker flares that could now be detected more readily (Phillips
and Feldman, 1995). Each of the five classes corresponds to a peak flux power
(in W/m2) of 10 to the -8th power and below A-class flares, 10 to the power of
-7, -6, -5 respectively for classes B,C and M, and 10 to the -4, and above for
X-class. Additionally, each class is subdivided into 10 equidistant sub-classes
designated by the numbers 1-9. This means that for example, an M6 type flare
is 10 times as energetic as a C6 type flare, and two times as energetic as an M3
type flare. The X-class is treated as being open-ended so stronger flares can
get designations like X20 (e.g. Spirock et al., 2002).

These numbers are put into context by Eren et al. (2017), who describes
each of the classes in the following way:

• A-class flares are the smallest and close to background levels in intensity.
They are often called subflares.

• B-class flares are very small in size and their effect on Earth is negligible.
Some also consider these as subflares.

• C-class flares are small mostly without plasma eruptions and with few
noticeable consequences on Earth.

• M-class flares are medium-sized. Many M-class flares are accompanied
by a coronal mass ejection. They generally cause brief radio blackouts
that affect Earth’s polar regions. Minor radiation storms sometimes fol-
low an M-class flare.

• X-class flares are large and powerful. They are a major cause of radio
blackouts and long-lasting radiation storms in the upper atmosphere of
the Earth.

Like with the classification, attempts have been made to understand the
average behavior of flares. An informative attempt was made by Kane (1974),
who divided up the lifetime of a flare into three phases, which are illustrated

1The reason that these letter designations were chosen was to avoid confusion with optical
classification and to allow for the insertion of sub-classes. However, this was soon forgotten,
likely because it explicitly stated that citation, abstracting, and reprinting in open literature was
not authorized. A new ’backronym’ for the M (moderate) and X (extreme) types was introduced
not long after the A and B classes were added (e.g. Chamberlin et al., 2009), most likely to make
up for the strange jumps in letters.
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Figure 3.4: A schematic representation of the three different phases of a solar
flare observed in different wavelengths as a function of time. The approximate
duration of the precursor, impulsive and gradual phase are marked in the left part
of the image. Reproduced from Kane (1974).

in Fig. 3.4. First off, the flare starts with the precursor, which is characterized
by a slow and calm increase in the intensity of most diagnostics. It lasts for
about 10 minutes after which it either goes into the impulsive or the gradual
phase. The impulsive phase is characterized by a sharp peak in intensity, or
multiple peaks in a quasi-periodic manner, lasting for about 100s in total. This
is typically the time when a flare emits the most intense radiation. Finally, the
gradual phase shows a slower and more smooth increase in intensity up to a
maximum that is below the impulsive phase’s maximum. It typically lasts for
upwards of 10 minutes.

For large flares like the one that is discussed in Paper II, the overall be-
havior can be described by Fig. 3.5. Panel a shows the overall picture of an
eruptive flare after the impulsive phase. In Hα two bright flare ribbons can be
seen that are moving outwards, while an arcade forms between the two and ex-
pands upwards. A loop of material pushed upward by the reconnection hangs
above the arcade, it is called a CME if it is ejected outward into the heliosphere.
This diagram can be compared to an observation from Fig. 3.6, where a CO-
COPLOT (Druett et al., 2021) of an SST/CRISP observation in Hα is shown.
The colors of the image represent the intensity of the profiles along with the
spectral window. There is a strong resemblance between the cartoon and the
observation, with bright flare ribbons on both sides and an arcade between the
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Figure 3.5: A cartoon showing the evolution and overall shape of an eruptive
flare. Left: Key observational features of an eruptive flare after the impulsive
phase. Middle: Magnetic field lines showing the initial rise of a sheared arcade.
Right: The risen field lines loop back on themselves and are at the point of re-
connection. Reproduced from Priest and Forbes (2002)

Figure 3.6: A COCOPLOT of an observation of an X9.3 class flare in a later
stage of its life. The flare ribbons separated apart with an arcade connecting
the two. Intensities at lower wavelengths are denoted as blue, near the center
with green, and at greater wavelengths with red. The color displayed per pixel
shows the relative intensities of these three colors, meaning that a heavily red-
shifted profile with most of its intensity in the red bin would be shown as red,
a blue-shifted pixel would be blue and a broadened profile that is equally bright
everywhere is seen as white. COCOPLOTs are a useful way of displaying profile
dynamics in a single image.
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two that shows material rising from the further off ribbon and coming down on
the other side.

The white pixels seen in Fig. 3.6 signify a very broad profile that has a
similar intensity throughout the spectral window of Hα in SST/CRISP. Fig.
1 of Paper II shows that this is indeed the case and in fact, the very thing that
made it possible to use the assumptions made in this paper, as the Hα emission
from the flare ribbon could be approximated as continuum emission, helped us
separate the contribution from the jet and the background. Despite the fact that
this property of the flare emission was used, it is in fact poorly understood what
causes the extreme amount of broadening in these profiles. Broadening of up
to 5 Å from the line center has been observed before (Ichimoto and Kurokawa,
1984; Zarro et al., 1988; Wuelser and Marti, 1989), where a potential expla-
nation for them was the blending of profiles due to low resolution. However,
such profiles can still be observed at high resolution in modern observations,
but lack a lot of information on them due to the narrowness of the spectral win-
dows as opposed to traditional spectrographs (Zharkov et al., 2020; Zharkova
et al., 2020). The advent of broadband spectropolarimetric imagers that utilize
two or more instruments at once to sample multiple wavelength ranges at the
same time will likely help shed light on this problem.
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4. Atmospheric diagnostics

When we try to pick out anything by itself, we find it is tied to
everything else in the universe.

– John Muir

In this chapter a summary will be given of the fundamental physical concepts
and theories required for research regarding the solar atmosphere, focusing
on the photosphere and chromosphere. Firstly, the concept of local thermal
equilibrium (LTE) is discussed, where it can be applied, and what to do when
LTE isn’t a good assumption, followed by the fundamentals of polarization
and the Zeeman effect, covering how these concepts are used to infer physical
parameters from spectro-polarimetric observations. The focus then shifts to the
topic of radiative transfer and the formation of spectral lines before covering
the most important spectral lines that are used to study the chromosphere and
discuss their merits. Methods for the inferring of magnetic fields on the Sun
are discussed as well as the effects of limb darkening and how this is used as a
diagnostic.

4.1 LTE vs Non-LTE

When discussing temperature, we typically mean the temperature of the plasma.
For radiation originating from the photosphere, the temperature is often equiv-
alent to the brightness temperature, but for radiation originating from the chro-
mosphere and above this is no longer the case. The reason for this has to do
with the properties of the plasma and the environment in which it resides.

Considering the simple case of a gas in an ’ideal box’, the gas and the
blackbody radiation reach a condition where all the temperatures are equiv-
alent and do not change with time. This condition is called thermodynamic
equilibrium (TE). In such a case the distribution of atoms over different exci-
tations is given by the Boltzmann distribution, and the distribution of atoms
between different stages of ionization is given by the Saha equation. The for-
mer being [

nr,s

nr,t

]
T E

=
gr,s

gr,t
e−(χr,s−χr,t)/kT , (4.1)

where nr,s is the number of atoms per unit volume in level s of ionization stage
r, gr,s the statistical weight of level s in stage r, χr,s the excitation energy of
level s in stage r, measured from the ground level (r,1) of stage r and χr,x −
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χr,t = hν for a radiative transition between levels (r,s) and (r, t), where level s
is “higher” (more internal energy) than level t.

The Saha equation is[
Nr+1

Nr

]
T E

=
1

Ne

2Ur+1

Ur

(
2πmekT

h2

)3/2

e−χr/kT , (4.2)

where Ne is the electron density, me the electron mass, with Nr and Nr+1 the
total population densities in the two successive ionization stages r and r+ 1,
χr = hνthreshold the ionization energy of stage r (the minimum energy needed
to free an electron from the ground state of stage r). Ur is the partition function
given by

Ur = ∑
s

gr,seχr,s/kT . (4.3)

The two can be combined into the Saha-Boltzmann distribution.[
nc

ni

]
T E

=
1

Ne

2gc

gi

(
2πmekT

h2

)3/2

e−χci/kT . (4.4)

Here ni and nc are the population densities of level i and the number density
of ions in ionization level c. Ne is the electron density, me the rest mass of an
electron, gc and gi the statistical weights and finally χci which represents the
ionization energy to go from level i to state c.

This model is completely consistent for an ’ideal box’, but may not hold
for a star which has a net outwards flow of energy and a varying temperature.
This means that gas particles or photons can move from their initial position
to a new hotter or cooler location. These gas particles then interact with the
environment by means of collisions and by absorbing and emitting photons.
However, the TE conditions can be used as a good approximation to regions of
the Solar atmosphere where the distance over which the temperature changes is
large when compared to the distance traveled by gas particles and photons (the
mean free path). This local environment will behave in much the same way
as our idealized example where the Boltzmann and Saha equations are valid.
This is typically called the local thermodynamic equilibrium (LTE, Carroll and
Ostlie, 2017). The source function for radiation in this situation is equal to the
blackbody Planck function (Sν = Bν Rutten, 2003).

In the photosphere LTE conditions typically hold to a good approxima-
tion, but there are several other parts of the atmosphere where this model is
also valid1. Above the photosphere, the radiation field decouples from local

1Perhaps the relevant example is that of regions sampled by the Atacama Large Millime-
ter/submillimeter Array (ALMA Loukitcheva et al., 2019), which samples an area of the Solar
spectrum where the photospheric opacity is so high that the continuum originated from the low
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Figure 4.1: An example of synthesized line profiles of the infrared calcium
triplet produced with the NextGen code by Andretta et al. (2005) in both LTE
and NLTE. One can clearly see that the difference between the two, primarily in
width and depth.

conditions, as the mean free path of the photons becomes comparable with the
length scales of changes in the atmospheric variables. Because of this decou-
pling, the plasma enters the so-called non-LTE (or NLTE) regime where the
simplifications mentioned above are no longer valid.

As a result of the non-local radiation field, the source function decouples
from the Planck function, thus it will have to be calculated by solving the
radiative transfer equation (See section 4.4) from the opacities and emissivities.
Failing to do so will give drastically different results, as is illustrated in Fig.
4.1, where the calcium triplet is synthesized under the same conditions in LTE
and NLTE. One can still make some use of the LTE assumption in an NLTE
environment, for example by using the LTE brightness temperature as a lower
estimate for the NLTE plasma temperature, as shown in Robustini et al. (2016)
to get a lower boundary for the temperature of a chromospheric fan-jet.

When one does want to account for NLTE effects, one can use an assump-
tion such as statistical equilibrium, which sets the gradients of the atomic level
populations and radiation fields equal to zero at each instant in time. This is a
valid assumption when the hydrodynamic timescales are much longer than the
timescales of radiative processes, thus even if the hydrodynamic variables are
changing with time constantly, an "equilibrium" for the radiation field can be

to middle chromosphere. The continuum in these bands is formed by H− absorbtion in the tem-
perature minimum and collisions between electrons and ions higher up. Both of these processes
are dominated by collisions, and thus LTE applies.
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reached at each instant for the hydrodynamic conditions that are present at that
instant. Therefore in order to integrate the radiative transfer equation, one has
to compute the source function explicitly by solving the statistical equilibrium
equations.

As shown above, this depends on the rates and the radiation field and this is
a non-linear and non-local problem. Typically this is solved in an iterative way,
which requires a much larger computational effort than with LTE calculations
(Rutten, 2003; Kubát, 2014). In Papers I and II this was done by means of
spectroscopic inversions ( See chapter 6.)

4.2 Polarization of light

Light behaves as a transverse wave, which means that the electric field vec-
tor oscillates perpendicularly to the direction of propagation. The amplitude
of this oscillation relates to intensity, while the direction of the electric field
vector relates to its polarization. Magnetic fields and scattering can leave im-
prints on the original polarization pattern of the light. By accurately modeling
these polarization signals, one can infer the magnetic field properties along the
line of sight of observation, thus gaining a better insight of the atmospheric
properties along this line of sight.

The polarization of the radiation field is conveyed by the Stokes parameters
(Stokes, 1852), a set of four observable quantities that are used to fully describe
the statistical properties of the observed electromagnetic waves. In this section,
the expressions for the Stokes parameters are derived in an intuitive manner
following the method described in Hecht (1970). This involves linking the
parameters to a set of hypothetical filters that transmit 50% of the unpolarized
incident light.

The first filter is isotropic, not discriminating between the polarization
states. The second and third filters transmit linearly polarized light and have
a respectively horizontal and diagonal transmission axis. The fourth filter is
opaque to linear states, only letting through right-handed circularly polarized
light. If each of these filters is then positioned in an unpolarized beam of light
and the intensity is measured at the end of the setup (See Fig. 4.2.), then the
Stokes parameters can be expressed in terms of the four measured intensities
I0, I1, I2, I3 to get the following equations:

S0 = 2I0,

S1 = 2I1 −2I0,

S2 = 2I2 −2I0,

S3 = 2I3 −2I0.

(4.5)
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Figure 4.2: a) A schematic representation of the theoretical measurement setup
of the Stokes parameters. b) A cartoon of the polarization with the arrows point-
ing in the direction of the light if the wave is travelling towards the reader in a
visual representation of Eq. 4.13 to 4.16.

In this representation, S0 is simply the intensity and the remaining three
parameters specify specific polarization states. S1 represents a horizontal state
when S1 > 0 or a vertical state when S1 < 0. If S1 = 0 then the light has no
preferential orientation along these axes. In this case, it can still have a pref-
erential orientation along the diagonals and have a circular polarization or be
unpolarized. S2 represents the diagonals in a similar way to S1 and S3 reveals
whether the beam is right-handed (S3 > 0), left-handed (S3 < 0) or neither if
the value is zero. This representation of polarized light is not unique, and other
equivalent definitions exist. However, this one gained popularity over the oth-
ers thanks to Stokes’ work and is now the standard in most scientific fields that
work with polarization

Next, consider the general expression for a quasi-monochromatic1 electro-
magnetic wave propagating in the z direction. Which is a valid assumption
when looking at the Sun.

Ex = E0x(t)cos(ω̄t −δx(t)) x̂, (4.6)

Ey = E0y(t)cos(ω̄t −δy(t)) ŷ. (4.7)

1Because of natural broadening, see section 4.5
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Here, Ex and Ey are electric field in the x and y direction respectively, with
E(t) = Ex(t)+Ey(t). E0, the wave amplitude, ω̄ the mean angular frequency
and δ the phase.

Additionally, the incident irradiance is given by

Ī = ε0c
(〈

E2
x (t)

〉
+
〈
E2

y (t)
〉)

, (4.8)

where the angled brackets indicate the time-averaged value, ε0 is the vacuum
permittivity and c the speed of light.

When averaged over a relatively long time interval compared to the coher-
ence time of the wave1, the cosine term averages out and the intensity takes
the form

I =
ε0c
2

(〈
E2

0x
〉
+
〈
E2

0y
〉)

. (4.9)

This is equivalent to S0 and thus to 2I0 by the definition in Eq. 4.5. In order to
get S1 one first needs an expression for the intensity transmitted by a horizontal
linear polarizer. This is equal to the x component of the total field, which can
be denoted as I1 =

ε0c
2

〈
E2

0x

〉
. Substituting this into Eq. 4.5 then gives

S1 =
ε0c
2

(〈
E2

0x
〉
−
〈
E2

0y
〉)

. (4.10)

S2 is found by defining E45(t) =
(x̂+ŷ)√

2
E(t), meaning that I2 = ε0c

〈
E2

45

〉
and

therefore
S2 =

ε0c
2

〈
2E2

0xE2
0y cosδ

〉
, (4.11)

where δ = δy −δx. The last required parameter is found by first evaluating I3,
which can be constructed from the E45 linear polarizer defined above, and a
quarter-wave plate. If the fast axis2 is placed along ŷ, one will then find that
the y-component is ahead of the x-component by π

2 . This is equivalent to a
right-handed beam, which means that the proposed filter I3 has to be opaque
to left-handed polarization. This is achieved by placing a retarder before the
polarizer. The retardation can be introduced in the equation by adding a π

2
term to the phase component. The field is the same as for S2 but with the
added phase. (δ ′ = δ + π

2 ) This gives us the final parameter in the form of

S3 =
ε0c
2

〈
2E2

0xE2
0y sinδ

〉
. (4.12)

In solar physics S0, S1, S2 ,andS3 are denoted as I,Q,U,andV . Addition-
ally, it has become common practice to drop the constant ε0c

2 from the equa-
tions, by choosing units in a way that set it to 1. This results in the following
four equations in terms of amplitudes and relative phase:

1typically of the order of 10−9 s.
2Light polarized along the fast axis encounters a lower index of refraction and travels faster

through wave plates than light polarized along the slow axis.
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I =
〈
E2

0x
〉
+
〈
E2

0y
〉
, (4.13)

Q =
〈
E2

0x
〉
−
〈
E2

0y
〉
, (4.14)

U =
〈
2E2

0xE2
0y cosδ

〉
, (4.15)

V =
〈
2E2

0xE2
0y sinδ

〉
. (4.16)

Note that the Stokes parameters obey I2 ≥ Q2 +U2 +V 2, and that the de-
gree of polarization can be defined as

P =

√
Q2 +U2 +V 2

I
. (4.17)

In a similar way the degree of linear polarization can be defined by exclud-
ing Stokes V from the equation above, or the degree of circular polarization
by excluding Stokes Q and U (Rybicki and Lightman, 1979). A basic method
for inferring the magnetic field with the Stokes parameters is presented in the
following section. Later in chapter 6 it is shown how inversion codes apply
these concepts and infer solar parameters from line profiles.

4.3 The Zeeman effect

The spectral lines produced by gas can react in the presence of a magnetic
field, widening or even splitting into several components, as well as leaving an
imprint in the Stokes parameters. This phenomenon is called the Zeeman effect
after its discoverer (Zeeman, 1896), who noticed the effect on sodium vapor
in laboratory conditions. The effect was measured in the Sun about a decade
later by Hale (1908), but interestingly enough this widening was noticed and
reported as far back as 1866 (e.g. del Toro Iniesta, 1996a, and the references
therein), but not understood.

An intuitive way to describe this is by looking at the classical description
of an atom as an oscillator, which holds only for a spectral line whose lower
and upper levels have then angular momentum J=0 and J’=1 respectively1. In
this case, one can decompose the oscillation of an electron into three separate
components, each with their own frequency (see Fig. 4.3). From this, one can
see that two extreme situations arise, depending on the viewing direction of
the observer. If one observes along the the direction of the magnetic field, one
finds both clockwise and counter-clockwise circular polarization at a respec-
tive frequency of ν0 + ḡνl and ν0 − ḡνl , where ν0 is the unperturbed frequency

1With J the total angular momentum of the electrons.
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Figure 4.3: Components of oscillation along the magnetic field. The π compo-
nent keeps its unperturbed frequencies while the σ components have their fre-
quency shifted by ±νL. Reproduced from Sanchez et al. (1992).

and νl the Larmor frequency1 which scales linearly with Bext . However, if one
observes perpendicularly to the magnetic field, then one will find linear polar-
ization parallel to the magnetic field and linear polarization perpendicular to
the field at a respective frequency of νπ = ν0 and νσ = ν0 ± ḡνl . The shifted
components are commonly known as the σ components and the stationary
component as the π component.

Here ḡ is the effective Landé factor, which acts as a scalar that represents
the sensitivity of the line to the magnetic field. In the photosphere there are
several lines available with relatively high ḡ of around 2, making it much eas-
ier to measure magnetic fields in this layer. In the chromosphere, there is much
less choice available, as ḡ is typically lower than 1 and many lines are blended
with others. This is the reason why Ca II 8542 Å is such a popular line for po-
larimetric studies, given that it is a strong line without blends and a ḡ close to 1.
On the other hand lines with low ḡ are also useful, as their shape is not affected
by the magnetic field around them, which makes them ideal probes for the
thermodynamical properties of magnetic regions (e.g. Landi Degl’Innocenti,
1982).

These two special cases of the Zeeman effect are known as the Longitu-
dinal Zeeman effect (only circular polarization) and Transverse Zeeman effect
(only linear polarization) respectively. Of course, usually the observer is not
aligned perfectly with either orientation and thus sees a combination of the
two. In quantum theory, this example can be generalized to allow all possible
values of J, rather than just the transition from 0 to 1.

1See Fig. 4.3.
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Depending on the transition, this is described by the normal Zeeman ef-
fect, which is equivalent to the classical case and a number of other transi-
tions. However, unlike in the classical case, some transitions produce more
than three frequencies, which is called the anomalous Zeeman effect. The split
introduced by either Zeeman effect is typically less than other line broadening
effects1, and therefore not measurable directly in the intensity profile. Instead,
the polarization effects that it produces can be measured. For this reason, the
Zeeman splitting is also known as Zeeman broadening (Sanchez et al., 1992;
Stix, 2002; Landi Degl’Innocenti, 2004).

Doppler broadening2 can be a further complication to measuring the Zee-
man broadening. Doppler broadening effect is caused by the projection in
the line of sight of the velocity of the atoms and molecules produced by their
Brownian motion. These different individual particle velocities result in dif-
ferent Doppler shifts, which collectively result in a distribution of wavelengths
that is broadened about the line central wavelength and produces a Gaussian
broadening. The full-width half max (FWHM) of a spectral line profile due to
Doppler broadening is given by

∆λD =
λ0

c

√
2kBT

m
+ v2

turb. (4.18)

With vturb, being the microturbulent velocity (or microturbulence3) and λ0 the
line’s central wavelength when the material is at rest with respect to the ob-
server. On the other hand, the Zeeman broadening is given by

∆λZ =
λ 2

0 e0Bext

4πmec2 . (4.19)

As discussed previously, the Zeeman effect leaves an imprint on the Stokes
parameters, which in many cases is a less degenerate way to infer the mag-
netic field than from the intensity profiles directly. This is nowadays done by
means of inversions or by applying the weak field approximation (WFA Landi
Degl’Innocenti and Landi Degl’Innocenti, 1973). The latter being an approxi-
mate solution of the radiative transfer equation (See section 4.4.). Where one
assumes that the field is constant over the depth in which the line is sensitive,
so in both wings and core, and that it is ’weak’, meaning that ḡ∆λZ/∆λD ≪ 1.
For the Fe I 6301 and 6302 Å lines, which are commonly used to measure pho-
tospheric magnetic fields, this would be Bext ≪ 1500 G, and for Ca II 8542 Å it

1See section 4.5.
2And other forms of broadening, see section 4.5.
3A parameter that accounts for unresolved plasma motions along the line of sight, but is

generally used as a fudge parameter to compensate other (Gaussian) broadening mechanisms
that are not accounted for by the model.
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would be Bext ≪ 1300 G. In both cases, the regime in which the magnetic field
can no more be considered weak is typically only found in flares and sunspots.

The equations for the WFA for the longitudinal and transverse magnetic
field are given in Landi Degl’Innocenti (2004),

V (λ ) ∝ B||
∂ I(λ )

∂λ
, (4.20)

and

Q(λ ) ∝ U(λ ) ∝ B2
⊥

∂ 2I(λ )
∂λ 2 . (4.21)

These equations show that Stokes V is proportional to the longitudinal part
of Bext , and that Stokes Q and U are proportional to the square of the transverse
part of Bext .

4.4 The polarized radiative transfer equation

Light produced in the lower layers of the Sun has to travel through the solar
atmosphere before eventually falling onto a detector. Depending on the com-
position and physical properties of this atmosphere, this light can be altered by
means of absorption or scattering and new light can be added by the medium
itself. The amount of absorption depends on the absorption coefficient αν of
the material and the amount of material that the light passes through. When the
light is unpolarized, this process is described by the radiative transfer equation
(e.g. Rybicki and Lightman, 1979; Rutten, 2003)

dIν

ds
=−αν Iν + jν . (4.22)

Here Iν is the intensity of light present at a given wavelength, s the geometrical
path length and jν the monochromatic emissivity. This equation can be re-
written in terms of the source function (Sν = jν/αν ) and the optical depth
(dτν = ανds), after which it becomes

dIν

dτ
= Sν − Iν . (4.23)

It can be solved as

Iν(τν) = Iν(0)e−τν +
∫

τν

0
Sν(tν)e−τν−tν dtν . (4.24)
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A well-known simplification, called the Milne Eddington approximation,
can be made when the medium is homogeneous, meaning that the source func-
tion does not vary with location. This simplification is used to construct a
model atmosphere in the next section.

Iν = Iν(0)e−τν +Sν

[
1− e−τν

]
(4.25)

When including polarization, the radiative transfer equation (RTE) stays
mostly the same, except that the absorption is now handled by the absorp-
tion matrix K and I and S become vectors. Following the notation from
Landi Degl’Innocenti (2004), if continuum scattering is neglected, the RTE
can be expressed as the sum of the continuum term and the line term

d
ds


I
Q
U
V

=−kc

·ηcont


I −Sc

Q
U
V

+κL ·ηline


I −SL

Q
U
V


 , (4.26)

where

ηcont =


1 0 0 0
0 1 0 0
0 0 1 0
0 0 0 1

 ,ηline =


hI hQ hU hV

hQ hI rV −rU

hU −rV hI rQ

hV rU −rQ hI

 .

Here κL(= kl/kc) is the ratio between the frequency-integrated line absorp-
tion coefficient (kl) and the continuum absorption coefficient (kc) at the given
wavelength. In the absorption matrix for the spectral line, there are three differ-
ent contributing terms, each of them sensitive to the magnetic field in a certain
geometry. On the diagonal, there are the terms hI , which can amplify or attenu-
ate the incoming radiation regardless of its polarization. The dichroism factors
hQ,U,V , account for the same process but are selective to only a certain polariza-
tion state. Finally, there are the anomalous dispersion terms rQ,U,V , which de-
scribe responsible for the cross-talk effects between Q, U, and V. These terms
together can be used to infer the magnetic field of the medium that the light
is traveling through, as both the h and r depend on the wavelength in the line,
the Doppler shift, and the Zeeman components. The procedure leading to the
numerical solution of the polarized radiative transfer equation (known as the
forward modeling) is one of the main building blocks of the spectropolari-
metric inversion techniques. The explicit expressions for the dichroism and
anomalous dispersion coefficients are found inLandi Degl’Innocenti (2004).
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However, even without exactly defining the h and r terms, one can see
that the continuum term of the RTE is not affected by magnetic fields1 and
kc remains the same as in a non-magnetized medium. This means that the
propagation matrix of the spectral line contains all information on the magnetic
field.

4.5 Spectral line formation

So far it has been shown that the radiation emerging from the solar atmosphere
is heavily affected by the physical properties of the medium that it has passed
through. Understanding how each of these properties changes a spectral line is
therefore crucial, as it allows us to invert the problem and infer these properties
of the atmosphere by looking at the behavior of different spectral lines along
the same line of sight.

This field was pioneered by Kirchhoff (1860), who proposed what are now
known as the Kirchhoff laws of spectroscopy, long before the advent of quan-
tum mechanics. Despite this, these laws still do a good job of describing the
workings of spectral lines. Kirchoff’s Laws of Spectroscopy are;

• Solids, liquids, and dense gases all emit a continuous spectrum, one that
becomes visible when these materials are heated.

• A rare gas, depending on its composition, will produce one or more
emission lines when heated.

• A rare gas placed between a continuous emitter and the observer will
produce absorption lines when cooler than the emitter behind it.

These laws describe solar radiation, with its general spectral shape being
that of a blackbody, against which both absorption and emission lines are seen,
caused by the various elements that are found in the solar atmosphere.

One can expand on this in a more analytical manner following Rutten
(2003) by once again looking at the solution for the radiative transfer equa-
tion in homogeneous medium (Eq. 4.25). The light that can be observed is a
combination of the original radiation of the background and the absorbed and
newly emitted light of the cloud that the light passed through. From this one
can consider three extreme cases,

• τ ≫ 1, the medium is optically thick and all of the incident radiation is
absorbed. In this case Iν ≈ Sν .

1This is true for the fields typically found on the Sun, but is not the case for extremely
strong fields like those found on magnetic white dwarfs (B ≥ 107).
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• τ = 0, the medium does not interact with the incident radiation and the
original radiation is preserved. In this case Iν = Iν(0).

• τ ≪ 0, the medium is optically thin and only weakly interacts with the
incident radiation. e−τν (D) can be approximated as 1−τν(D) to get Iν ≈
Iν(0)+ [Sν − Iν(0)]τν(D)

In the last case, spectral lines form only when the continuum opacity is
optically thin, something that can be illustrated by a varying τν of the line and
a continuous Iν(0) and Sν .

In Fig. 4.4 the possible situations are shown1. From left to right, beginning
with an optically thick medium where only the source function intensity is
observed. The next two panels show emission lines that are formed when the
source function is higher than that of the emitter behind it. The fourth panel
shows the effects of a cloud with a source function intensity that is lower than
that of the emitter behind it in the same situation. The last two panels show
line saturation, which happens when the medium in the line core becomes
optically thick, while the rest of the line is still optically thin. The situation in
the last panel is the approximation used for the fan-jet in Paper II, given that
the background radiation of the flare had broadened the Hα profiles to such
a degree that they resembled the continuum. This also provides the building
blocks to Beckers’ cloud model (Beckers, 1964), which was the basis of paper
II.

As described in chapter 2, it is known that the temperature in the pho-
tosphere decreases with increasing height, and that the LTE approximation
hold to be generally true, which explains why most photospheric lines are
in absorption2. In the chromosphere and above the physics get much more
complicated as the radiation enters the NLTE regime and the source function
decouples from the temperature. This can result in lines with shapes that can-
not be explained by the above single-layer atmospheric model, including the
Ca II 8542 Å profiles with flat cores that can be found in plage and have been
studied in Paper I, or the self reversed Ca II H & K lines.

There are several processes that can broaden a line, adding a level of de-
generacy to the problem as the way in which these processes broaden a line
can be very similar (Rutten, 2003). Taken together, these effects tend to result
in a Voigt profile with a Gaussian core and Lorentzian wings, but the differ-
ing velocities at the sampled layers in a spectral line can introduce additional

1excluding the τν = 0 case, although this would be equivalent to the first panel.
2This is not the case in the far UV (below 200nm), where the tail of the black body de-

creases rapidly while the lines increase in opacity, which results in us seeing a hotter blackbody
corresponding to the chromosphere. The same happens in the far-IR and beyond, as the opacity
increases (Foukal, 2008).
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Figure 4.4: Spectral lines as a result of two interacting media with constant
source functions (which is not the case for the Sun). No spectral lines emerge if
the medium is optically thick (top left). For the optically thin case, emission lines
occur as long as the source function is higher than the incident radiation. The
inverse case produces absorption lines, and in both cases, line saturation occurs
when the line becomes optically thick in the line center. Image reproduced from
Rutten (2003)
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asymmetries. The main broadening mechanisms are listed below.

• Natural broadening, a result of the uncertainty principle between the
lifetime of an excited quantum state and its energy. This type of broad-
ening produces a Lorentzian profile with no associated shift.

• Collisional broadening, caused by the collision of particles which shorten
excitation lifetimes and thus increase the uncertainty in energy. This
type of broadening produces a Lorentzian profile.

• Doppler broadening, caused by the distribution in velocity and vary-
ing direction of motion of the particles. This causes emitted photons to
be slightly red-, or blue-shifted, causing the profile to broaden follow-
ing an unshifted Gaussian. This effect is strongly correlated with the
temperature.

• Microturbulence, similar to Doppler broadening but likely caused by
non-thermal effects. This effect is traditionally used as a fudge factor of
sorts in inversion codes to explain broadening effects larger than would
be allowed by Doppler broadening alone. This type of broadening pro-
duces a Gaussian profile with no associated shift.

• Opacity Broadening, caused by a differing opacity in the line core ver-
sus the wings, as shown in the example above.

• Electric or Magnetic broadening, caused by the Stark and Zeeman
effect respectively, by splitting the energy levels of the particles.

• Isotopic broadening, caused by differing atomic isotopes. This effect
can introduce asymmetries into a line, as is the case for Ca II 8542 Å (Leenaarts
et al., 2014).

4.6 Inferring solar magnetic fields

The inference of magnetic fields has been a part of solar physics ever since
Hale first measured the Zeeman split introduced by the magnetic field of a
sunspot in several lines (Hale, 1908), although first reported by Lockyer (1868)
as found by del Toro Iniesta (1996b). The importance of the subject grew over
the years since, but only truly took off in the 1960s, when vector magnetome-
try (the practice of looking at both the linear and transverse magnetic field) be-
came a popular tool for interpreting MHD structures of the solar atmosphere.
The field then slowly advanced with the advent of higher resolution obser-
vations and more powerful computers with larger storage capacity (Stenflo,
2017).
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The chromosphere is largely dominated by magnetic fields due to the low
density of material in this layer. The density of the gas decreases exponen-
tially with height, while the magnetic field decreases at a slower pace. In the
photosphere, only strong fields of 1.2 kG and above can compete with the gas
pressure, which means that the gas pressure generally dominates outside re-
gions with strong magnetic field concentrations, like sunspots and pores. In the
chromosphere, the pressure decreases, and with that the required field strength
is required for the magnetic field to dominate over it.

In plasma physics, the term β is used to denote the ratio between the gas
pressure and the magnetic pressure. β = 1 is typically reached around halfway
up the chromosphere in the quiet sun (average height 0.9 Mm, see Fig 4.5),
but can occur close to 0 Mm in regions with high magnetic field strengths.
The chromosphere functions as a sort of transition between the layer where
plasma motions dominate, and the layer where magnetic fields dominate. This
with height decreasing pressure is also why fields spread out horizontally, go-
ing from concentrated regions to volume filling regions (e.g. Díaz Baso et al.,
2019).

In the lower photosphere, magnetic features cover at most 1% of the quiet
solar surface, but expand dramatically with height to the point where the entire
’surface’ is covered with much more complex fields in the middle chromo-
sphere (Solanki, 1998). As a result, the fields in the photosphere tend to be
much stronger than the more spread-out chromospheric fields, additionally the
Landé factors of spectral lines are typically larger in the photosphere. The
combination of these factors makes chromospheric magnetic fields harder to
measure than photospheric magnetic fields. The severity of this difference in
difficulty is perhaps best illustrated by comparing the timelines of research
findings regarding them. Chromospheric magnetic field measurements began
in the latter part of the 20th century, with notable observations being made by
Rust (1967) who used the Hα line to measure a 5 G field in a prominence
and Leroy (1977) who also observed prominences via the He D3 line and got a
similar result. Whereas photospheric fields have been measured since the early
20th century (e.g. Hale, 1908).

As a result, the bulk of magnetic field estimates to date have been made
in the photosphere, although strong efforts are being made now to study the
chromospheric and even coronal magnetic fields. At first, these measurements
were taken by measuring the Zeeman split directly (e.g. Hale, 1908), later the
weak field approximation was used, and still is in some cases (e.g. Vissers
et al., 2021). However, the most powerful tool right now is spectroscopic in-
versions, where an atmosphere (including magnetic field stratification) is fitted
to match the observations of a spectral line. See chapter 6 for a more detailed
explanation. This method was used in both paper I and paper II, although the
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magnetic field was not inferred in the latter.
It is important to understand the topology of the magnetic fields in order

to understand the chromosphere as a whole. The heating of the chromosphere
requires a large amount of energy, roughly an order of magnitude more than
that required to heat the corona and heliosphere combined. The temperature
increase with height cannot be explained with radiative heating and needs to be
aided by other processes that are in part driven by waves and magnetic fields
(Carlsson et al., 2019). Understanding chromospheric heating is an important
step toward understanding coronal heating and a better understanding of these
systems may make space weather predictions possible.

4.6.1 Magnetic fields in plage

Plage has been extensively studied in the photosphere1, and their magnetic
structure in this layer is well understood. The magnetic field in the lower
layers is concentrated in the intergranular spaces (e.g. Topka et al., 1992). The
vector tends to be mostly vertical, with average values slightly greater than
10◦ from the local vertical. However, this is only the case when the plage is far
enough from larger active regions like sunspots, as these tend to cause the field
to become more inclined. Plage close to larger sunspots has been observed to
have field inclinations as large as 48◦ (e.g. Bernasconi et al., 1994; Sanchez
Almeida and Martinez Pillet, 1994; Pillet et al., 1997).

The field strength of plage is measured to be around 1500 G in the pho-
tosphere (at logτ500 = −0.9, Buehler et al. 2015). Similar to the quiet sun
magnetic fields, the plage fields spread out with height due to the decreasing
gas pressure, going from very localized fields to a volume filling field which
decreases strongly with height (Solanki et al., 1992, and references therein).
This was confirmed by Buehler et al. (2015), who detected the expansion of
magnetic elements as a function of height using inversions.

The fact that magnetic fields in plage are mostly vertical (in regions far
enough from sunspots) further complicates efforts to measure complete field
vectors at larger heights. Studies of plage in the photosphere suggest that the
field might become more inclined further up (e.g., Solanki et al., 1992; Buehler
et al., 2015). This was recently confirmed by Anan et al. (2021b), who found
a near-horizontal chromospheric field above plage. However, the results from
Paper I and Morosin et al. (2020) both showed a much more vertical field. A
potential explanation for this is that both of these papers were studying plage
near a pore. With only a handful of chromospheric plage magnetic field esti-
mations have been made to date, the topology of the magnetic field is still a
subject of ongoing discussion.

1Where it is sometimes known as facular regions.
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There seems to be more agreement when it comes to the strength of the
field, with Paper I, Morosin et al. (2020) and Anan et al. (2021b) all reporting
values around 400 G. In the case of Morosin et al. (2020) a plage region was
observed in three different spectral lines with a spatially-coupled weak-field
approximation in order to infer the stratification of the field in different opacity
windows. Their reported value is for the longitudinal magnetic field. However,
if the field is still mostly vertical at these heights, the value should be close to
|B|. Finally in Anan et al. (2021b) inversions of the He I 10830 Å were per-
formed in order to infer the magnetic field vector. Besides that Ishikawa et al.
(2021) inferred the longitudinal1 magnetic field strength in the higher chromo-
sphere using Mg II h & k observations. Asensio Ramos et al. (2017) measured
the transverse component of the magnetic field, which was obtained by taking
the median value of a Bayesian hierarchical model of the linear polarization of
the data. The distribution itself is lopsided towards the higher values, with a
tail that goes past 200 G. In the case of this measurement, it is important to re-
mark that the plage that was used is a young emerging-flux region and that the
measurements were performed over elongated fibrillar structures. Therefore
these measurements do not fit our definition of plage, which should be kept in
mind when comparing the value to the rest. Finally, a value of |B| = 200 G
is mentioned in the review paper by Carlsson et al. (2019) as the ’canonical
value’, but no reference is given.

4.7 Chromospheric spectral lines

Physical conditions in the chromosphere can be inferred through the analysis
of the spectral features that form there. In the following section the most com-
mon chromospheric diagnostic lines, as described in Carlsson et al. (2019), are
discussed. This is illustrated for several of these lines in Fig. 4.5, showing
their relative heights in a slice of a Bifrost model (Gudiksen et al., 2011). In
this figure, one sees how the activity inside the solar atmosphere can affect the
line formation height. For this reason, height in the atmosphere is described in
terms of logτ500, rather than a given amount of km above the solar surface.

In the optical wavelengths, several chromospheric lines have been the fo-
cus of solar research for a long time due to their accessibility for ground-based
observations. The most notable amongst these are the Ca II H & K and
Ca II 8542 Å lines. The Ca II H & K lines can be found at 3968 and 3934
Å respectively. These lines both have the ground state of Ca II as a lower

1The transverse magnetic field is defined with respect to the line of sight as B′
⊥ and the

longitudinal magnetic field in the same reference frame as B′
||. Their unprimed counterparts

represent the same quantities with respect to the solar surface.
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Figure 4.5: Several diagnostics from the photosphere to the higher chromosphere
shown in a vertical slice of a Bifrost model. Optically thick lines are displayed
at τ = 1 and for the optically thin He I 10830 Å line the contribution function
to intensity is shown. Additionally the plasma β = 1 line is given. Image repro-
duced from de la Cruz Rodríguez et al. (2019).

level, which is the dominant ionization stage up to about 13000 K. Their opac-
ity is strongly correlated with the column mass1, and the source function is
partially coupled to the local Planck function, making these lines a good di-
agnostic for the local temperature. Additionally, the short wavelength of the
lines translates to a higher diffraction-limited spatial resolution. The Ca II IR
triplet lines are found at 8498, 8542 and 8662 Å respectively. All three have
a metastable level as their lower levels, which means that their opacity is more
temperature-dependent than the H and K lines. The most used of the three is
Ca II 8542 Å , as it has the strongest magnetic sensitivity of the three and is
least troubled by blends.

As a result, the Ca II 8542 Å line has become one of the foremost chromo-
spheric diagnostics for temperatures, line-of-sight velocities, and the magnetic
field vector (see, e.g., Socas-Navarro et al., 2000a; López Ariste et al., 2001;
Pietarila et al., 2007; de la Cruz Rodríguez et al., 2012, 2015a; Quintero Noda
et al., 2017; Henriques et al., 2017; Centeno, 2018; Díaz Baso et al., 2019). It
is also the line that was used for the observations in Paper I.

Next are the Hα line and He I 10830 Å . The former is very temperature
sensitive to photospheric temperature variations (3 to 6 kK) due to the lower
level having a relatively high excitation energy. This effect becomes evident
in the line wings, where the switch from seeing the chromospheric features
to granulation happens very rapidly with changing wavelength, without seeing
the cooler inverse-granulation around the temperature minimum. Coupled with
the low atomic weight of hydrogen, the photospheric temperature sensitivity
results in large amounts of thermal broadening. Because of this, the width

1the integrated mass along the line of sight
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of the line is used as a diagnostic for temperature, but compared to the other
lines it is not a good diagnostic for non-thermal motion. Under chromospheric
temperatures, the optical depth of the line becomes proportional to the column
mass (Leenaarts et al., 2012). This concept was the basis of the cloud model
diagnostics used in Paper II.

The He I 10830 Å line is found on the opposite side of the optical spec-
trum from the Ca II H and K lines, resulting in a potential diffraction-limited
resolution that is 3x lower. Despite this, the line is an important diagnostic
for the upper chromosphere due to its high excitation energy that is primarily
sensitive to recombination after photoionization by the coronal radiation field.
The absorption by hydrogen and helium prevents this process from happening
lower in the chromosphere. This peculiar line formation mechanism results in
an optically thin line formed in a thin layer above Ca II 8542 Å and below Mg
II K, see Fig. 4.5. The line is a diagnostic to magnetic fields but is only clearly
visible in ARs.

In the ultraviolet wavelengths, there are the Mg II h & k lines at 2803 and
2796 Å respectively. These lines are comparable to the Ca II H & K lines,
but have a higher opacity due to the larger abundance of magnesium. The self-
reversed core is mostly decoupled from the Planck function, making them poor
diagnostics for temperature, but in turn they are sensitive to Doppler shifts
which makes an excellent diagnostic for the line-of-sight velocity at τ = 1.
These lines are observed by the IRIS satellite.

4.8 Center-to-limb observations

Center-to-limb (CLV) measurements were used in the mid-20th century to cre-
ate empirical models of the photosphere. This was primarily based on the
Eddington-Barbier relation, which states that the emergent intensity along the
line-of-sight is is approximately equal to the source function at a vertial optical
depth equal to µ , or I(µ,0)≈ S(τ = µ).

Continuum CLV observations were made at different wavelengths in or-
der to probe the source function at different heights in this atmospheric layer.
However, the highest points of the layer were still uncertain due to the fact that
it was (and still is) very difficult to obtain accurate measurements at a helio-
centric angle close to ≈ 90◦ (a value that is typically expressed as the cosine
of the heliocentric angle, commonly called µ), due to the fact that the cur-
vature of the limb, uncertainty in the exact limb location and sharp transition
between µ values all make it difficult to sample this area sufficiently (e.g. de
Jager, 1952; Pagel, 1955). Perhaps one of the most complete CLV studies is
the one done by Neckel and Labs (1984), where the continuum limb darkening
has been inferred for wavelengths between 330 and 1250 nm. This data is still
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widely used today for calibration.
Besides the continuum, CLV measurements of spectral lines also prove to

be a strong tool for probing the source function in a more continuous manner,
given that the varying intensity of the line profile itself is directly related to
variation in the source function over the range of depths in which the line is
sensitive. In LTE, this is also a direct way to measure the temperature along
these depths (e.g. Voigt, 1950; Pagel, 1955; Alissandrakis et al., 2017). This
kind of research typically only extends to within a few arcseconds of the solar
limb. This is in part due to the fact that when very close to the limb, only a very
narrow range of heights in the solar atmosphere is sampled. This means that the
source function will mostly be constant throughout and thus becomes very sen-
sitive to local variations, like spicules. One would need many high-resolution
observations spread out over time in order to average out these effects. Other
attempts have been made before by using an eclipse (Weart and Faller, 1969),
where evidence of the photospheric temperature minimum was found. In Pa-
per III CLV measurements very close to the limb are touched upon lightly but
not explored in-depth, to do this one must go beyond the point where Neckel
and Labs (1984) stopped their observations.

Besides this, CLV measurements are also a good test for the accuracy of
atmospheric models in order to constrain line parameters and test the accuracy
of said models. For example, in Unsold (1955) the Milne-Eddington model is
compared to observations of lines that are dominated by absorption and scat-
tering processes. Similar checks were done by e.g. Vernazza et al. (1976),
Bjørgen et al. (2018), Alsina Ballester et al. (2021) to check the validity of their
models. Some have also used CLV measurements to constrain the elemental
abundance of spectral lines, which has been a driving factor for obtaining CLV
measurements of various lines (e.g. Moore et al., 1966). In these cases often
the full-width half-maximum and equivalent width are reported.

In paper III the CLV measurements for several photospheric and chromo-
spheric lines are presented, as well as the continuum. Where possible these
are compared the obtained values to literature and create reference profiles for
each line as a function of µ .

53



54



5. Observations and data
reductions

Instruments register only those things they’re designed to regis-
ter. Space still contains infinite unknowns.

– Mr. Spock

This chapter presents an in-depth look at the telescope and instruments with
which the data for the papers were taken, as well as the reduction process that
were applied to the data.

5.1 The Swedish 1-m Solar Telescope

The observations used in all three papers were acquired with the Swedish 1-m
Solar Telescope (SST, Scharmer et al., 2003a), located at an altitude of 2360 m
at the Observatorio del Roque de los Muchachos (ORM) on the Canary island
of La Palma. This is a popular location for professional telescopes and has
been a preferred location for European night-time telescopes since early site
testing in the 1970’s (Beer et al., 2016). A similar conclusion was made for
day-time telescopes, where contemporary site testing marked the future loca-
tion of the SST as the best in the world for such telescopes (Scharmer et al.,
1999). This opinion has not changed since, as a location next to the SST has
recently been pointed out as a potential site for the next generation European
large-aperture solar telescope (EST, Sosa Méndez et al., 2011).

Many variables are considered when ranking sites for a telescope, one mea-
sure for atmospheric turbulence is called the Fried parameter (r0, Fried, 1966).
It is important for solar telescopes due to the atmospheric heating caused by
the observed target. Light beams are disturbed when propagating through the
Earth’s atmosphere, with the amplitude of disturbance depending on the level
of turbulence and the associated refractive-index inhomogeneities. Each tur-
bulence cell in the Earth’s atmosphere deflects the light at a slightly different
velocity and direction.

When such a beam is later brought into focus onto a detector, the quality
of the image will be affected by the distortion of the shape and intensity of the
wavefront. The sum of these distortions is called the "seeing", and the Fried
parameter denotes the diameter of a circular area over which the root mean
square wavefront error caused by the atmosphere is equal to 1 radian. An
unaided telescope can only reach the diffraction limit when r0 is larger than
the telescope aperture (D, Fried, 1966). At the SST one typically wants an r0
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of at least 10 cm when taking observations, with ’good’ observations starting
above 15 cm. For data where the spatial information is not as important, a
lower r0 may be acceptable.

The SST is a vacuum tower telescope with an effective diameter of 97 cm
and an alt-az turret design. The turret of this domeless refractor is made as
compact as possible to minimize the disturbance of the wind. The large gears
and bearings inside the turret allow for a very high stiffness and precision,
resulting in a high stability against wind shaking (Mitchell, 1912; Dunn, 1964;
Wyller and Scharmer, 1985; Scharmer et al., 1999). The fused-silica entrance
window doubles as its first optical element, and is designed as a singlet lens
with a low thermal expansion coefficient.

The light is directed downwards from the turret into the main tube by
means of two folding mirrors under a 45◦ angle. The light then travels to
the bottom of the tower, where it is reflected at an angle into the Schupmann
corrector (Schupmann, 1913). This system re-images the 1-m singlet objective
onto a 25 cm corrector that consists of a negative lens and a mirror. The chro-
matic aberrations caused by the objective are then effectively canceled out by
the Schupmann corrector after the light makes a double pass through the cor-
rector lens. An achromatic image is formed at the secondary focus. After this,
the beam reaches a tip-tilt mirror that compensates for image motions from
seeing and tracking errors. Remaining aberrations are countered by an 85-
element hexagonal adaptive optics system that works with a Shack-Hartmann
wavefront sensor with a matching geometry (Scharmer et al., 2003b, 2019).
The turret design does not remove field rotation, which has to be taken care
of during the data-reduction phase. Because effective exposure times in solar
observations of this kind are by definition short, this will not introduce any
smearing as would be the case during longer exposures.

After being re-imaged, the beam is split into a red and blue beam by a
dichroic beamsplitter. The correlation tracker camera is located on the blue
beam. Images taken with this camera are used for a ’live view’ of the blue
beam, as well as fed into the correlation tracker computer, which calculates
the shift between two consecutive images and translates this into a tip and a tilt
offset for the tip-tilt mirror. The rest of the light in the blue beam is used for
scientific acquisition by the CHROMIS system. CHROMIS, which stands for
’CHROMospheric Imaging Spectrometer’ is a spectrometer based on a dual
Fabry–Pérot interferometer (FPI, Fabry and Perot, 1901), designed to function
at the wavelength range of 3800 to 5000 Å. The system is optimized for ob-
serving the upper chromosphere, primarily via the Hβ and Ca II H & K lines
(Scharmer et al., 2019).

The wavefront sensor (WFS) camera is located on the red beam and con-
trols the adaptive optics (AO) to compensate for the aberrations that are left
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Figure 5.1: Schematic drawing of the SST reproduced from Scharmer et al.
(2003a). Field lens and mirror are seen in A, the Schupmann corrector system is
seen in B and the tip-tilt, AO setup and re-imaging lens are shown in C.
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after the tip-tilt mirror counters the image shift. The rest of the light in the
red beam is used for scientific acquisition with the CRISP instrument. The
CRisp Imaging SpectroPolarimeter (CRISP, Scharmer et al., 2008), is an FPI
spectropolarimeter operating from 5100 to 8600 Å. Apart from the difference
in spectral operating range, CRISP is capable of measuring polarization by us-
ing ferroelectric modulation combined with a polarizing beamsplitter. CRISP
uses three cameras in its system, one for wide band imaging and two for si-
multaneous narrow-band imaging. CHROMIS has one narrow-band and two
wide-band cameras.

The heart of an FPI interferometer is the etalon. This is a pair of par-
tially reflective optical plates separated by a distance d. When light enters the
etalon, it will reflect multiple times where certain wavelengths will experience
constructive interference, while others experience destructive interference. By
controlling the incidence angle, and d, it is possible to tune which wavelengths
are transmitted and which are not. This makes it an excellent tool for single-
line spectroscopy. However, a fundamental problem with the FPI interferome-
ter is that the transmitted wavelength shifts with the angle of incidence, which
can result in a variable central wavelength across the field of view, which has
to be corrected during the reduction phase (Keller et al., 2015).

In the case of both CRISP and CHROMIS, quasi-monochromatic images
are produced by using two FPI etalons in tandem. See Fig. 5.2a, where a
theoretical representation of the approximate CRISP transmission profile at
630 nm is shown in. The first high spectral resolution etalon (HRE) defines the
observed wavelength and the second lower spectral resolution etalon (LRE)
suppresses the first few higher-order peaks. All other peaks are removed by a
prefilter that limits the spectral range of the incoming light.

Both instruments use the combination of high reflectivity for the HRE and
low reflectivity for the LRE, as initially proposed in Scharmer (2006). This
setup ensures a wide enough spectral passband for the LRE to accommodate
the wavelength shifts introduced by the cavity errors of the HRE. This ensures
a uniform throughput and, apart from wavelength shifts, a largely stable trans-
mission profile across the FOV (Scharmer et al., 2019). The image scales for
CRISP and CHROMIS are 0.06"/pixel and 0.04"/pixel respectively. Usually,
exposure times for CRISP and CHROMIS are 17.2 and 12 ms respectively.
These are the respective timescales required to "freeze" the seeing while also
exposing long enough to avoid domination by the read noise, allowing for im-
age reconstruction.
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Figure 5.2: a) CRISP and CHROMIS can achieve quasi-monochromatic images
by combining a prefilter, a high resolution FPI etalon to select the wavelength
and a low resolution FPI etalon to remove higher order peaks. Image reproduced
from de la Cruz Rodríguez et al. (2015b). b) Current optical setup at the SST in-
cluding the AO, WFS and the CRISP and CHROMIS re-imaging systems. Image
reproduced from Scharmer et al. (2019).

5.2 The SSTRED data-reduction pipeline

After the data is saved and transferred to Stockholm, a series of reduction
procedures are required in order to create a science ready data-cube1. During
these steps instrumental and atmospheric effects are corrected, images are de-
rotated and fringes and other non-source signals are removed. An outline of
this process is provided here, but for more details the reader is referred to de la
Cruz Rodríguez et al. (2015b) and Löfdahl et al. (2021).

In order to process SST data, the first step is to run a setup script that
analyzes the directory tree for that day’s observed data. Here both science
and calibration data will be identified and saved into a configuration file and
an IDL script containing the recommended processing steps. Additionally, a

1A FITS cube with the following parameters: [x,y,time,λ ,Stokes(I,Q,U,V)].

59



work directory is made for each of the two instruments.
Like with night-time astronomy, data corrections and calibrations should

in principle be applied in reverse order, starting at the detector and moving
towards the source (de la Cruz Rodríguez et al., 2015b). This implies that at-
mospheric corrections have to be applied at the very last step. However, this is
not possible due to the fact that polarimetric calibration can not be done before
all narrow-band states are co-aligned and de-stretched. Additionally, image
restoration is required before FPI wavelength shifts can be corrected, as oth-
erwise the spectra would become spatially incoherent between scans. Because
of these necessities, the data processing path becomes highly complicated.

Firstly the "darks", which are taken shortly after the science observations,
are summed and subtracted from all other data frames. The thermal noise
or dark current is created in the CCD detector by the thermal movement of
electrons on the chip. Cooling down the detector lowers the dark current. This
is not the case for the CRISP/CHROMIS cameras as the integration time is
very short (at most 16 ms) and the dark current can be ignored compared to the
read-out-noise of the detector.

Next, the "flats" are summed and likewise prepared to be applied to the
frames. These maps remove inhomogeneities in the sensitivity of individ-
ual pixels on the CCD. In order to do this an exposure is needed of a flat
and smooth surface in order to assure that all inhomogeneities in the final flat
are from differences in pixel sensitivities. The Sun does not typically have
a smooth surface, but in a quiet sun region the average area can be assumed
as such. Therefore, in solar observations, it is customary to point to a quiet
region around the disk center and move in circles around it while taking expo-
sures with the AO randomized. This ensures that all solar surface structure is
averaged out after the frames are summed. The statistics for both dark and flat
frames are checked before summing, and outliers are removed to ensure that
the final dark and flat frames are not ruined by shutter glitches, birds crossing
the FOV, etc. Bad pixels are found and set to zero in the gain tables. Later
steps interpolate these pixels with the average value of surrounding pixels.

Pinhole observations allow for inter-camera alignment. To achieve this
a pinhole array is placed in the Schupmann focus, which is assumed to be
the same in all camera states and can therefore be used to find the relative
orientation (rotation and mirroring) of each camera.

A light beam entering the SST passes four lenses and four mirrors be-
fore reaching the optical bench. They modify the polarization of the incoming
light as a function of the pointing angle. Additionally, the optical table con-
taining the CRISP and CHROMIS instruments also hosts a plethora of opti-
cal elements that can affect polarization. The polarimetric calibration is per-
formed based on the work described in van Noort and Rouppe van der Voort
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(2008) where calibration data is obtained by using a linear polarizer and a
quarter-wave plate, both installed just after the telescope exit window. The
quarter-wave plate makes a full circle with 10◦ steps for two (typically) linear-
polarization angles. This is enough to accurately infer the modulation matrix.

5.3 The MOMFBD routine

After the darks, flats, and camera alignment are taken care of, there is also
the matter of image restoration, more specifically the process called Multi-
Object Multi-Frame Blind Deconvolution (MOMFBD, van Noort et al., 2005).
This is used to remove aberrations that were not correctable by the AO (e.g.
areas outside the central patch surrounding the FOV of the wavefront sensor)
or ones that were introduced by the instrumentation. Post-acquisition image-
restoration techniques are capable of correcting these higher-order aberrations
because they do not suffer from time constraints, unlike AO. In the case of
MOMFBD this is done by dividing the FOV up into several subfields of ≈5"
each. This enables a particular assumption regarding the point spread function
(PSF) inside each of these subfields, namely that it is spatially invariant. It is
then assumed that any distortion inside such a subfield is a convolution of the
real image that has a constant PSF and the aberrations (Löfdahl, 2002). The
default way to parameterize these aberrations is by use of Karhunen–Loève
(KL) modes (Roggemann and Welsh, 1995), which are based on an expansion
of Zernike modes (Zernike, 1934) that have uncorrelated coefficients. Because
they come from Zernike modes, KL modes are indexed in the same dominating
order as was proposed by Noll (1976). However, when using these modes
in this order, the expected variance from the atmosphere does not decrease
monotonically. For this reason, the modes are reordered and truncated after
the desired precision is reached. The used order is: 2–6, 9, 10, 7, 8, 14, 15,
11–13, 20, 21. Any unknown wavefront aberration can be described as a linear
combination of this set of modes.

Due to the high cadence required to take full spectro(polarimetric) mea-
surements with CRISP and CHROMIS, only a few frames are collected per
wavelength position (and polarization state). This is typically too few to ap-
ply MOMFBD. This is solved by simultaneously collecting wide-band (WB)
images together with the narrow-band observations for either instrument. On
top of that, a second defocused WB camera is included for both instruments to
allow for phase diversity (PD) wavefront sensing. This allows for additional
constraints for the MOMFBD process by introducing a known parabolic dif-
ference in phase over the pupil (Gonsalves, 1982; van Noort et al., 2005). A
physical chopper is used for CRISP to synchronize its three cameras in or-
der to avoid unwanted variations due to readout rime differences. Additional
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Figure 5.3: Dataflow in the SSTRED pipeline. Input is shown as grey boxes with
rounded corners and consists of the raw data and polarization model. Diamond
boxes represent fitting and other processing. Output products are represented by
white boxes with rounded edges. MOMFBD is indicated separately in a black
circle. Reproduced from de la Cruz Rodríguez et al. (2015b).

62



Figure 5.4: Left: Comparison of image reduction with and without (above and
below the diagonal respectively) MOMFBD for a low-quality seeing disk-center
observation. In this case, the image without MOMFBD is of better quality. Right:
Comparison of image reduction with and without MOMFBD for a higher-quality
seeing disk-center observation. In this case, the image with MOMFBD is of
better quality.

constraints are given by the fact that seeing effects change with wavelength
position as the images are not exactly co-temporal.

Once the aberrations are minimized, a mosaic is created out of the sepa-
rate sub-images. Then the resulting cubes are corrected for the polarization
introduced by the telescope and optical table. This is done in reverse order,
starting with the correction for the table and moving backwards, after which
the same is done for the telescope. Finally, the individual scans are derotated
using the turret log pointing position and alignment of the granulation patterns
in the WB images.

This process tends to break down for observations taken under poor see-
ing conditions (r0 of 5 or lower), in which case the routine returns subcubes
with increased aberrations, likely because it reaches the end of a loop, and
uses whatever parameters it tried in the last iteration for the correction. The
result of this is a field of view that is filled with small squares in places where
the reconstruction fails. Not only do these squares cause the loss of spatial
information, but they also affect the spectra found in those regions, meaning
that these cubes cannot be usefully analyzed even if averaged over a large field
of view. This effect is illustrated in Fig. 5.4 where we can see the difference
between the output of high and low seeing data.

However, a way to use the lower quality seeing CLV data was required for
Paper III. This was necessary because the raw data contains fringes and flatfield
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Figure 5.5: Fringe removal from reduced data. a) A cartoon of the low-frequency
fringe extraction process. Each wavelength point (blue dot) contains a linear
combination of the fringes found in the left and right-wing points (yellow boxes),
which are denoted by several lines (black boxes). The fringes on either side can
be extracted by applying PCA to the outermost non-continuum wing points. A
linear combination of these two fringes is then subtracted from every point in the
full spectrum. b) A Stokes U line wing image, showing both the high- and low-
frequency fringes. c) The same image after the high-frequency fringes have been
removed with FFT filtering. d) The same image after the low-frequency fringe
was removed using our PCA fringe removal technique. Reproduced from Paper
I.

structures that are of the same order as the observed structures in the observa-
tions, including the limb darkening effects. This is why it was necessary to
modify the SSTRED pipeline to skip the MOMFBD step. This function is also
useful for time series with seeing dips as it allows for the time-continuity of
the data to be maintained, as well as for data where spatial resolution is not
relevant and as a quick look tool. This feature has now been implemented into
the SSTRED pipeline by means of a keyword that allows the user to set the
amount of MOMFBD iterations to 0, thus skipping the process altogether.

5.4 Post-reduction techniques

After the SSTRED reduction process, the polarimetric signal in the data was
not sufficiently strong. In order to get a signal, the fringes must be removed
and beat down the noise in the individual Stokes images. In this section the
steps that were applied in Paper I are presented as well as delving into the
theory behind each of them.

5.4.1 Fringe Removal

The CRISP frames have two fringe patterns in them that can already be seen in
the raw data. These consist of a stable high-frequency pattern that appears to
move in the final derotated cubes and a larger low-frequency pattern that seems
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to be more stable. The origin of these fringes is unknown1, and until recently
no centralized tools existed to remove them. For this reason, most people using
SST data developed their own tools to remove them (e.g. Vissers et al. 2020
and of course Paper I). In this section, the methods used in Paper I to remove
these fringes are described. The high-frequency fringes are currently removed
in the newest release of the SSTRED pipeline, and the method for removing
the low-frequency fringes presented in Paper I is currently being considered
for inclusion.

The high-frequency fringes vary in amplitude depending on which Stokes
parameter is observed. The largest amplitude is found in Stokes U , at 1.5 ·
10−3 Ic, where Ic is the continuum intensity. Stokes V has the second-largest
amplitude at half the value of Stokes U , Stokes Q only has 13% of the ampli-
tude, and Stokes I 5%. The fringes in Stokes I can be neglected due to their low
amplitude and the strong signal in this Stokes parameter, but have to remove
them in the remaining three before any inferences can be made from this data.
The easiest way that was found to remove them in this work was by using a
two-dimensional Fourier transform of the image (Lim, 1990). This transform
enables viewing of the frequency domain of the data, which in the simplest
terms is a map of the periodicity of patterns in the data. Since these fringes are
clean, periodic and have a high frequency, well separated from the data which
has the bulk of its frequencies around 0. If the peaks are then removed from
the Fourier map and then the inverse transform is applied, to return the image,
this will effectively remove the fringes.

Of course, it is important to make sure that the mask always covers the
fringes, but does not remove any additional data. This is hard to achieve in
practice with the final data product, as the images have been derotated, and
thus the peaks move in the Fourier plane over time. This issue was addressed
by applying this step before the derotator. In Fig. 5.5 b and c the effects of this
method on the data are shown. This method is similar to the procedure used for
removing fringes in observations made by the Sunrise telescope (Pillet et al.,
2010). In the current SSTRED pipeline this correction is applied to the images
from the polarimetric calibration instead of the data images, which allows for
a cleaner subtraction.

Low-frequency fringes cannot be removed in the same way, as they are not
well separated from the data, and so masking that frequency would lead to sig-
nificant loss of data. Instead these fringes were removed by applying Principal
Component Analysis (PCA, Pearson, 1901). This is a technique that allows
for a reduction of the dimensionality of datasets, making the result easier to
interpret while minimizing the information loss. This is done by restructuring

1Some guesses are made at the end of this section.
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the data into orthogonal variables that are sorted by variance. These variables,
commonly known as principal components, are defined by the dataset alone
and free of a priori bias, which makes PCA an adaptive data analysis tech-
nique with many different uses (e.g. Jolliffe and Cadima, 2016; Skumanich and
López Ariste, 2002; Eydenberg et al., 2005). An intuitive way of visualizing
this is by seeing PCA as a fit of an n-dimensional ellipsoid to the data. Each of
the n axes of the ellipsoid represents a principal component, with their length
representing the variance in that component. If an axis is very short compared
to the rest, excluding it will hardly affect the goodness of the fit to the data
as only a small amount of information is discarded. In Paper I PCA was ap-
plied in two ways, once in the most classical way to reduce noise (See noise
reduction section below) and once in a new way to remove the low-frequency
fringes.

The low-frequency fringes in the data had an intensity of roughly 1.5 ·
10−3 Ic and are variable over wavelength. This variability combined with the
fact that they have a low-frequency means, and thus it was necessary to identify
alternative methods. After studying the structure and behavior of the fringes
in the data, it was identified that the pattern transitioned smoothly between
each wavelength step, changing completely when the left and right-wing are
compared. Assumed that the fringes can be modeled as a linear combination
of the pattern found in the wings (Buehler 2018, private communication) then
gives the equation below,

fλ = fred · (1−λ/n)+ fblue · (λ/n). (5.1)

Here, fλ is the fringe intensity at wavelength position λ , fred and fblue are the
extracted fringe intensities from the red and blue wing respectively, and n is
the number of data points in the observation (see Fig. 5.5a).

For this method to be used effectively it is required that the fringes in both
wings are well known, and for them not to be contaminated with signal. Fortu-
nately, the wings of Stokes Q and U typically do not have signal in observations
of plage and pores, and this enables good estimates of the fringes and noise.
In order to reduce the noise as much as possible, PCA was applied on the two
outermost non-continuum wing points on both sides of the line. The first com-
ponent will then mostly consist of the fringe, while the second will mostly be
noise. The obtained fringes were the used as fred and fblue in Eq. 5.1.

The causes of these fringes is not currently known, as they can be produced
by a wide range of optical elements such as detector windows, mirrors, fil-
ters, (polarizing) beam-splitters, etc, (Casini and Li, 2019). Sometimes fringes
are unavoidable in a system due to its design. For a more in-depth look on
the topic of polarized fringes see dedicated studies thereof (e.g. Lites, 1991;
Semel, 2003; Clarke, 2004).
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5.4.2 Improving S/N

Once the fringes were removed from the data, relatively noisy profiles in Stokes
Q and U still remain. This is partially due to the short integration times used
and partially because plage is a difficult target for current generation instru-
ments. For this reason, several methods of noise reduction were tested and
eventually combined. Below the methods used in Paper I to reduce the noise
are described.

Firstly a convolutional neural network (CNN, LeCun et al., 1995) from
Díaz Baso et al. (2019) was applied to the data. This network was trained on
CRISP spectro-polarimetric data and therefore could be directly applied to the
observations in Stokes Q, U , and V , which lowered the noise floor by a factor
of four. Neural networks have been applied in order to reduce the noise in data
in several recent studies (e.g. Díaz Baso and Asensio Ramos, 2018; Fu et al.,
2018; Xu et al., 2020, and references therein). On top of that, their performance
seems to be consistently above that of classical noise reduction methods due
to the highly non-linear properties of their components. It is relatively easy
to train a network when you have a training set with noisy and clean pairs of
images. Unfortunately, there is no possibility of obtaining noise-free observa-
tions or an accurate model of this noise to train the network with. Instead, Díaz
Baso et al. (2019) chose a different approach known as Noise2Noise (Lehti-
nen et al., 2018), which allows for the training of a neural network with only
noisy data. This is achieved by taking advantage of the temporal redundancy
in observations, where one can assume that the time between two consecutive
scans is short enough that the only difference between two measurements of
a certain wavelength is the noise. Then the network can be taught to remove
these differences that are the noise. The network is trained on a large number
of input frames containing observations and zero-mean noise (e.g. no fringes),
and does not require a clean data set to work towards. For additional details on
the implementation of the network, the reader is directed to (Díaz Baso et al.,
2019) and the project GitHub1.

A second noise-reduction technique was also applied on top of the CNN
which is a more traditional version of applying PCA than in the previous sec-
tion (e.g. González et al., 2008; Casini et al., 2012; Ng, 2017; Casini and Li,
2018). PCA was applied over the entire wavelength range of a single scan of an
individual Stokes parameter. This resulted in a set of 23 principle components
with most of the information contained in the first 15 components and the rest
being noise. Then the data was reconstructed without the last 8 components, to

1https://github.com/cdiazbas/denoiser
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produce a cleaner image with minimal loss of information. This method was
only applied to Stokes Q and U . This method was not applied to Stokes I and
V as the signal was strong enough already.

Then the two most traditional methods for improving the signal to noise
were applied, binning and stacking. This is a very strong method as the sig-
nal improves with the square root of the number of pixels that are combined.
However, one should be careful with doing this as binning too many pixels
might alter the shape of the profiles and so does stacking if the area evolves
in-between frames. In order to find this limit for stacking the profiles of sev-
eral pixels in consecutive frames were compared, and the stacked profile to the
individual ones. The limit turned out to be two frames, as significant changes
were seen when three or more were stacked. A similar process was used for
the binning, where individual pixels were compared to their neighbors and the
binned profile, here the limit was also 2x2 binning. This means that together
these two methods helped us gain a factor of two in signal. The final mean
noise after the application of these combined techniques was estimated to be
1 ·10−3Ic in Stokes U .

Since polarimetric signals were not used for Paper II and III, it was not
necessary to apply these methods to the datasets used in these papers, however
the methods have been made available in the CRISPy (Pietrow, 2019) Python
package, which has later become part of the institute-wide ISPy (Diaz Baso
et al., 2021) Python package.
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6. Inversions

Door meten tot weten
Through measuring to knowing

– Heike Kamerlingh Onnes

After the reduction and post reduction steps that were explained in the previous
chapters, one can use the resulting polarimetric dataset to infer physical prop-
erties of the observed regions of the solar atmosphere. This chapter focuses on
the workings of inversion codes, the way that they fit these parameters, and the
methods used to prevent non-physical solutions.

6.1 Inversion methods for solar observations

The thermodynamic and magnetic properties of the observed plasma are not di-
rectly observable quantities, but they do effect shape of spectral lines, as well
as their Stokes parameters. Because these effects are often highly non-linear,
there is no analytical way of going from an observed profile to the atmospheric
properties that gave rise to it. However, synthesizing a spectral line from cer-
tain atmospheric properties is a much more approachable calculation. This
means that the ’inverse’ problem can be considered, and thus one can try to fit
an atmosphere to the observed line profiles, using some kind of optimization
routine. This method is called regression in most fields, but became known as
inversions in the solar community1.

In the most general terms, inversion codes iterate over a range of thermo-
dynamical and magnetic parameters describing the solar atmosphere, which
are then used to synthesize spectropolarimetric profiles which in turn are com-
pared to data. This ’inverted’ way of fitting the data has so far proven to be one
of the most successful approaches to this problem (de la Cruz Rodríguez and
van Noort, 2017; de la Cruz Rodríguez et al., 2019). Various approaches have
been taken when it comes to inversion codes, with differing assumptions de-
pending on the atmospheric layer (LTE vs NLTE), the variables of interest, and
the required iteration speed. It is often difficult to estimate the constrainable in-
formation in the spectra which can lead to different methods being applied for

1Likely this term dates back to the 1940s where for example Evans (1941) refers to the
process of line formation when one knows the atmosphere, and then that ’the inverse problem
is the deduction of the characteristics of the atmosphere from observations of the continuous
spectrum and line contour across the disc.’ In Keller et al. (1990) one can see that this become
a common term by the 1990s, and has remained so until the present day.
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differing datasets. However, it is often possible to apply some a-priori restric-
tions to the inversions based on physical arguments. Finding the right recipe
for obtaining a plausible fit is therefore more of a skill that has to be mastered
than a set process that one can follow.

The most important part of inversions is the data that the models are fit-
ted to, with the sophistication of the fitted atmosphere largely depending on
the number of spectral lines and their resolution that are provided to the code.
A single line contains a large amount of information, but only for the part of
the atmosphere from which it originated. Adding lines that originate at dif-
ferent heights in the atmosphere or that have different sensitivities to a certain
variable can greatly reduce the degeneracy of potential solutions. In Paper I a
single line was inverted, along with a measurement in the continuum, which
led to difficulties in getting the inversions to converge to a smooth physical
result. To combat this, several new and traditional methods were applied to
help constrain these results. These methods are discussed later in this chapter.
For Paper II a simpler kind of inversion was used, namely a cloud model.

The first inversions of this kind were done by Harvey et al. (1972) and
Auer et al. (1977) and were based on the Milne-Eddington (ME) model, which
describes a line by assuming a constant opacity, a linear source function, and
several other non-physical fit parameters. However, because the solution can
be integrated analytically it is possible to very efficiently calculate and fit the
line profiles. Many codes exist that utilize ME to make sophisticated inver-
sions, differing mostly in their minimization strategy. A detailed overview of
these codes and a comparison of their performance can be found in Borrero
et al. (2014).

These codes were followed by more sophisticated ones that employed a
fully stratified physical model of the atmosphere in LTE like SIR (Ruiz Cobo
and del Toro Iniesta, 1992) and SPINOR (Frutiger et al., 2000). The first NLTE
inversions were performed by Mein et al. (1987) which could derive tempera-
ture and velocity fluctuations based on disturbances in the Fourier coefficients
of the observed lines. Later, attempts were made to invert the Ca II IR triplet
lines with a code that later grew into NICOLE (Socas-Navarro et al., 1998,
2000b, 2015). The HAZEL code was developed specifically for inverting the
He D3 lines (Asensio Ramos et al., 2008).

The code that was used for Papers I and II is the STockholm inversion
Code (STiC, de la Cruz Rodríguez et al., 2016; de la Cruz Rodríguez et al.,
2019) which is a parallel code capable of simultaneously fitting multiple full
Stokes observations of both LTE and NLTE lines by using the Levenberg-
Marquardt (LM) algorithm and regularization (both of which will be explained
below). The code assumes statistical equilibrium and plane-parallel geometry
and makes the calculations on a pixel-by-pixel basis, which makes it a 1.5D
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code. In the simplest terms, STiC synthesizes an atmosphere based on the input
parameters and then fits it to the data, where certain spectral points can have
more weight than others. It then uses the LM algorithm to minimize the dif-
ferences between the fitted data and the synthesized spectra and regularization
to weed out nonphysical solutions.

In Paper I only the Ca II 8542 Å line was used for inversions, a line that
loses sensitivity to velocity and microturbulence in the plage. Because of this
limitation, it was necessary to come up with some additional methods to help
STiC converge to a solution. The Ca II K data was not a possibility, as the
observations had already needed to be time-averaged (stacked). This prob-
lem was solved by applying an initial velocity guess based upon a technique
discussed in section 6.3.

In paper II STiC was used to fit the Ca II 8542 Å flare ribbon background
and then a modified version of the code was applied that placed a slab above
the background atmosphere and varied the parameters of this slab. A similar
approach was taken with the Hα 1 observations where a simple cloud model
was employed (Beckers, 1964) to fit the radiation of the fan by assuming that
the extremely broadened Hα profiles of the flare ribbon background as con-
tinuum. The combination of these two methods allows us to model a fan with
enough detail to obtain the mass and density of the material inside of it.

6.2 The Levenberg-Marquardt algorithm and regulariza-
tion

The Levenberg-Marquardt (LM) algorithm (Levenberg, 1944; Marquardt, 1963)
is a widely used alternative to the Gauss-Newton method for minimizing a non-
linear least-squares model in an iterative manner. LM is widely used for min-
imizing the differences between a guessed model and an observed profile in
inversion codes due to its efficiency compared to other algorithms. This is be-
cause the method is a combination of the Gauss-Newton and gradient descent
methods, using both of relative strengths.

In the Gauss-Newton method, the assumption is that the merit function is
locally quadratic, and a minimum can be found locally. With gradient descent,
a minimum is found by choosing parameters that reduce the merit function
in the direction of steepest descent. LM uses a dampening parameter (λ ) to
differentiate between the two methods, where a low value makes it behave like
Gauss-Newton, and a large value results in behavior closer to gradient descent
(Weisstein, 2000; Gavin, 2011; de la Cruz Rodríguez et al., 2019).

1STiC could not be used to perform the Hα inversions, as synthesizing the Hα line
requires the radiative transfer computations to be performed in 3D (e.g. Bjørgen et al., 2019).
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The merit function is commonly defined as

χ
2(p,x) =

1
n

n

∑
k=1

[
Ok −Sk(p,xk)

σk

]2

. (6.1)

Here, p is a vector containing the n parameters of the model, Ok is the k-th
measured data point, Sk is the matching prediction of the model computed at
the point x and σk is the error (or noise) of the k-th measurement.

The LM algorithm can be written as

(JT J+λ diag(JT J))δp = JT [O−S(p)], (6.2)

where J (= ∂S/∂p) is the Jacobian matrix of S, λ the dampening parameter
and δp a small perturbation over the parameters of p.

The hybrid nature of the LM algorithm ensures that it will take large steps
according to gradient descent when far from the solution, and then converge
more accurately with Gauss-Newton once closer to a minimum. This allows us
to converge to a new model p by comparing the χ2 of the former and current
step.In STiC this is repeated for a pre-defined amount of iterations, until the
desired value of χ2 is reached. The input model is then randomized and the
process is repeated a set amount of times in order to try to avoid the code
from getting stuck in a local minimum. It is therefore important to start with
an initial guess that is as close to the solution as possible. (e.g. a realistic
atmosphere, a velocity measurement, etc.)

Regardless of how good the initial guess is, a degeneracy of solutions may
be obtained for a given data set. For example, line broadening can be fitted
by both temperature and microturbulence, but a solution with very low tem-
peratures that is compensated by high microturbulence values would be un-
physical. One also might prefer a solution with smoothly varying atmospheric
parameters over one that has jumps in temperature. These degeneracies can be
overcome by setting regularization requirements, which encourage a certain
family of solutions over others. Different regularization types can be applied
to each atmospheric parameter as well as for deciding how much weighting to
apply to each of them.

STiC uses Tikhonov (or ridge regression) regularization (Tikhonov and
Arsenin, 1977), which can be used to penalize certain families of solutions
by adding limitations to the derivatives of specific parameters. This can be a
limit on the first derivative to favor parameters that are smoother along with
the optical depth, a limitation in the second derivative to prevent solutions that
oscillate, or favoring solutions that minimize a certain parameter over those
that don’t. For example, if two models with similar χ2 are found, one can
favor the one with a lower microturbulence.
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Figure 6.1: Example of node interpolation using quadratic Bezier (solid gray),
cubic Bezier (solid orange), straight segments (blue), and discontinuous meth-
ods with slope delimiter (green dots). The node values are indicated with black
crosses. Reproduced from de la Cruz Rodríguez et al. (2019).

6.3 Initialization of the line-of-sight velocity

Typically a value of 0 km/s is used as an initial guess for the line-of-sight veloc-
ity of the input model. However, when working with strangely shaped profiles
or low signal to noise, a better initial estimate can improve the result. A linear
approximation for the line of sight velocity was developed based on findings by
Skumanich and López Ariste (2002). In this paper, the authors show that when
applying PCA to a large number of similar profiles, the leading Eigenprofiles
of the new basis will represent a Taylor series. From this, an approximation
for the velocity can be obtained, as well as the magnetic splitting parameter.
However, for this to work, it is required that the first Eigenprofile represents
the median profile of the input and the second represents the derivative thereof.
For spectroscopic data with many points along the wavelength axis, this is the
case, but results are varied for CRISP/CHROMIS data due to the low amount
of wavelength points. Instead, the PCA step was skipped, and a basis was sim-
ply constructed using the median profile and its derivative. Using this basis, a
first-order approximation of the line of sight velocity can be made. This is done
by reconstructing a red- and a blue-shifted profile with our basis and fitting a
linear relation to the resulting factors. This basis will not be fully orthonormal,
but still gives a usable estimation of the velocity where the PCA basis breaks
down completely. In Paper I a median Ca II K plage profile and its derivative
was used for the basis. This gives better results in plage, but poorer approxi-
mations in regions with profiles that are drastically different from the average.
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Due to the raised core Ca II 8542 Å profiles in plage, these regions have the
biggest degeneracy for possible solutions, while it is relatively straightforward
in the rest of the FOV.

As an additional step, the Ca II K line core was used to obtain a veloc-
ity estimate for the chromosphere and the line wings to get an independent
estimate of the photosphere. These two maps were then combined into a
simple model atmosphere where the chromospheric velocities were used for
log(τ500) < −3.5 and the photospheric velocities for the lower atmosphere.
An arctangent function was used to connect the two in a smooth way. The
resulting input model can be seen in Fig. 4 of Paper I.

6.4 Inversion strategy

Inverting observations of plage with only Ca II 8542 Å is challenging due to
the raised core profiles, as the relatively flat line cores make it very hard for an
inversion code to constrain the Doppler width of the line and derive accurate
values of microturbulence. Even the line-of-sight velocity itself is difficult
to constrain. Additionally, the amplitude of Stokes Q, U , and V is not only
modulated by the magnetic field strength (in the weak-field regime), but also
by the gradient of the source function. This additional dependence affects the
amplitude of the Stokes parameters, scaling them up when the gradient is large
and scaling them down when the gradient becomes very shallow. An example
of this effect is visible in the lower panels of Fig. 1 of Paper I around x ≈ 14".

These limitations mean that results are subject to degeneracies that would
ordinarily be compensated by other lines. In the inversions employed in Paper
I this was overcome by taking an iterative approach, initially only fitting the
temperature to a FAL-C atmosphere with a line-of-sight velocity estimated by
the method above and with regularization set up to favor smooth temperature
stratification and a low microturbulence and zero weight on Stokes Q, U and
V . Once a satisfactory fit of the temperature was reached, the inversion was
repeated, but now with nodes in vLOS and vturb. From this atmosphere, one
could then focus on the magnetic field by adding weight to the last three Stokes
parameters and including a guess for the field vector in the model. In order to
ensure that the values for B⊥ are reliable, the regularization was then set to
favor values with B⊥ = 0, to ensure that if a non-zero value was returned for a
given pixel it was certain that it was necessary to explain the observed profiles.
In Fig. 6.1 an example of a 7 node atmosphere is presented that has been
interpolated using three different methods. The number of nodes and inversion
steps can be seen in Table 1 of Paper I and a schematic representation of the
inversion process can be found in Fig. 6.2. The full inversion with all steps
took roughly a week to complete on the local cluster when using 1000 CPU
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Figure 6.2: Flowchart of the inversion process. Input is given by grey boxes
with rounded corners and consists of the post-reduced data and atmospheric
model. Square boxes represent fitting and other processing. Round boxes repre-
sent checks. The output product is represented by a diamond.
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cores.
For paper II the inversion process was much less complicated as the pro-

files in the fan had a more classical Voigtian shape. This removed the need for
a line-of-sight velocity initialization. However, the same iterative approach
was followed for the initial inversion of the flare ribbon profiles from the
Ca II 8542 Å data.
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7. Summary of included papers

Connaître, découvrir, communiquer—telle est, au fond, notre hon-
orable destinée.

To get to know, to discover, to publish - such is, at heart, our
honourable destiny (as scientists).

– François Arago

So far the concepts used in the three included papers have been introduced,
covering the structure of the solar atmosphere and active regions, chromo-
spheric diagnostics and how the local solar environment affects them, obser-
vational methods, and data reduction as well as data inversions. Throughout
these chapters, their connections to each paper have been touched upon to help
contextualize the material discussed in them. In this chapter, the results of the
three papers that this thesis is based on are summarized. The full papers are
appended to the back of the thesis.

7.1 Paper I

The goal of this project was to measure the magnetic field vector of a plage
region. Constraining the values for magnetic fields in plage is an important
step in understanding chromospheric magnetic fields and potentially the heat-
ing processes of the higher atmosphere. Additionally, these values could be
of interest for numerical modelers, as it is currently impossible to reproduce
all aspects of solar plage in current quasi-realistic numerical models. For ex-
ample, plage regions in Bifrost simulations look like coronal holes in higher
layers (Carlsson et al., 2019). The magnetic field configuration in the lower
atmosphere is one of the few free parameters in such simulations, and until the
publication of this work, there was only a very limited amount of proxy-based
estimates of the field strength. Obtaining data with a good enough signal-to-
noise ratio is at the limit of our current instrumental capabilities due to the
relatively weak polarimetric signal in plage regions, as well as the flattened
shape of the intensity profiles in Ca II 8542 Å .

Specific observations were required for this project, where the observing
angle had to be as close as possible to 45◦ to maximize the signal in the Stokes
parameters that are sensitive to the perpendicular and parallel magnetic fields,
given the mostly vertical nature of the magnetic field in plage. Afterward,
several noise reduction methods were applied in order to improve the signal
in Stokes Q and U , including Fourier filtering, principal component analysis,
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Figure 7.1: Inversion results after six reduction steps in STiC as shown in Table.
1 of Paper I. All panels are plotted at log(τ) = −4.5. Two plage regions P1 and
P2 are marked in yellow. Inside the region covered with fibrils two regions are
mark as F1 and F2. From left to right: Temperature (a), line-of-sight velocity (b),
microturbulence (c), magnetic field inclination (d), and the absolute magnetic
field strength (e). Reproduced from Paper I.

and a deep learning algorithm. The resulting FOV was also inverted using
the STockholm inversion Code (STiC) and the first direct measurement of the
magnetic field strength and inclination in a plage region was obtained, as well
as the measurements for a nearby fibrilar region (See Fig. 7.1).

In the plage a median inclination was found of 10◦ with respect to the
local vertical. The total magnetic field in these regions was around 450 G. The
inclination values align well with earlier estimates made in the photosphere
(e.g. Bernasconi et al. 1994, Sanchez et al. 1992, Pillet et al. 1997). The
field strength is more than twice what was suggested by Carlsson et al. (2019),
but comparable to the value found in a parallel study done by Morosin et al.
(2020), where a spatially coupled weak field approximation was used to infer
the magnetic field.

In the fibrils far from the plate, a median inclination of 50◦ was found and
a field of around 300G. The field is above the upper limit of 200 G suggested
by Mooroogen et al. (2017) that was based on the analysis of magnetohydro-
dynamic kink waves in chromospheric fibrils.

7.2 Paper II

This project was based on archival SST data of multi-wavelength (Hα ,
Ca II 8542 Å and Ca II K) observations of a fan-jet that was back-lit by an
X9.3 class flare. The unique geometry of the features inside of this field-of-
view allowed the use of a relatively simple cloud model to invert the Hα and

78



0 20 40 60 80 100 120
time [s]

0

1

2

3

4

m
as

s [
10

13
 g

]

a)

Fan mass over time
Observed mass
Modeled mass

0 20 40 60 80 100 120
time [s]

0

1

2

3

4

m
om

en
tu

m
 [1

019
 g

 c
m

/s
]

b)

Momentum delivery over time

8541.5 8542.0 8542.5
Wavelength [Å]

0.00

0.25

0.50

0.75

1.00

1.25

1.50

1.75

In
te

ns
ity

c)

Inversions Ca 8542 Å

Observed background profile
Best fit background
Observed fan profile
Best fit fan

Figure 7.2: a) Observed total mass of the jet over time (blue). Simulated fan col-
lapse based on the 2nd time frame assuming acceleration under gravity (red). b)
Delivered momentum to the solar surface over time. c) Ca II 8542 Å STiC in-
version of flare background (gray dashed), obtained from observed profile (gray).
Ca II 8542 Å fan profile (black) fitted from background profile with an absorb-
ing slab above it. Reproduced from Paper II

Ca II 8542 Å data in order to estimate the mass, density, temperature, and ve-
locity of the material inside of the fan. This would normally not be possible due
to the spectral mixing of the foreground object and the dynamic background,
but was possible in this case because the Hα line profiles in the hot flare ribbon
were broadened beyond the spectral window of the instrument, which resulted
in a stable and consistent background that could be approximated as continuum
emission during the fan’s collapse.

A single-slab cloud model was constructed for the Hα data, that assumed
continuum background emission to fit the mass and density of the slab and
applied this to each time step of the fan’s lifetime. An independent slab model
was then created that used the synthesis mode from the STiC code to fit the
Ca II 8542 Å data to get an estimate of the temperature. This two-pronged
approach was necessary because Hα is not sensitive to temperature at chro-
mospheric values, and Ca II 8542 Å had a much less constant background.
A value of around 7000 K is deduced, a density of roughly 2 · 10−8 kg m−3

and a peak mass of about 4 · 1013 g. These numbers are somewhat consistent
with more recent simulations where radiative losses are considered. In Fig.
7.2 the inferred mass of the fan over time (blue) can be seen in the left panel,
which shows the collapse of the fan over time. In red a modeled collapse of
the material is shown that is taken to fall under solar gravity. The remaining
two panels show the delivered momentum over time and the best-fit profiles of
the Ca II 8542 Å inversion respectively.

The observational constraints for fan-jets should once again be of inter-
est to those working on simulation codes, providing physical constraints for
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Figure 7.3: Limb darkening as a function of µ of three continuum points for our
mosaic, plotted on top of the predicted limb darkening curve from Neckel and
Labs (1984) (dashed red) and a univariate spline fitted to the data (red). Repro-
duced from Paper III.

the parameters mentioned above, especially the temperature and density since
there is much discussion about these values in the field. The possibility of such
jets causing sun quakes was also investigated and discounted in this event, but
could neither be fully disproved nor confirmed for larger jets, creating the need
for further research.

7.3 Paper III

The goal of this project was more experimental in nature, due to the goal of
testing the precision photometry capability of SST/CRISP and SST/CHROMIS,
as well as to provide high-resolution reference profiles as a function of the he-
liocentric angle for the SSTRED data reduction pipeline (See Fig. 7.3). The
latter is also of use to the community as a whole, given that not many studies
have been conducted regarding the center-to-limb variations of spectral line
profiles, especially for broader chromospheric lines. Interconnected mosaics
were produced ranging from disk center to the limb of the following lines,
sorted by wavelength: Ca II H&K, Hβ , Mg I 5173, C I 5380, Fe I 6173, Fe
I 6301, Hα , O I 7772, Ca II 8542. Our findings are compared to values in
literature where possible.
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Summary and Outlook

If I have seen further it is by standing on the shoulders of giants
– Isaac Newton

This thesis is focused on the inference of the physical properties of chro-
mospheric features on the Sun. However, as so aptly put by John Muir in
the opening quote of chapter 4, it is impossible to do so without considering
everything else. And thus in order to do this work, we need to understand
radiative transfer, quantum mechanics, magnetohydrodynamics, spectral line
formation, the polarization of light, instrumentation, data reduction techniques,
data analysis routines, machine learning, a wide array of empirical relations,
and a plethora of old, counter-intuitive and sometimes misunderstood termi-
nology. Fortunately, one does not do a PhD, or science in general, in a vacuum,
and much of the needed expertise is gained through courses, mentoring, and
collaboration.

Everybody in the field does everything to a certain extent, which keeps the
field dynamic, diverse, and yet approachable. Given that people who study
very different solar phenomena often use similar techniques to do so. Some
findings become canonical, while others can be (unjustly) forgotten only to be
rediscovered at a later point or dug up during an extensive literature review. A
process that in the future will undoubtedly improve along with our technology
and ability to handle and digest large amounts of data.

Along with this improvement comes ever-increasing computational power
and storage, which allow for calculations that would be written off as science-
fiction not so long ago. This is perhaps one of the biggest game-changers in
the field, as it allows us to run complex simulations of the solar atmosphere
and perform large-scale inversions on tens of thousands of pixels in reasonable
timescales.

In the case of spectroscopic inversions, the future looks very bright, as the
new generation of multi-meter class solar telescopes will allow for smaller-
scale studies of the atmosphere. Additionally, new and improved techniques
are being implemented that, for example, will enable us to work with multi-
resolution data and spatially regularize our inversions (de la Cruz Rodríguez,
2019; Morosin et al., 2020).

In Paper I the magnetic field vector of a plage (and fibrilar regions) was in-
ferred for the first time, a feat that was made possible by applying several post-
reduction techniques to data that was taken under specific conditions. With
the new generation of telescopes, this should become a much easier endeavor,
allowing for multi-line observations and studies of the temporal evolution of



the magnetic field. Hopefully, this will aid in the attempts of recreating plage
in simulations.

In the paper II a peacock jet is studied, and the unique geometrical situation
that it was in allowed for the inference of its physical properties. Furthering
this research may prove difficult, given that we would need a similar situation
to occur, but given that a new solar maximum seems to be approaching, the
chances for this are increasing slightly. Additionally, it might be possible to
study such jets seismologically if they indeed do cause sunquakes.

Paper III demonstrates the value of researching center-to-limb variations,
even after well over a century of study. Especially near the limb where the
increased resolution of modern telescopes allows for more detailed studies.

These studies build on the work of those who came before, and in turn,
will help future works in expanding our understanding of the Sun.



Popular Summaries

Ett vetenskapligt resultat som inte populariseras finns inte.

A scientific result that is not popularized does not exist.
– Rune Fogelquist

This chapter is home to the popular summary of the thesis in several languages.

Summary

The Sun is perhaps one of the most studied objects in the sky, acting as a
source of fascination for humanity for as long as it has existed. Many ’theo-
ries’ have been proposed about its origins and workings, ranging from gods to
balls of fire. Typically, these theories evolved alongside our understanding of
physics, chemistry, and improvements in solar instrumentation and computa-
tional power, all of which only recently matured enough to start understanding
the Sun. In fact, it was less than a century ago that we discovered that nuclear
fusion fueled the Sun, instead of coal or other combustibles.

Much progress has been made in the subsequent years in unlocking the
Sun’s secrets, with constantly evolving models becoming better and better at
reproducing all the features and behavior that we see on our star. The final
goal is to be able to accurately predict the Sun’s behavior to a similar level
as we can predict our own weather (most of the time). This is especially im-
portant because of the violent eruptions, many times larger than our planet,
that can occur on the Sun. When aimed at us, the electro-magnetic radiation
and charged particles emitted by them can severely disrupt our electronics and
satellites, especially if they hit us before we can react to them. However, we
are still far from achieving this goal, and struggling with even just recreating
some of the smaller features in the Solar atmosphere let alone the full solar
disk. For this reason it is important to push forward all aspects of solar physics
and to study seemingly minute details seen on the Sun.

In this thesis, we start with an introduction that covers the required con-
cepts for understanding the three included papers. We then focus on two types
of solar features found in the solar chromosphere and finally study the effect
of the viewing angle on the diagnostics that we use to perform these studies.

The first paper focuses on a plage region, which is a hot and bright mag-
netic feature that is often found near sunspots. It has so far proven impossible
to reproduce plage in simulations, a problem likely caused by a lack of under-
standing of the shape, strength, and direction of the magnetic field that drives



it. It has proven difficult to measure the chromospheric magnetic field in plage
due to it being relatively weak and because the elevated hot region affects the
observed light in a way that makes it more difficult to extract information from
them. We get around these problems by means of a specially devised observing
program that maximizes both the horizontal and vertical imprints of the mag-
netic field signal on our observations, as well as applying a series of reduction
techniques to maximize the possible signal of this field. This has allowed us to
make the first-ever physical measurement of the magnetic field in plage, which
we found to be around 450 G, or around five times as strong as the magnetic
field right next to a refrigerator magnet. The shape of the magnetic field was
thought to be like that of a palm tree, going straight up from the photosphere
and then branching out much more horizontally in all directions in the chromo-
sphere. Our data did not quite match this expectation, with the field’s direction
being mostly vertical with respect to the solar surface, tilted by only about 10
degrees.

In the second paper we look at peacock-jets, which are fan-like eruptions
found above sunspots that are believed to appear when tangled magnetic fields
reconnect, a process which sends material flying up at high speeds. The largely
transparent nature of these jets makes it difficult to study their light without
getting interference from the highly variable background behind them. This
creates a situation that makes it near impossible to infer the physical properties
of such a jet. In this paper we get around this problem by studying a unique
data set of a jet that is back-lit by a hot flare with a continuous and stable
signature behind the jet. This allowed us to distinguish between the contribu-
tions from the jet and the background, from which we obtained the first direct
measurements of the mass and density of the jet, once again providing much-
needed model constraints to the community. Our jet, which is smaller than
average, spanned about half the size of Earth and weighed around 40 million
tones, or around 4000 Eiffel towers. The density is very low for Earth stan-
dards, our atmosphere at ground level has a density of about 1 kg per cubic
meter, while this jet is 200 million times less dense.

In the third paper, we use large mosaics that span from the center to the
edge of the Sun to create average profiles of commonly used spectral lines
by the Swedish 1-m Solar Telescope. This allows us to investigate the extent
to which the viewing angle should be considered when inferring atmospheric
properties, as we do in the two prior papers, and use the results for calibrations.
We focus mainly on a phenomenon called ’limb darkening’, which describes
the effect that makes the edge of the solar disk look darker than its center, due
to us looking less deep into the atmosphere when looking away from the disk
center. For spectral lines formed in the lower atmosphere this phenomenon is
well understood and documented. It is a different story in the higher atmo-



sphere, where spectral lines can exhibit unexpected behavior.

Sammanfattning

Solen är kanske ett av de mest studerade himmelsobjekten och har fascinerat
mänskligheten så länge denna existerat. Många ”teorier” om dess ursprung och
funktion har framförts – först med inslag av gudomligheter och eldklot. Dessa
teorier har utvecklats i samklang med vår förståelse av fysik, kemi och förbätt-
ringar i astronomisk instrumentering och beräkningsförmåga – färdigheter som
endast nyligen mognat så pass så att vi verkligen kunnat förstå solen. I själva
verket var det mindre än ett århundrade sedan vi förstod att det var kärnfusion
som eldade på solen och inte kol eller brännbara ämnen.

Sedan dess har stora framsteg gjorts när det gäller att avslöja solens hem-
ligheter med hjälp modeller som blivit bättre och bättre på att reproducera de
strukturer och processer som vi kan se på vår stjärna. Ett slutmål kan vara att
kunna förutsäga solens beteende med samma precision som vi (oftast) kan gö-
ra väderprognoser. Detta är av särskild betydelse på grund av de våldsamma
utbrott som kan inträffa på solen. Om de riktas mot oss kan dessa störa våra
elektriska system och våra satelliter, särskilt om de drabbar dem utan förvar-
ning. Emellertid är vi ännu långt från detta mål och kämpar med att återskapa
några av strukturerna i solens atmosfär. Därför är det viktigt med framsteg i al-
la delar av forskningsfältet och att studera vad som kan tyckas vara smådetaljer
på solen.

Denna avhandlings inledning behandlar de begrepp som behövs för att för-
stå de tre forskningsarbeten som utgör dess grund. Därefter fokuseras på två
slags fenomen i solens kromosfär och slutligen diskuteras hur synvinkeln kan
påverka den diagnostik som använts.

I den första forskningsartikeln i avhandlingen studeras en så kallad plage-
region - ett slags ljust magnetiskt område som ofta hittas nära solfläckar. Det
har hittills inte gått att reproducera plage i datorsimuleringar, något som troli-
gen beror på en brist på förståelse och information om form, styrka och riktning
för det magnetfält som ger upphov till plage. Svårigheterna kommer sig av att
magnetfältet är relativt svagt samtidigt som den heta plageatmosfären påverkar
de informationsbärande spektrallinjerna och gör dem svårtolkade. Vi tacklade
dessa problem genom att utforma ett observationsprogram för att maximera
känsligheten för både horisontella och vertikala magnetfält på observationerna
och genom att applicera en serie av speciella databehandlingstekniker för att
öka känsligheten för magnetiska signaler. Detta möjliggjorde den första fysiska
uppmätningen av kromosfäriska magnetfält i plage. Resultatet var att magnet-
fältets styrka var ca 450 gauss, vilket är ungefär fem gånger starkare än fältet
nära en typisk kylskåpsmagnet. Den förväntade formen för magnetfältet var



ungefär som en palm där magnetfältet först går vertikalt upp genom fotosfären
för att sedan bre ut sig i alla riktningar i kromosfären. Vårt resultat motsvara-
de inte riktigt denna bild —- magnetfältet var i stället i stort sett vertikalt mot
solytan med en lutning på bara 10 grader.

I den andra artikeln studeras en ”påfågeljet” – ett fenomen med eruptioner
formade som en utbredd påfågelsstjärt vilka som kan visa sig över solfläc-
kar när tilltrasslade magnetfält struktureras om och skickar materia uppåt med
höga hastigheter. Eftersom dessa gasstrålar är mer eller mindre genomskinliga
är det svårt att studera ljuset från dem utan att störas av den högst variabla bak-
grunden. Detta gör det i stort sett omöjligt att studera de fysiska egenskaperna
hos en sådant fenomen. I artikeln rundar vi denna svårighet genom att använda
unika data där en påfågelsjet har en starkt lysande flare bakom sig vilket ger
en kontinuerlig och förhållandevis stabilt spektrum. Detta gjorde det möjligt
för oss att särskilja själva strålen från bakgrunden och därmed återigen få fram
mätningar som andra forskare kan använda för att förbättra sina modeller och
därmed sin förståelse av solfenomenen. Vår påfågelsjet, som är mindre än de
flesta andra liknande hade en utsträckning motsvarande halva jorden och vägde
40 miljoner ton, motsvarande 4000 Eiffeltorn. Dess densitet är mycket låg med
våra mått mätt, vid havsytans nivå är luftens densitet ca 1 kg per kubikmeter
medan vi här finner att värde som är 200 miljoner gånger mindre.

För den tredje forskningsartiklen använde vi stora bildmosaiker som spän-
ner från solskivans centrum till dess rand för att skapa medelprofiler av spektral-
linjer som ofta observeras med det svenska solteleskopet SST på La Palma.
Med dessa kan vi undersöka hur synvinkeln ska tas hänsyn till när man här-
leder egenskaper hos solatmosfären (som vi gör i de första två artiklarna) och
hur resultaten kan användas för kalibreringar. Fenomenet som studeras kal-
las randfördunkling och yttrar sig i att solskivans rand ser mörkare ut än dess
centrum. För fotosfäriska spektrallinjer är fenomenet någorlunda väl förstått
och dokumenterat. För spektrallinjer bildade i kromosfären är läget annorlun-
da och spektrallinjerna kan visa oväntat uppförande.

Samenvatting

De zon is wellicht een van de meest bestudeerde objecten aan de hemel en heeft
de mensheid gefascineerd sinds het begin van ons bestaan. Sinds de steentijd
tot het heden zijn er veel ’theorieën’ geopperd over haar ontstaan en werking,
variërend van goden tot vuurballen. Doorgaans evolueerden deze theorieën
samen met ons begrip van de natuurkunde, scheikunde en verbeteringen in
zonne-instrumentatie en rekenkracht, allemaal velden die onlangs pas volwas-
sen genoeg werden om de zon te begrijpen. Zo is het bijvoorbeeld minder dan
een eeuw geleden wij hebben ontdekt dat kernfusie de zon aandreef, in plaats



van kolen of andere brandbare stoffen.
In de daaropvolgende jaren is er veel vooruitgang geboekt in het ontrafelen

van de geheimen van de zon. Hierbij spelen de constant evoluerende modellen
een rol, die steeds beter worden in het reproduceren van de kenmerken en het
gedrag van het hete zonneplasma die we op onze ster waarnemen. Het uitein-
delijke doel is om het gedrag van de zon nauwkeurig te kunnen voorspellen op
een vergelijkbaar niveau als dat we (meestal) bereiken met ons eigen weer. Dit
is vooral belangrijk vanwege de reusachtige uitbarstingen, vele malen groter
dan onze planeet, die op de zon kunnen plaatsvinden. Wanneer deze uitbar-
stingen op ons gericht zijn, kunnen de elektromagnetische straling en geladen
deeltjes die daarbij vrijkomen onze elektronica en satellieten ernstig versto-
ren, vooral als dit gebeurd zonder dat wij ons kunnen voorbereiden. Wij zijn
echter nog ver verwijderd van het bereiken van dit doel, en worstelen al met
het nauwkeurig recreëren van vele, veelal kleine atmosferische verschijnselen,
laat staan de volledige zonneschijf. Het is daarom belangrijk om alle aspecten
van de zonnefysica te blijven ontwikkelen en alle minieme details op de zon te
bestuderen totdat wij het geheel begrijpen.

In dit proefschrift beginnen we met een inleidend deel dat alle vereiste
concepten behandelt voor het begrijpen van de drie bijgevoegde publicaties.
We richten ons vervolgens op twee soorten chromosferische verschijnselen,
en bestuderen ten slotte het effect van de kijkhoek op de methodes die we
gebruiken om deze onderzoeken uit te voeren.

De eerste publicatie richt zich op een zogenaamd fakkelveld, een heet en
helder magnetisch verschijnsel dat vaak in de buurt van zonnevlekken wordt
aangetroffen. Het is tot nu toe onmogelijk gebleken om een fakkelveld in
simulaties te reproduceren, een probleem dat waarschijnlijk (deels) wordt ver-
oorzaakt door een gebrek aan begrip van de vorm, sterkte en richting van het
magnetische veld dat dit gebied aandrijft. Het is niet makkelijk om het chro-
mosferische magnetische veld in een fakkelveld te meten omdat het relatief
zwak is, en omdat dit hete gebied de spectrale profielen beïnvloedt op een ma-
nier die het moeilijker maakt om er informatie uit te halen. Wij pogen deze
problemen te verzachten door middel van een speciaal observatieprogramma
dat gevoeligheid voor zowel de horizontale als verticale magnetische veld sig-
naal op onze waarnemingen maximaliseert. Vervolgens passen wij een reeks
reductietechnieken toe om het signaal van dit veld te maximaliseren. Dit heeft
ons in staat gesteld om de allereerste meting van het magnetische veld in een
fakkelveld te maken. Dit bleek ongeveer 450 G te zijn, ofwel ongeveer vijf
keer zo sterk als het magnetische veld van een koelkastmagneet. In het alge-
meen wordt gedacht dat de vorm van het magnetische veld van een fakkelveld
vergelijkbaar was met de vorm van een palmboom, aldus het gaat in de fo-
tosfeer recht omhoog en vertakt zich da horizontaal in alle richtingen in de



chromosfeer. Onze waarnemingen kwamen daar niet mee overeen, en toonde
in plaats daarvan een veld waarbij de richting grotendeels verticaal was ten
opzichte van het zonneoppervlak.

In de tweede publicatie kijken we naar zogenoemde ’pauwstaartfonteinen’,
dit zijn waaierachtige uitbarstingen die worden gevonden boven zonnevlekken
waarvan wordt gedacht dat ze ontstaan wanneer in elkaar gedraaide magne-
tische veldlijnen onder teveel spanning plots breken. Dit energieke process
schiet materiaal met hoge snelheden omhoog en creëert zo een soort fontein
van heet plasma. Het grotendeels transparante karakter van deze fonteinen
maakt het moeilijk om hun licht te bestuderen zonder ook licht van de zeer
variabele structuren erachter mee te krijgen. Dit maakt het bijna onmogelijk is
om de fysieke eigenschappen van zo’n fontein te bestuderen, omdat deze dus
zo zwaar gemengd zijn met de achtergrond. In deze publicatie omzeilen we
dit probleem door een unieke dataset te bestuderen van een pauwstaartfontein
die van achteren wordt verlicht door een hete zonnevlam met een heel egale en
stabiele structuur. Dit stelde ons in staat om onderscheid te maken tussen de
bijdragen van de fontein en die van de hete achtergrond. Dit stelde ons in staat
tot het maken van de eerste directe metingen van de massa en dichtheid van
dit soort fontein. Deze eigenschappen zullen net als die uit het eerste artikel
de nodige modelbeperkingen opleveren voor de ’zonnegemeenschap’, en ho-
pelijk leiden tot een beter begrip van dit fenomeen. Onze fontein, die kleiner
was dan gemiddeld, was ongeveer half zo groot als onze aarde en woog onge-
veer 40 miljoen ton, of ongeveer 4000 Eiffeltorens. De dichtheid is erg laag
voor aardse normen, onze atmosfeer op grondniveau heeft een dichtheid van
ongeveer 1 kg per kubieke meter, terwijl deze 200 miljoen keer minder dicht
is.

In het derde artikel gebruiken we grote mozaïeken die zich uitstrekken van
het midden tot de rand van de zonneschijf. Wij gebruiken deze waarnemingen
om gemiddelde profielen te maken van de door de Zweedse 1-m zonnetele-
scoop veelgebruikte spectraallijnen. Dit stelt ons in staat om te onderzoeken in
hoeverre de kijkhoek uitmaakt bij het afleiden van atmosferische eigenschap-
pen, aangezien dit meestal wordt verwaarloosd in hedendaags onderzoek. Wij
richten ons voornamelijk op een fenomeen dat ’randverduistering’ wordt ge-
noemd. Dit effect zorgd ervoor dat rand van de zonneschijf er donkerder uitziet
dan het midden. Dit komt doordat we minder diep in de atmosfeer kijken als
we wegkijken van het midden van de schrijf, door de schuine hoek. Voor fo-
tosferische spectraallijnen is dit fenomeen goed begrepen en gedocumenteerd.
De chromosfeer is een ander verhaal waar spectraallijnen onverwacht gedrag
kunnen vertonen.



Streszczenie

Słońce jest prawdopodobnie jednym z najczęściej badanych obiektów na nie-
bie, będącym źródłem fascynacji dla ludzkości od początku jej istnienia. Po-
wstało wiele „teorii” próbujących wyjaśnić pochodzenie i działanie Słońca –
od bogów do kul ognia. Owe teorie ewoluowały razem z naszym rozumieniem
fizyki i chemii, rozwojem instrumentacji do obserwacji Słońca i wzrostem
mocy obliczeniowej, które to dopiero niedawno osiągnęły poziom pozwala-
jący na rozpoczęcie procesu rozumienia Słońca. Jedynie niecały wiek temu
odkryto, że to synteza jądrowa, a nie spalanie węgla lub innych łatwopalnych
paliw, zasila nasze Słońce.

Znaczący postęp został uczyniony w ostatnich latach w odkrywaniu ta-
jemnic Słońca, z nieustannie rozwijanymi modelami mogącymi coraz lepiej
odtworzyć obserwowane właściwości i zachowania naszej gwiazdy. Ostatecz-
nym celem tego procesu jest możliwość dokładnego przewidzenia zachowa-
nia Słońca na poziomie, na którym obecnie możemy przewidzieć pogodę na
Ziemi. Jest to szczególnie istotne ze względu na gwałtowne wybuchy, o roz-
miarach wielokrotnie większych niż nasza planeta, które mogą pojawić się na
Słońcu. Skierowane w naszą stronę mogą poprzez fale elektromagnetyczne
i emisję naładowanych cząstek poważnie uszkodzić naszą elektronikę i sate-
lity, zwłaszcza jeśli dotrą do nas zanim zdążymy na nie zareagować. Jednakże
wciąż jesteśmy dalecy od osiągnięcia tego celu, z ledwością odwzorowując
niektóre mniejsze składowe słonecznej atmosfery, nie mówiąc już o całym
dysku słonecznym. Z tego powodu istotne jest, by rozwijać wszystkie zagad-
nienia fizyki Słońca i badać nawet niepozorne szczegóły procesów widocznych
na Słońcu.

Ta rozprawa doktorska rozpoczyna się wstępem, który obejmuje wszystkie
pojęcia wymagane do zrozumienia trzech dołączonych artykułów. Następnie
rozważane są dwa typy cech obserwowanych w słonecznej chromosferze, by
zakończyć tą część dyskusją na temat wpływu kąta widzenia na parametry
diagnostyczne używane w tej pracy.

Pierwszy artykuł skupia się na polach pochodni, magnetycznych, jasnych
i gorących tworach chromosferycznych, znajdowanych zwykle wokół plam
słonecznych. Jak dotąd nie udało się ich odtworzyć w symulacjach, praw-
dopodobnie z powodu braku zrozumienia ich kształtu, siły i kierunku pola
magnetycznego, który go wytwarza. Pomiar chromosferycznego pola magne-
tycznego w polach pochodni jest niezwykle trudny, gdyż jest ono relatywnie
słabe, a ponadto znacznie podwyższona temperatura zmienia profile widmowe
w sposób utrudniający wydobycie z nich informacji. Aby poradzić sobie z tym
problemem, opracowaliśmy specjalny program obserwacyjny, który maksyma-
lizuje siłę zarówno pionowych, jak i poziomych śladów pola magnetycznego.



Ponadto, zaprojektowaliśmy dedykowaną serię procedur redukcyjnych zwięk-
szających szansę i siłę detekcji potencjalnego sygnału. Dzięki temu udało nam
się po raz pierwszy dokonać pomiaru gęstości strumienia pola magnetycznego
w polu pochodni, które wyniosło około 450 G, pięć razy więcej niż wokół
magnesu na lodówkę. Do tej pory uważało się, że kształt linii pola magnetycz-
nego przypomina palmę – wznosi się pionowo z fotosfery by później rozgałę-
zić się poziomo we wszystkich kierunkach w chromosferze. Nasze dane nie
do końca odpowiadają tym oczekiwaniom, pokazują raczej, że linie pola są w
większości prostopadłe do powierzchni Słońca, odchylone jedynie o około 10
stopni.

W drugim artykule przyglądamy się „pawim” wyrzutom materii (inaczej
dżetom), wachlarzowym wybuchom nad plamami słonecznymi, które poja-
wiają się, gdy splątane linie pola magnetycznego ponownie się łączą i w ten
sposób wyrzucają w górę materię z dużą prędkością. Przezroczystość wyrzu-
tów utrudnia badanie światła przez nie generowanego, gdyż silnie zmienne
tło, na którym są obserwowane, interferuje i zniekształca odbierany sygnał. W
ten sposób staje się niemal niemożliwym zmierzenie jakichkolwiek fizycznych
własności tych tworów. W tej pracy rozwiązujemy ten problem poprzez ana-
lizę obserwacji wyrzutu, który jest podświetlany przez gorącą flarę z ciągłym
i stabilnym widmem, znajdującym się za dżetem. Dzięki temu możliwe jest
rozróżnienie wyrzutu materii od tła i uzyskanie po raz pierwszy bezpośred-
nich pomiarów jego masy i gęstości, będących bardzo istotnymi parametrami
z punktu widzenia testowania modeli i przewidywań teoretycznych. Nasz dżet
jest mniejszy niż typowo obserwowane, obejmujący wielkość około połowy
rozmiaru Ziemi i mający masę około 40 milionów ton lub 4000 wieży Eiffla.
Jego gęstość jest bardzo niska jak na standardy ziemskie, w porównaniu do
atmosfery ziemskiej na poziomie morza (1 kilogram na metr sześcienny) ma
wartość 200 milionów razy mniejszą.

W trzecim artykule używamy dużej mozaiki uzyskanej przez Szwedzki 1-
metrowy Teleskop Solarny. Mozaika rozciąga się od centrum Słońca aż do
jego brzegu w celu uzyskania uśrednionych profili powszechnie stosowanych
linii widmowych. Dzięki temu możliwe jest zbadanie, w jaki sposób kąt pa-
trzenia wpływa na uzyskane wartości własności atmosferycznych, zwłaszcza
tych będących przedmiotem dwóch poprzednich prac. Wyniki analizy użyte
są do kalibracji. Nasza praca skupia się głównie na zjawisku pociemnienia
brzegowego, który opisuje efekt spadku obserwowanej jasności wraz z odda-
laniem się od centrum dysku słonecznego, związany z coraz grubszą warstwą
atmosfery pochłaniającej promieniowanie generowane w fotosferze. Dla linii
fotosferycznych fenomen ten jest dobrze znany i opisany, w przeciwieństwie
do chromosfery, gdzie linie widmowe mogą wykazywać niespodziewane za-
chowanie.



Se’vIr De’ potlh

reH Humanpu’ vuQtaH Sol’e’ Human lutu’lu’taHvIS. luQIjmeH ngermey law’
’ogh. Ha’DIbaH Qun joq ’oH ’e’ luHar Human lutlh. qul moQ ’oH ’e’ luHar
loQ ’Itlhbogh Human. vatlh DIS poHchaj cha’maH tagha’ Sol luyajqu’choH.
HovvamvaD HoS lIngmoH HeySel SuqSIv boq’e’ ngugh ’e’ lutu’.

ghur Sovchaj qaStaHvIS DISmey veb. De’wI’vaD Sol wanI’mey Sar lIl-
moHlaHmeH chaH po’choHtaH. Sol wanI’mey ’aqlaH ’e’ lutul chaH ghI-
jmo’ rut tat Hap ghaybogh. ’ach qaStaHvIS vatlh DIS poH cha’maH wa’
’ay’ wa’DIch chaHvaD QatlhtaH Sol muDDaq Qurmey law’ lutu’lu’bogh lIl-
moHmeH Qu’. ngoQchaj luchavmeH vaj vumqu’nIStaH.

boQmeH Se’vIrvam qonwI’ ta’mey luyajlu’meH ’utbogh ghanroqmey QIj
’ej Sol cha’ Qurmey De’Daj chu’ lumuch. cha’ Qurvam lujuvlu’meH mIw
SIgh chotlhlu’meH tajvaj net HaD ’e’ lumuch je.

tujbogh mIch wov chenmoHbogh peQ DI’on ’ej pIj mIch wovHa’Daq
Sumbogh buS Se’vIr wa’DIch. Qurvam’e’ wej lIlmoHta’ Human. ghaytan
’ut qaSmoHbogh peQchem De’. ghu’vam luqay’Ha’choHmoH chotlhlu’meH
mIw le’ poj mIw ’Itlh je. Seghvam mIch peQchem juvta’ Human ’e’ luDuH-
moH. peQchemvamDaq ghaytan 8.67·1016 tem rep loch wa’ cheb. vaj pe-
Qchemvam HoS law’ bovvam DeSwar bIrDaq vagh peQnagh lo’bogh Human
HoS rap.

mIch wovHa’ DungDaq nom Hap ghaybogh wanI’ ’ej rIbmoHbogh buS
Se’vIr cha’DIch. qaSlaw’ wanI’vam peQchemmey lumeSlu’pu’bogh lurarqa’lu’DI’.
Demmo’ ghItbogh Hapvam mergh tamghayDaj ’oH Hayvo’ vIbbogh tamghay
je. qay’be’meH ghu’vam wovqu’taHbogh mIch tlhopDaq ghItlI’bogh Hap’e’
chotlhlu’. ngangbe’taHmo’ Hay woj ngeD cha’ Qurmey De’ chevlu’meH Qu’.
Hap ghaylu’bogh chovnatlhvam mach law’ ghIlwI’ mach puS. chaq tera’ bID
muq. tlhoS cha’Saghan cheb’a’ ngI’. rap vaghSaD wejvatlh bI’rel tlharghDuj
wa’lay. jeDHa’qu’. cha’vatlh’uy’ loch tera’ muD HeySel SubmaH.

roD yamtawmey yutlheghmey ghIl’e’ lo’bogh Suverya’ wej ’ujmey Sol
Hov tut chenmoHmeH Sol botlh HeH je qubbID luvechbogh SIr’o’mey tIn’e’
lo’ Se’vIr Qav. vaj cha’ Se’vIr vorghvaD muD DI’onmey lujuvlu’meH chotlhlu’meH
tajvaj gher’ID HaDlaH. Sol botlh wov law’law’ HeH wov puSlaw’ ’e’ qaSmo-
Hbogh wanI’ buS. Sol muD ’ay’ ’eS yutlhegh yamtawmey wanI’ luyajqu’ bov-
vam Human ’ej De’Daj luqonqu’ta’ ’ach pImmo’ Sol muD botlh ’ay’ yutlhegh
yamtawmey wanI’meychaj ’aqqu’laHbe’.
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