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Abstract

Magnetfält i Massiva Stjärnor

Magnetic Fields of Massive Stars

Andreas Lundin

This paper is an introduction to the subject of 
magnetic fields on stars, with a focus on hotter stars. 
Basic astrophysical concepts are explained, including: 
spectroscopy, stellar classification, general structure 
and evolution of stars. The Zeeman effect and how 
absorption line splitting  is used to detect and 
measure magnetic fields is explained. The properties 
of a prominent type of magnetic massive star, Ap-
stars, are delved into. These stars have very stable, 
global, roughly dipolar magnetic fields theorized to 
have been captured during star formation and 
maintained  throughout their lifetime. Different 
approaches to making models of the magnetic field of 
massive stars are explained, in particular the oblique 
rotator model. Finally, the use of the oblique rotator 
model is illustrated by finding possible field structures 
that would reproduce magnetic field observations of 
the star HD 37776.
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1 Stellar Spectroscopy

1.1 Spectroscopy

Before the invention of spectroscopy, stars could at most be described by dis-
tance, brightness and movement. Information about chemical composition,
surface temperature, and pressure was thought to be out of reach.

In spectroscopy the light from a source is split so that individual wave-
lengths can be observed, using for example a prism or a diffraction grating.

Kirchhoff’s laws describes what is seen in the resulting spectrum de-
pending on the source:

• A hot, dense gas or hot solid object produces a continuous spectrum
with no dark spectral lines

• A hot, diffuse gas produces bright spectral lines (emission lines)

• A cool, diffuse gas produces bright spectral lines (absorption lines)

These can be explained by the following concepts from quantum me-
chanics:

• The wavelength of a photon depends on its energy, λ = hc
E

• Atoms and molecules have discrete energy levels on which electrons
can exist.

• A photon can be absorbed by an atom or molecule if the photon carries
energy equal to the exact amount needed for an electron to move to a
higher level.

• An excited atom or molecule can emit photons with energy equal to
the difference between the levels when an electron moves down to a
lower level.

• A black body emits a continuous spectra of radiation, which only de-
pends on the temperature.

The spectrum produced by the detectable layer of the photosphere vaguely
resembles a black body. If the light were to pass undisturbed, the spectrum
would look just like the one for a black body with the temperature of the
photosphere. But since the gas will become less dense and less hot further
out, photons will be absorbed in the characteristic wavelengths of the gas.
Gas may also emit light on some wavelengths.
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The resulting spectrum from a star will therefore be a black body spec-
trum with many dips or peaks. These are called spectral lines.

The intensity of specific spectral lines are proportional to the concentra-
tion of the corresponding atoms. It is thus possible to analyze the chemical
composition of the outer layers of stars where the surface temperature is
determined.

1.2 Classification of Stellar Spectra

It was discovered early that different stars have different spectra, and several
ways to classify were used. The system that is widely used today is the
Harvard classification, which is a temperature sequence ”O B A F G K
M” were O is the hottest and M the coldest. These are then divided in
subgroups by a number between 0 and 9, were 0 is the hottest. Stars to
the left of the sequence are called early-type stars and those to the right are
called late-type stars. The Sun is a type G2 star.

Stars with different temperatures have absorption- and emission-lines
of different strengths. The amount of a certain transition depends on the
statistical distribution of electrons on energy levels in the atoms, and with
increasing temperature comes more and higher states of excitation. Addi-
tionally, different states of ionization changes the number of energy levels,
thus explaining why hotter stars have fewer lines in their spectra. An atom’s
stage of ionization is denoted by a roman numeral after the atomic symbol.
For example, H I is neutral hydrogen and He II is singly ionized.

When a star is in equilibrium and burning hydrogen in its core, a phase
that take up most of the stars lifetime, there is for the majority of stars
a relation between luminosity and temperature. Stars that fit this relation
and are in the stable hydrogen burning phase are therefore called main
sequence stars. The relation between luminosity and temperature is usually
represented in a so called Hertzsprung-Russel diagram, se figure 1.

2 Stellar Structure

2.1 Stellar Energy Sources

When parts of a star contract under the force of gravity, potential energy is
released. According to the virial theorem about half of this energy is radiated
from the surface of the star while the other half heats up the contracting
matter. Although this happens throughout the life of the star, it is only
worth as an energy sources in the context of star formation.
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Figure 1: Hertzsprung-Russel Diagram Figure taken from
http://www.le.ac.uk/ph/faulkes/web/stars/r st overview.html

Hydrogen is fused into helium by the proton-proton chain or the CNO
cycle. The pp chain start occurring at temperatures of 4 million K, while
the CNO cycle starts at 13 million K. CNO starts to dominate at 17 million
K and its energy output increases faster with temperature. Thus CNO
dominates in hotter stars more massive than 1.3 solar masses.

The triple alpha process fuses helium nuclei into carbon. It starts to
become effective at temperatures over 100 million K.

In massive stars with even higher temperatures and densities several
fusion processes occur; carbon burning, neon burning etc.

2.2 Stellar Structure

The structure and evolution of stars are in large part dependent on the
ways in which energy is transported from the core to the surface. As in
any physical system, heat travels in the direction of lower temperature. In
large parts of most stars, heat is transported by radiation being emitted
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and reabsorbed repeatedly. In some parts though, the temperature drops so
fast that instabillities occur where large chunks of matter with a different
density move between layers. This is called convective motion.

The distribution of convective layers depends on the mass of the star and
has an important role in the way the star evolves. Stars with less than 25%
sun masses are convective throughout since the temperature drops relatively
fast on the small radius. As mass increase the convective zone begins further
and further out, but still goes all the way out to the surface. At one solar
mass, the convection is limited to 3% of the mass, extending about 30%
of the radius. At a mass slightly higher than one solar mass, convection
almost completely disapperas. Now when mass increases further, convection
appears in the core, and extends further the more massive the star is. The
distribution of convective zones at different mass is schematically illustrated
in figure 2.

Figure 2: Structure of ZAMS stars. The horizontal axis indicate the loga-
rithm of mass in solar units, the vertical axis indicate the position in the
star expressed in the fraction of the mass inside a particular radius. The
cloudy areas indicate convection. The two solid curves show the positions
where the distance r to the center is 0.25 and 0.5 times the surface radius.
The dashed curves show the positions interior to which 50% and 90% of the
stellar luminosity is generated. Figure is taken from article [9]

Outside the interior region is the stellar atmosphere. The photosphere is
the thin layer where the density is low enough that photons can leave the star
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without being reabsorbed on the way, and is usually on the distance from
the center that is considered to be the stars radius. It is the temperature
of the photosphere that is considered to be the surface temperature or the
effective temperature of the star.

What is above the photosphere differs significantly between hot and cool
stars. Cool stars, A7 or colder with effective temperatures below 7500 K,
have a chromosphere where the temperature is between 7000 and 20 000 K.
Beyond the chromosphere is the corona with temperatures around a million
K. Chromospheres and coronas have only been detected on low mass stars
with sub-photospheric convection. In hot O, B, and A type stars there are
strong winds driven by the radiation pressure from the atmosphere.

3 Stellar Evolution

3.1 Formation of Stars

New stars are formed from the gas and dust that exists in space between the
stars. This matter is called the interstellar medium. It consists primarily of
hydrogen in different forms; neutral, ionized and in molecular form. About
70% of the mass in the interstellar medium is hydrogen, the rest mostly
helium. Dust grains and various forms of simple molecules make up only a
few percent.

The interstellar medium is quite heterogeneous with varying density,
composition and temperature. Whether the thicker interstellar clouds will
collapse under gravity or not depends primarily on the density, but also on
several disturbing effects such as rotation, local magnetic fields and turbu-
lence.

When gravitational collapse happens a protostar will form, with a denser
region shrouded by surrounding matter which continues to contract.

As the main parts of the star reach hydrostatic equilibrium the simplified
modeling becomes at least partly applicable. The energy comes mainly from
gravitational contraction, heating the matter and radiating from the surface.
There is a significant contribution from hydrogen fusing with deuterium
though, since this can be done at relatively low temperatures. The star is
completely convective at this stage since opacity is high at this relatively
cold temperature.

As temperature increases, opacity is reduced until the core regions be-
come convectively stable and a region of radiative transport expands. During
this phase, the core temperature will reach the point where the nuclear re-
actions provide sufficient energy to counteract the gravitational contraction
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and the star settles down on the main sequence.
The temperature that has to be reached for fusion to start is around 6

million K. In stars of mass less than about 0.08 solar masses the tempera-
ture never reaches that high before the matter becomes degenerate and the
thermal energy is used to increase the pressure instead. These objects are
called brown dwarfs.

3.2 Main Sequence

While the stars are on the main sequence they are fusing hydrogen into
helium in the core of the star. The increasing amount of helium means that
the core pressure decrease, and equilibrium is maintained by contracting
the core increasing its temperature farther. This results in a higher rate of
energy production, and the stars become more luminous.

The way in which a star evolves on the main sequence and then end
is very much dependent on its mass, in particular wether or not it has a
convective core or not.

In a star of 1 solar mass the core is radiative and there is no mixing
between the layer in the core. Hydrogen will be consumed faster at the
center were the temperature is higher, and when it is depleted there will
still be hydrogen burning just outside the center. This means that the
transition to the next evolutionary phase is gradual.

In a star of 2.5 solar masses the core is convective and the matter is
mixed much faster than it is fused, meaning that the hydrogen decrease is
evenly distributed throughout the core. When the core hydrogen is almost
depleted the core contracts in an attempt to increase the temperature to
maintain the same level of energy production. As hydrogen is completely
depleted in the core, a shell source of hydrogen burning is established around
the core now consisting mostly of helium.

The luminosity of stars increase very rapidly with stellar mass, which
means that more massive stars consume their energy much, much faster
than lighter stars and thus have much shorter life spans. A star of 1 solar
mass live for about 10 billion years, while a massive star of 60 solar masses
go out in less than 4 million years.

3.3 Post Main Sequence

When the hydrogen shell source is established the outer envelope of the star
expands, and the surface temperature decreases. The star is moving towards
becoming a red giant.
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Hydrogen burning continues in the source shell, adding helium to the
core. The core contracts and increases its temperature until the next fusion
process where three helium nuclei are combined to carbon can commence.
There are now two sources of energy generation that will continue to result
in contraction and increasing temperature in the core. Depending on the
mass of the star, a number of similar phases may occur according to the same
principle with new fusion processes introduced as the temperature increases.

In massive stars at around 10 solar masses or higher, fusion will continue
until the core consists of iron-group elements. Since these elements have
maximal nuclear binding energy, no more energy can be released by fusion.
This point is reached 100 years after carbon burning begins. The heating
of the core when it now contracts will break up the iron nuclei into protons
and neutrons. Then the electrons and protons will join and form neutrons.
When the neutrons become degenerate, the collapse suddenly stops. The
shock waves from the sudden stop combined with the released neutrinos
from the formation of neutrons transfer energy to the envelope which is
ejected in a supernova explosion. The ejected matter forms an interstellar
gas cloud, which is enriched by elements formed in the shell sources and
through neutron capture during the explosion. If the remaining core is
below 1.5-2 solar masses it forms a neutron star, and if it is more massive
nothing can prevent it from collapsing into a black hole.

Intermediate mass stars of 2-10 solar masses never get hot enough for
carbon burning to start. The envelope is lost during a period of a few tens
of thousands of years, leaving the compact. degenerate carbon-oxygen core
behind. The core is initially very hot and radiates to cool down. This object
is a white dwarf. Low mass stars also end up as white dwarfs.

4 Diagnosing Stellar Magnetic Fields

4.1 Atom in a Magnetic Field

When an atom or molecule is in a magnetic field, the spectral emission and
absorption lines are displaced since the magnetic field changes the atomic
energy levels. These changes in structure also alter the polarization proper-
ties of the emitted radiation. Magnetic fields on the surface of most stars is
thus possible to remotely detect and measure.

In time independent solutions of the Schrödinger equation, the energy
levels of the steady states are found to be the eigenvalues of the function
upon which the hamiltonian is applied. In the case including magnetic field,
central potential V (r) and L-S coupling, the hamiltonian is, in Gaussian cgs
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units:

H = − h̄2

2m
∇2 + V (r) + ξ(r)L · S +

[
− e

2mc
B · (L + 2S) +

e2

8mc2
B2r2 sin2 θ

]

Where m and e are the electron mass and charge and c is the speed
of light, B is the magnetic field vector, L and S are the orbital and spin
angular momentum operators, and ξ(r) is

ξ(r) =

(
1

2mc2r

)(
dV

dr

)
The terms are in order of appearance kinetic energy, potential energy,

spin orbit coupling energy, and the two magnetic energy terms. The mag-
netic effect is referred to by different names depending on which of the last
three terms dominate in different intervals of B-field strength; the Zeeman
effect, the Paschen-Back effect, and the quadratic Zeeman effect.

The magnetic fields found on main sequence stars are generally of the
order of 1 kG (1 kiloGauss = 0.1 Tesla) and very rarely above 30 kG. The
magnetic fields of massive stars are thus pretty much covered by the Zeeman
effect.

5 The Zeeman Effect

When the linear magnetic field term is larger than the quadratic field term
but smaller than the spin-orbit term, the magnetic field is usually in the
realm of the Zeeman effect. If the atom is described by L-S coupling, J
and mJ are good quantum numbers since J is conserved when L and S
individually are not. The atoms magnetic moment is aligned with J, and
the energy of the magnetic moment is proportional to B ·J. For each atomic
state that would have the energy Ei0 if no magnetic field were present, there
are 2J + 1 magnetic sublevels with energies

Ei = Ei0 + gi

(
e

2mc

)
BmJ h̄

gi is the dimensionless Landé factor which depends on the energy levels,
and usually is between 0 and 3. For L-S coupling it is given as

gi = 1 +
J(J + 1) + S(S + 1)− L(L+ 1)

2J(J + 1)
.
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The frequency of emitted or absorbed photons is proportional to the
difference in energy between the energy levels

νij =
Ei − Ej

h
= ν0 +

(
eh̄B

2mch

)
(gimi − gjmj).

The allowed transitions are mj = mi ± 1 or mj = mi. Expressed in a
fairly close approximation, the wavelengths are

λij =
c

νij
= λ0 + ∆λZ = λ0 +

(
eλ20B

4πmc2

)
(gjmj − gimi).

And finally numerically , including only the deviation from the normal

wavelength that would appear were no magnetic field present, with λ in
◦
A

and B in G,

∆λZ = 4.6710−13λ20B(gjmj − gimi)

Worth noting is that the difference not only increases linearly with B,
but also with the square of the wavelength.

The existence of the selection rules severely limits the number of compo-
nents into which a single spectral line splits when a magnetic field is present.
mj = mi transitions are called pi components(π), and mj = mi ± 1 are
called sigma components(σ).

5.1 Polarization Properties

The light emitted from atoms or molecules that are not in a magnetic field
are not found to have any particular polarization but the π and σ compo-
nents from the Zeeman effect do, and this is very useful for detecting and
analyzing stellar magnetic fields.

The polarization of the Zeeman components depends first on the type of
transition and then on the orientation of the magnetic field vector compo-
nents compared to the direction in which the emitted light is traveling, the
line of sight.

In the case of a magnetic field being perpendicular to the line of sight, a
π component with mj = mi is linearly polarized having a electric field vector
parallel with the external magnetic field vector. In σ component mj = mi±1
transitions, the emerging light is linearly polarized perpendicular to the
external field.

If the magnetic field instead is aligned parallel to the line of sight, the
mj = mi components will have zero intensity while the mj = mi±1 compo-
nents are going to have circular polarization, clockwise or counterclockwise
depending on the sign of ∆m = ±1.
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5.2 Observing Polarization in Stellar Spectral Lines

The very first time magnetic fields were detected on any star was in 1908
[10], and the star in question was, not surprisingly, the Sun. It would take
nearly 40 years until a field was detected on another star than the Sun,
the reason being that the Sun is a rather favorable object with its high
brightness, slow rotation and relatively strong magnetic fields.

Zeeman splitting in stars is quite small, of the order of 0.01
◦
A per kG, and

is thus masked by the effects of doppler broadening even at rather modest
rotational velocities. Stellar fields on other stars were finally discovered
when Horace Babcock got the idea to utilize the polarization properties of
the Zeeman effect to detect weak fields.

The ways in which a spectral line is affected by a magnetic field is shown
in figure 3. The left column are all cases were the external magnetic field
is parallel with the line of sight, while the right column are cases were the
magnetic field is perpendicular. The top row shows Zeeman splitting of a
spectral line, with π components above and σ components below the hori-
zontal line. The second row shows a spectral line without (dotted) and with
(continuous) a magnetic field. Here the field isn’t strong enough to split the
lines completely (which is often the case), so it looks like it’s just broadened,
more so in the parallel case. The third row shows the different polarization
components. The case of a parallel magnetic field is most interesting; when
using a polarising filter and a beam splitter, the light is divided to make two
spectra where the clockwise and counterclockwise circular polarization com-
ponents are seen each on their own, thus allowing much better measurements
of the wavelength displacement induced by a magnetic field. The fourth row
shows the circular polarization profiles corresponding to the spectra in the
third row.

Babcock searched for magnetic fields on various types of stars. He did
this by equipping the telescope with a quarter-wave plate, followed by a
linear polarization beam-splitting analyzer. The quarter-wave plate converts
left and right circular polarized light into two orthogonal linear polarized
components.

The light then passes through a calcite plate, which has the effect that
the different linear polarizations follow different paths. Those paths lead
to a spectrograph,producing two separate spectra, each of them contain-
ing spectral lines from only one of the two original circular polarization’s.
The strength of the line of sight component of the magnetic field can thus
be derived by measuring the difference in wavelength between the circular
polarization components. More precise measurements can be obtained by
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Figure 3: The effects of Zeeman splitting and polarization on stellar spectral
lines. The left column shows the situation where the magnetic field is parallel
to the line of sight, and the right column shows the situation where the
field is normal to the line of sight. The top row shows Zeeman splitting
of a spectral line. The second row shows a comparison between the non-
magnetic (dotted) line and the (solid) line were the magnetic field is applied.
In the third row are shown proles as viewed through right and left circular
analysers (left) or linear polarisers aligned parallel and perpendicular to the
eld. The bottom row shows fractional polarisation signals derived from the
row above. The figure is taken from article [3].

taking the average over many lines.
Babcock restricted his search to stars with rotational velocities ve sin i

less than 20 or 30 km/s, since these stars have limited doppler broadening
and thus have quite sharp and narrow spectral lines, making good measure-
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ments easier to obtain. From 1947 and onward, he discovered a number of
main sequence stars with detectable Zeeman polarization. These are stars
similar to normal A and late B type stars, except that several elements ap-
pear in greater or lesser amounts in the spectrum, and that the rotational
velocity usually is significantly less than what is normal in these stellar types.
They are therefore called Ap stars, where the p stands for ”peculiar”.

5.3 Measuring Ap Star Magnetic Fields

When indications of a magnetic field has been found in the spectra of an
Ap star, the following problem is to find out the actual strength, orientation
and distribution of the field over the stellar surface. As mentioned above,
Babcock found out how to measure the line of sight component of the mag-
netic field. But since the stars are so distant, it is not possible to measure
the field directly at different parts of the surface. What can be measured is
the value of the line of sight component averaged over the - at the time of
measurement - visible hemisphere.

Several relations have been found, making such average values easily
obtainable from measurements of spectra. Two such relations are the weak-
field approximation and the weak-line approximation. Both of those are
useful in estimating the mean of the line of sight component, 〈Bz〉. Both
methods do require measurements on spectra with separated circularly po-
larized components. In those few stars were the magnetic fields are strong
enough and rotational line broadening is small enough, measurements of ac-
tual line splitting is possible and provide an estimate of the average value
of the absolute field strength 〈|B|〉, or 〈B〉.

5.4 The Weak-Line Approximation

In an optically thin gas, the difference in wavelength between the centers of
gravity of the number ofπ and σ components are

∆λσ−π = z
λ2eB

4πmc2
= 4.67× 10−13zλ20B,

were z is the effective Landé factor of the line, given by

z =
1

2
(gi + gj) +

1

4
(gi − gj) [Ji(Ji + 1)− Jj(Jj + 1)] ,

and B is the line of sight component. Since the line of sight component is
B cos θ were B is the total field and θ is the angle between the line of sight
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and the actual field vector, the actual wavelength shifts can be expressed as
∆λσ−π cos θ and −∆λσ−π cos θ. The difference in wavelength between the
left and right circulary polarized component is thus ∆λ = 2∆λσ−π cos θ.

So, if this difference is obtained from observations, it is trivial to solve
the equation for the hemispheric average value of B cos θ = 〈Bz〉. Although
this expression is only accurate for optically thin lines, it is a reasonable first
approximation for stronger lines as well.

5.5 The Weak-Field Approximation

When the width of the circularly polarized components is much wider than
the magnetically induced shift between them, this approximation might be
useful. One still needs ∆λ to find 〈Bz〉, but here we need a good scan of the
line profile I(λ) and a polarization measurement for a single point or two.

The relation IL − IR = (dI/dλ)∆λ is approximately correct. The frac-
tional circular polarization measured at the point in question can be re-
written V = (IL − IR)/(IL + IR) = (dI/dλ)∆λ/(IL + IR). Since V is
measured and I(λ) is known, the expression can be solved for ∆λ.

6 Ap Stars

6.1 Basic Characteristics of Magnetic Ap Stars

〈Bz〉 has been measured for over 100 Ap stars, many of them repeatedly,
and it has been found that they share several common properties.
〈Bz〉 tend to be variable, and if it is, it is always periodic. The variation is

usually sinusoidal, and 〈Bz〉 usually takes both positive and negative values
during a period. The brightness of almost all Ap stars also changes within
a few percent periodically, with the same period as the magnetic changes.
Another variation that follows the same periodicity is the shape and strength
of individual spectral lines. Lines associated with a single element tend to
increase or decrease in a similar manner, but there is no necessary connection
between the behaviour of lines associated with different elements.

The period shared by these phenomena span a large interval of times,
ranging from 0.5 days to many years. The length of the period does not
seem to have any effect on the manner in which the phenomena appear.
The period is however closely related to the projected rotational velocity,
ve sin i, inferred from the spectral line width. Stars with small ve sin i have
long periods while stars with large ve sin i have short periods. The conclusion
is that the periods in question are the rotational periods of the stars.
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Although observables show variations during the period, the same vari-
ations occur over and over again without seeming to change much. This
suggests that the magnetic field and the abundances of different elements
vary spatially over different areas of the surface and are constant or change
very slowly in time. What seems to be very gradual decreases in rotational
frequency has been observed in a small number of Ap stars, though.

Considering the stable nature of the magnetic field and the nearly sinu-
soidal behaviour of the 〈Bz〉, one can suggest that Ap stars have magnetic
fields that are roughly dipolar, with their polar axis inclined to the stars
rotational axis. This model of a star with a simple magnetic field structure
whose axis is inclined to the rotation axis, is known as the oblique rotator
model.

Figure 4: Structure of dipole field

6.2 Simple Models of Ap Stars

The simplest oblique rotator is a magnetic dipole whose axis is inclined at
some angle β to the rotation axis, and the rotation axis is inclined at angle
i to the line of sight. The variation of 〈Bz〉 can be expressed as

〈Bz〉(φ) = Bp
15 + u

20(3− u)
cos i,

cos i = cosβ cos i+ sinβ sin i cos 2π(φ− φ0)
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where Bp is the polar field strength, φ is the rotational phase, φ0 is the
phase of 〈Bz〉 maximum, and u is the linear limb darkening constant.

In those stars for which 〈B〉 is measurable over rotational cycles, it is
possible to express the variation of 〈B〉 as

〈B〉 = Bp
3

3− u

{
[0.7778(1− u) + 0.5517u] cos2 l + [0.6478(1− u) + 0.4143u] sin2 l

}
.

where l is the angle between magnetic axis and the line of sight.
With 〈B〉 it is possible to consider a more complex field, which could

be a multipole field of higher order, like quadrupole. This allows a model
where the poles have different field strength, a model that often fit the data
even better.

These simple models do not describe the real field in detail, but they
do offer a fairly good picture of the overall field structure, using relatively
simple computations.

It can be concluded that the Ap-star field is fairly homogenous, and
seems to lack the mixture of regions with very strong fields and regions
with hardly any magnetic field that are typical of colder stars like the sun.
The magnetic field strength is generally not the same at both poles, and
this seems to be connected to the distribution of chemical elements. The
abundance of a certain element may have a patch of maximum amount near
one pole, and a patch of minimum amount near the other.

7 Advanced Modeling

In order to get more information about the distribution and abundance
of different chemical elements and the magnetic field, other methods are
necessary. Instead of using simple geometrical models as described above,
one can try to make models that directly reproduce the spectrum of magnetic
stars and it’s variation with time.

When electromagnetic radiation is traveling through the stellar atmo-
sphere, some of it is absorbed. A small volume of the gas is not going to
absorb radiation indefinitely though, so radiation will be re-emitted. The
specifics of how a volume of the gas will behave are dependent on the density
and distribution of elements. Since energy is conserved, an equation of radia-
tive transfer can be found, describing its behaviour. When magnetic fields
are involved, the transfer equation is replaced with several equations that
take polarization properties into account. The relation between gravitation
and pressure is expressed by the equation of hydrostatic equilibrium.

16



Figure 5: An example of a fit to a strongly magnetic star, HD 215441
known as Babcock’s star. The successive spectra are from different point in
the star’s 9.5-day rotation period. Observations are in black and computed
spectra are in blue. Figure is taken from article [4].

A model stellar atmosphere is important when computing the stellar
spectrum whether the star is magnetic or not. The point is to determine the
properties of the atmosphere at different depths, since those determine the
radiative transfer. Assuming an initial distribution, hydrostatic equilibrium
is used to calculate the structure, which in turn is used to calculate the
opacity. The equation(s) of radiative transfer is now used to calculate the
radiative flux. The properties will then be adjusted in iterations until the
calculated flux is consistent with conservation of energy and the resulting
spectra corresponds to the real observed spectra.

To compute a stellar magnetic distribution, an initial distribution of
magnetic field over the surface is assumed. It is then combined with the
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previously computed model atmosphere and the resulting spectra is com-
pared to the real spectra. By iteration, the field components are adjusted
until the computed spectra corresponds to the observed one. An example
of a fitting to a magnetic field is seen in figure 5.

8 Recent discoveries

Apart from peculiar A and B type stars, no other well established cases of
magnetic intermediate-mass stars have been found. Magnetic fields have
recently been detected in a number of other stellar bodies. Some magnetic
early B and O stars with similar properties to Ap/Bp stars, except that they
have none or very faint chemical abundance peculiarities. Fields have also
been found in some Herbig Ae/Be stars, A and B stars that have not yet
reached the main sequence.

9 Magnetic Field Origin and Evolution

Magnetic fields of smaller, colder stars have quite different properties com-
pared to their more massive cousins. The fields are extremely variable in
time and extremely non-uniform spatially. The fields appear to increase in
strength with increasing rotation frequency in colder stars, while the field
strength is unrelated to the rotation frequency in hotter stars. Also, while
the presence of magnetic fields are a rarity in hotter stars, they seem to be
obligatory in colder stars.

The fields of colder stars appear to be strongly correlated with the pres-
ence of the deep outer convective zone characteristic of these stars, and the
fields are likely generated by contemporary dynamo action. The basic idea is
that hydrodynamical motions inside the star, in particular the outer convec-
tive motions in combination with the star’s rotation, cause magnetic fields
that emerge from the surface as flux tubes. Hotter stars have significant
convection in the core only, and this with the other differences mentioned
would suggest that dynamo action may not be the source of the fields in
these stars, but the possibility has nevertheless been considered.

It has been found that dynamos in fully convective M dwarfs are capable
of producing strong axisymmetric fields, and the same could presumably be
done in the core of upper main-sequence stars. The difficulty is to bring the
magnetic flux out to the surface and produce the simple and stable fields
that have been observed without disrupting the dynamo action. Other types
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of dynamo action has been proposed, but they all have several properties
that do not fit with observations.

Figure 6: A very simple depiction of a combination of poloidal (red) and
toroidal (blue) field lines. Figure taken from article [7].

Another proposed idea is that the magnetic fields of early-type stars
were generated at some earlier time in the star’s history and have been
maintained by magnetic self-induction since then. In this theory, called the
fossil field hypothesis, the magnetic fields in the interstellar medium are
partially retained when the protostar is formed. Much of the field strength
is lost through ohmic dissipation during contraction, and thus only those
stars with initially very strong fields are going to form magnetic stars. Since
conductivity of the plasma these stars are made up of is quite high, the fields
that survive the formation process is thus going to be retained for a long
time, longer than the star’s lifetime. Such fields are expected to be simple,
static and not scale up with increasing rotation.

Whether simple fossil fields are stable or not is still an issue though.
Purely poloidal and toroidal fields are known to be unstable, but a combi-
nation of both can be made stable for a large-scale field. Recent numerical
experiments [7] have suggested that many initially unstable field structures
will spontaneously evolve into stable configurations with a mix of poloidal
and toroidal fields, as seen in figure 6.

Although there are still problems to solve, the fossil field hypothesis does
seem to be the likeliest explanation.
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10 Finding the Field Structure of the Star HD
37776

Figure 7: The data points (red) and the best possible solution I could find
(blue curve) which is solution 1. Solutions 1 and 2 are indistinguishable at
this resolution, though.

I was given the opportunity to test stellar magnetic modeling for myself,
the oblique rotator model specifically. I was handed a program where 〈Bz〉
data is used to derive a global magnetic field structure with a combination of
dipole, quadrupole and octupole fields. Only linear, co-aligned quadrupole
and octupole terms are considered, and this approximation is equivalent to
the superposition of spherical harmonics with l=1,2,3 and m=0.

The program allows initial values of the field strengths to be chosen, as
well as the angle of inclination of the rotational axis, the angle of inclination
between the rotational axis and the magnetic axis and the phase angle of
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Figure 8: Solution 1 with dominating octupole. The star is shown at six
different rotation phases.

the magnetic field axis. The values of the angles can also be chosen to be
fixed or variable. With a set of initial values, the program then iterates the
field structure until it stabilizes.

A number of 〈Bz〉 measurements from the star HD 37776, published
in the article [11], is used as the source data. The data points appear to
represent a field variation that diverged from what had been seen on all high
mass star before then. Several explanations were considered, but the only
one that seemed to hold water was that this star had a field structure where
the dipole strength was weaker than the fields of the higher order poles.

Trying different initial configurations, I found two good solutions. One
was slightly better, but the difference was negligible. The data points and
the solution is given in figure 7. But as one can see in figures 8 and 9, the
structure of the causing field can be rather different. The first solution was
obtained with fixed inclination angle to the rotational axis, while the second
had this parameter variable. The parameters of the fields can be seen in
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Figure 9: Solution 2 with quadrupole and octupole of same order. The star
is shown at six different rotation phases.

table 1.
These two rather good solutions were found by testing several initial

configurations at random. One could do this in a more organized manner
by keeping some parameters fixed and changing the initial values of others
in steps. One can then see how the result behaves. Some parameters may
be determined by other means. The inclination of the rotational axis can
be assumed to be between 60 and 80 degrees for this star judging by the
period,rotational velocity and radius. But the margin of error is quite large,
so although 89.5 degrees does seem a bit high for the second solution, it is
not impossible. All this considered, it doesn’t seem unreasonable that this
method has limits and that the correct approximation may be indistinguish-
able from other equally good ones.
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Parameter Solution 1 Solution 2

Inclination of the rotational axis (degrees) 60.000 89.485
Angle between the magnetic field axis and
the rotational axis (degrees)

71.830 89.162

Phase angle (degrees) 294.838 294.997
Dipole strength (kG) 1.455 3.406
Quadrupole strength (kG) -4.516 -62.267
Octupole strength (kG) 78.788 43.534

Table 1: Parameters of the fields
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