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Abstract

In this paper we analyze the small C1.5 class solar flare observed on
June 30th 2013 by the Swedish Solar Telescope. The evolution of asym-
metries in the Hα line profile of the solar flare was studied where it could
be seen how the number of red asymmetric regions had a maximum value
near the beginning of the flare and then decreases rapidly in the first 4
minutes of the observations. This could be interpreted as a correlation
with the HXR and microwave emissions of the impulsive phase of the flare
as these emissions also typically have a similar rapid increase and decrease
of emission intensity.
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Figure 1: Figure taken from Song et al. (2016). Panel a) shows the sunspot group as seen
in the photosphere, with the photospheric granulation visible outside the sunspots. Panel
b) shows the corresponding magnetogram, which is a magnetic field map where one can see
the MIL, the line between the dark and the light magnetic field regions. The dark and light
regions indicate the opposite magnetic polarities in those regions.

1 Introduction

1.1 The physical aspect of flares
The core of the Sun has a temperature of 15 million degrees Kelvin and this
is where hydrogen is fused into helium. The core is surrounded by a radiative
zone where the energy from the core is transferred outward predominantly by
radiative processes because of the extreme densities and pressures. Outside
the radiative zone there is a relatively lower density region where energy is
transported further outward by convection, which is called the convective zone.
The whole solar interior is very hot due to the energy supplied by nuclear fusion
in the core, and therefore filled with conductive plasma. It is believed that, due
to the constant differential movements of the plasma at the border between the
radiative and the convective zones, magnetic fields are created in a region called
the tachocline (Parker 1955; Babcock 1963). These magnetic fields are brought
to the surface of the Sun, the photosphere, by processes such as convection and
magnetic buoyancy (Nelson et al. 2013). Some of the magnetic field that reaches
the solar surface rises through the chromosphere, into the low-density, high-
temperature corona where they form coronal loops. When groups of coronal
loops form, a sunspot can be created. The magnetic inversion line (MIL) in
a sunspot group is a dividing line identified between the different magnetic
polarities of the loop. The left panel in fig. 1 shows a sunspot group, as well
as the photospheric granulation created by the convective cells rising to the
photosphere, outside the sunspots. The right panel shows a magnetogram, a
map of the magnetic fields, of the sunspots in the left panel where the MIL is
seen as the line between the two polarities, that is, between the dark and light
region in the center of the image.

Due to the movements, such as buffeting from the granulation cells, the
foot-points of the magnetic loops are constantly being moved and twisted. This
leads to twisted and braided groups of coronal loops forming into flux ropes

2



Figure 2: Figure taken from (Oliveros et al. 2012). HMI and RHESSI images, where the
HXR flare foot-point sources are shown with light-blue contours. There are seen to be nearly
cospatial with the enhancements in white light. SXR sources in the coronal loop are seen via
the orange contours in the left panel.

(Mouschovias & Poland 1978). Such motions may cause the individual loops in
the rope to come into close proximity, and then the field lines can reconnect.
This reconnection will release large amounts of energy stored in the magnetic
field. The energy of about 1037 ergs released in these reconnection events (Kar-
lický 2014) causes emission from the loop-tops, near the source of the reconnec-
tion, in the form of Soft X-Rays (SXR). It also goes into accelerating electrons
and protons (Fletcher et al. 2011), as well as other phenomena such as magneto-
acoustic waves (Russell & Fletcher 2013), which travel through the low-density
corona along the magnetic field lines, until they reach the higher density chro-
mosphere. Here the accelerated particles collide with the ambient plasma and
produce high energy Hard X-Rays (HXR), sources of which are detected at the
loop foot-points (Oliveros et al. 2012). Fig. 2 shows the HMI and RHESSI image
from the so called impulsive phase of a flare, where the HXR emission from the
foot-points is shown in blue, whilst the SXR emission of the loops is shown in
orange and the white light (WL) emission at the chromosphere is shown in red
(Oliveros et al. 2012)

The energy transported from the loop-tops is deposited in the lower at-
mosphere causing plasma heating and excitation, and shockwaves that pass
through the chromosphere (Benz 2016; Druett et al. 2017; Fletcher et al. 2011).
The heated and excited plasma causes increased continuous and spectral line
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Figure 3: GOES and Hα classifications. Figure taken from Fletcher et al. (2011) with data
taken from Thomas & Teske (1971).

emission in a wide range of wavelength, and results in brightenings which are
another part of what are called solar flares.

Depending on the SXR emission recorded by the GOES instrument (Veronig
et al. 2002), flares are categorized into different classes: A, B, C, M and X, where
X class flares are the most energetic and intense (see table in fig. 3, Fletcher
et al. 2011). An older way of classifying flares is by categorizing the intensity
and surface of the emitting region of Hα emission, also seen in fig. 3.

The emission in solar flares is described by three distinct phases as seen in
fig. 4 (Kane 1974): the precursor, the impulsive and the gradual phase. The
precursor phase lasts for a few minutes to an hour and is identified by the slow
increase in SXR and ultra violet (UV) emission. The impulsive phase lasts for
a few seconds to a few minutes. During this phase electron and ions are ac-
celerated through the loops in the corona into the foot-points of the loops in
the chromosphere with an increase in emission in all wavelengths, but particu-
larly through the HXR discussed above. After the impulsive phase, the HXR
and microwave emission decrease rapidly because they are associated with the
non-thermal particles accelerated in the reconnection events, whilst the thermal
SXR, Hα and extreme ultra violet (EUV) emission increases slowly in emission,
reaches a intensity maximum, and decreases gradually in a phase aptly called
"the gradual phase" which lasts for over 10 minutes. We will now look in more
detail at the emission in spectral lines during a solar flare, in particular we will
focus on Hα.

1.2 Spectral responses and Hα

1.2.1 Hα spectral line

The Balmer series of hydrogen forms when a photon is emitted due to an electron
changing principal quantum state from a higher state to n=2 in hydrogen. Hα
is the first in the Balmer series, which is the emission when an electron changes
state from n=3 to n=2. Due to the complexity of the temperature profile of the
solar atmosphere the Hα line emitted in regions of the Sun with lower magnetic
activity, called the quiet Sun (QS), is an absorption line rather than an emission
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Figure 4: The standard phases of solar flares: The precursor, impulsive, and gradual phases
shown with approximate duration on the x-axis. The corresponding electromagnetic and
particle radiation that is typically observed in each phase is shown using solid lines. Taken
from from Kane (1974).
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line (see the black line in fig. 5, Druett et al. 2017). That means that the emission
in the wings of the line profile, away from the line central wavelength, is much
higher than that in the line centre. The VAL-C temperature profile (see fig. 6,
Vernazza et al. 1981) shows a classic model of how the temperature changes as
a function of height from photosphere to the transition region near the corona,
and is shown in a figure which also depicts the supposed heights from which the
different spectral emissions come. Let us use this profile to understand why the
Hα line is an absorption profile under the conditions of the QS.

Due to the high temperature of the interior of the Sun, the particles in
the convective zone are almost all fully ionized, meaning there is constant free-
free (also know as bremsstrahlung) and some bound-free (also called ionization)
emission which produces an emission continuum, this will be close to a black
body emission profile if the plasma is in local thermal equilibrium (LTE). The
surface of the Sun, however, has a lower temperature, about 6000 K, which
makes it possible for electrons to recombine with protons to form hydrogen
atoms. This makes the bound-bound transitions possible, and therefore Hα
spectral line emission is generated. Due to the high densities and ideal formation
temperatures, the source function of Hα takes significantly high values at the
photosphere and just below. The light generated at these depths in the central
wavelengths of the Hα line profile cannot escape the Sun directly, and gets
entirely absorbed by the ambient plasma above it. However, in the wings of
the Hα line profile the absorption coefficient is significantly lower, and so the
high level of emission generated at photospheric heights can escape directly
from the Sun’s atmosphere and is responsible for the high wings of the Hα line
profile seen through our telescopes. Therefore, when observing the QS in the
wavelength of the wings of the Hα line profile, one can see the QS photosphere.
When observing in the central wavelength of the line the chromosphere is seen.
Fig. 18a and fig. 18c are taken in the blue and red wings, and the photosphere
with the photospheric granulation in visible in the QS regions, while fig. 18b is
taken from the central line profile and therefore one can see the chromospheric
Hα features, such as the dark canopies of fibrils and shocks.

A little higher up in the solar atmosphere the temperature and densities
decrease in the so-called temperature minimum region, with the temperature
reaching as low as about 4000 K. The result is that the temperature is too low
for significant amounts of hydrogen to exist in the second and the third principal
quantum state and therefore there is little Hα emission, but also no absorption
of the Hα radiation that is generated in the photosphere below. Moving up-
ward again, we enter the chromosphere and the temperature becomes higher,
increasing the proportion of electrons in the excited states of the hydrogen atom.
This means that Hα absorption and emission occur again, but significantly less
emission than at the photosphere due to lower densities.

Even further up in the solar atmosphere in the transition region, the region
between the chromosphere and the low density corona, the temperature reaches
high above the ionization energy of hydrogen. This lead to practically no bound-
bound transitions of hydrogen, that is, very little emission of Hα.

A convenient way to picture this is that the Hα source function decreases
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Figure 5: Normalized Hα line profiles from flare region for the three first time frames of the
C1.5 class flare described in sec. 2, taken from Druett et al. (2017)

higher up in the solar atmosphere, and that the light escapes from the line
central wavelengths from higher heights than in the wings due to the higher
absorption coefficient in the central wavelengths. This leads to higher emission
escaping in the wings of the profile than in the line centre. Therefore the Hα
line profile is an absorption line.

In 1917, Ferdinand Ellerman noticed a number of sudden intense bursts in
the optical lines, especially in the Hα emission, where the wings were greatly
enhanced while the line center remained quiet. This phenomenon was later
named after him: Ellerman bomb, but sometimes also called "moustaches"
(Ellerman 1917; Watanabe et al. 2011). This bright phenomenon take place
in regions with emerging flux where the strong emission is believed to occur
deep in the photosphere. Therefore, as was the case in the QS, the result is
an immense amount of emission escaping in the wings of the profile, but the
absorption of the emission in the line centre. Fig. 7 shows the Hα line profile
from observations from the CRisp Imaging SpectroPolarimeter (CRISP) on the
ground based Swedish Solar Telescope (SST) for different phenomena in the
Sun. The upper left panel shows the Hα line profile for an Ellerman bomb,
while the bottom right shows the Hα line profile for the QS.

1.2.2 Hα spectral line in flares

In solar flares the Hα line profile is converted from an absorption profile into
an emission profile. This is thought to result from the delivery of the energy
released in magnetic reconnection from the corona down to the chromospheric
heights. The energy is then deposited in the chromosphere and excites the
electrons in the hydrogen atoms of the ambient plasma, causing a strong in-
crease of the source functions of lines including Hα. Because this occurs at the
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Figure 6: The 1D VAL-c model of the solar atmosphere from Vernazza et al. (1981). The
solid line shows the temperature in the solar atmosphere from the photospheric depths on
the right, through the temperature minimum region and chromosphere, up to the transition
region on the left side of the figure.

Figure 7: Hα line profiles from CRISP observations for different phenomena, observed on
the June 11th 2008. The gray lines are the CRISP data, and the solid black line shows the
fitted average values. Taken from Watanabe et al. (2011)
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heights where the emission can directly escape at the line central wavelengths,
it then forms an emission line. However, the profile if often not so simple, show-
ing strong asymmetries that can inform us about the plasma dynamics in the
chromosphere. We will now discuss these asymmetries.

In the early stages of a flare, red asymmetry of the Hα line profile can be
detected in most of the flares near the disc center (Švestka et al. 1961). This
means that there is much greater emission in the red (longer) wavelengths of the
spectral line than in the blue (shorter) wavelengths. The asymmetry is believed
to be due to compression of the plasma in the flare’s chromospheric region, where
the chromospheric downflows have been reported with velocities between 40 km
s−1 to 100 km s−1. The downward motion is thought by some researchers to be
caused by heating of the chromospheric plasma by the energetic electrons that
are accelerated at the sites of magnetic reconnection, near the tops of the coronal
loops and can be detected during the onset of a flare due to the Bremsstrahlung
radiation (Ichimoto & Kurokawa 1984; Wuelser & Marti 1989).

Another potential cause of a detected red asymmetry is absorption by over-
lying material at blue shifted wavelengths, which reduces overall intensity of the
blue wing compared to the red wing of the Hα line profile. Kuridze et al. (2015)
found in the September 6th 2014 flare, obtained from the CRISP instrument
on SST, a "horn" structure of the Hα line profile, visible at ±0.5 Å from the
line center. This structure are easily misinterpreted as Doppler shifted emis-
sion, the same type that is created due to the down-flowing material at the flare
ribbons (see sec.1.2.3), but actually results from the shift in wavelength of the
maximum opacity due to phenomena such as the steep velocity gradients in the
flaring chromosphere (Kuridze et al. 2015). The authors give a word of cau-
tion that, as shown in the results from the CRISP observations and simulations
made with the radiative-hydrodynamic code RADYN, the enhancements in the
red and blue wings of the Hα line profile during a flare may not be a result
from Doppler shift due to evaporation and condensation of the chromospheric
plasma.

The idea of such absorption was dismissed by Ichimoto & Kurokawa (1984) in
the case of highly Doppler red shifted emission due to the results from Fritzová
(1960) and the calculations of the requirements for the optical thickness needed
in the overlying material, which could not explain an attenuation of the blue
wing in their observations as it would required the optical thickness of the
overlying Doppler shifted material to be much larger than the total optical
thickness of that region. Enhancements of the blue wing are also detected in
flares, and can caused by the up-flowing plasma (chromospheric evaporation)
that results from the energy deposited by the accelerated electrons from the
reconnecting coronal loops.

Another important point in this debate is the restriction of the small spectral
window of wavelength used in modern Hα observations. In order to focus on
the form of the H-alpha profile in non-flaring contexts, narrower windows of
wavelengths are used in modern instruments, with a greater density of spectral
sampling points in the small windows. We discuss this discuss further in sec. 1.3
and sec. 4.
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1.2.3 Flare Ribbons

Large bright elongated structures often observed in flares through Hα filters,
are called flare ribbons. These ribbons appear pairwise and are separated by a
MIL. Some researchers, including Kazachenko et al. (2017), suggest that they
arise due to thermal conduction from coronal arcades, which are groups of post-
flare loops in close proximity creating a cylinder structure (see fig. 8), or from
lower energy particles. In the early stage of the flare the ribbons are narrow and
close together, but as the flare progresses the ribbons start to drift apart from
the MIL at speeds up to a few hundred km s−1, where the post-flare arcades
are forming, and start to expanding in size (Qiu et al. 2017). In fig. 9 one can
see how the flare ribbons start close together and expand as the coronal arcade
starts to form, connecting the two ribbons. As the flare starts to develop there
is a high and intense red wing enhancement of the Hα line profile at the ribbon.
However as the flare develops and the flare ribbons start to expand and drift
apart the high intense red asymmetry emission decreases.

Švestka et al. (1961, 1962) conducted a survey of 244 regions of 92 flares by
analysing photographs by the Ondrejov spectrograph. It was found that most
regions that were detected showed red wing asymmetry at some stage (67%)
while only 16% showed blue asymmetry at some point. It was also found that
the more enhanced the emission in the line, the greater the degree of red-wing
asymmetry was observed (see table 4 in, Švestka et al. 1962). The optical thick-
ness of the calcium and hydrogen lines were analyzed at both the disc center and
at the solar limb, reaching the conclusion that the most probable explanation
for the enhancement in the red wing is due to Doppler effect. Due to the lack
of high resolution imaging available from the Ondrejov spectrograph in that
era, the authors could only describe the net asymmetry of large regions within
the flares, and not the small-scale structure or distribution of the asymmetries
of these profiles within a flare ribbon. Thanks to modernization of the obser-
vational instruments a large amount of spectral, spatial and temporal detail
regarding the Hα emission and line profiles can now be added to this overview.

1.3 An issue with modern observations
In modern spectroscopic observations of the Hα spectral windows of the profiles
are relatively small (around ± 1-1.5 Å, centred near line central wavelength
6562.8 Å) which restricts the complete analysis of the flare dynamics and emis-
sion due to the fact that the far red and far blue wing changes in flares can not be
observed. Ichimoto & Kurokawa (1984), and others from the 1980s and 1990s
(for example Zarro et al. 1988; Wuelser & Marti 1989; Wuelser et al. 1994),
however used larger spectral windows (up to ± 18 Å, see fig. 10) to allow a
broader analysis of the changes in the Hα line profiles throughout the flare, and
permitting some additional insights into the dynamics of the solar atmosphere
during flares. For example, the flare on Dec 29th 1982 observed by Ichimoto &
Kurokawa (1984) showed a peak intensity in the Hα line that was 3 Å from the
line central wavelength, and showed some enhancement up to 7-8 Å from the
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Figure 8: Flare arcade at high (coronal) temperatures of around 1MK, taken from a X2.3
flare. This TRACE image is from Fletcher et al. (2011)

Figure 9: Flare ribbon and post-flare arcade evolution, accessed from Aulanier et al. (2012)
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Figure 10: Wide-spectral window observations of the Hα line in the December 29th 1982
flare obtained at the Domeless Solar Telescope at Hida Observatory. Figure is taken from
Ichimoto & Kurokawa (1984)

line centre (see fig. 10), with the shifted peak being greater than 1 Å for over a
minute. Therefore, it could be argued that while modern instruments are very
good at giving high resolution information about Hα in the QS conditions with
lots of spectral detail, during large flares they are incapable of analysing the full
dynamics of the chromosphere through the Hα profiles they record.

1.4 Project aims
There are still some aspects of flare evolution that are unknown: for example
why white light and HXR sources are detected at lower heights in the chromo-
sphere that are predicted (Oliveros et al. 2012; Allred et al. 2005) and what the
dominant delivery methods are for the energy that causes the Doppler shifts
observed in the emission of Hα during flares (Švestka et al. 1961; Ichimoto &
Kurokawa 1984). Also the patterns of the locations of the asymmetric Hα line
profiles within a flare ribbon is not thoroughly and methodically described in
most papers looking at Hα emission in flares.

The main goal of this paper is to produce an automated routine that detects
Hα flare emission from 3D spatial-spectral datacubes, and assigns each flare
pixel an asymmetry type.

When identifying the flare regions within the images, a multiple of the av-
erage QS Hα line profile intensity will be used (this method is described in
sec. 2). A often used multiple is 2 (private communication Malcolm Druett,
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Eamon Scullion). This value, however, hasn’t been justified through rigorous
analysis or critiqued according to a check of the literature. We will also need
to justify the value used for the flare asymmetry ratio (also described in sec. 2),
the number that we will use to decide if a specific point of the flare has red
or blue asymmetry or is symmetric in automated routines. We will look to do
this by comparing the mean profiles for given asymmetry ratios to the manually
calculated ratios in the peaks of the Hα profiles.

We will then use these "Hα flare maps" to tell the story of the evolution
of the Hα flare emission in one small flare, giving an indication of where the
asymmetric and symmetric profiles are within the flare ribbon, and how this
evolves over time. This scope could be expanded to include more, and larger
flares in the future. Such a study would provide a more detailed, high resolution
version of the surveys conducted by Švestka et al. (1961, 1962).

1.5 Overview of paper
In section 2 the method of acquiring the observed data will be presented. The
data processing will be discussed and also how the data was handled to receive
the results acquired in the next section.

In section 3 the results of this data analysis are presented and interpreted.
A comparison of the finding of this project with those findings from existing
research will be presented in section 4.1.

In section 4 we will evaluate the significance and limits of our findings, and
evaluate how this work could be developed further to enable understanding of
the formation and development of Hα flare ribbons.

2 Method
On June 30th 2013 at 09:11-09:27 UT a small, C1.5 class flare was detected on
the surface of the Sun by the SST (Scharmer 2006; Scharmer et al. 2008) and
the Atmospheric Imaging Assembly (AIA)/Solar Dynamics Observatory (SDO),
(Lemen et al. 2012; Druett et al. 2017). The initial phase started at 09:13:54
UT. The CRISP observations started at 09:15:54 UT and recorded the spectral
emission from the Hα line.

The observations were taken at 33 spectral points, equally spaced, which
created a ±1.38 Å window, centred at line center wavelength of the Hα line with
a Field-of-View (FOV) of 55×55 arcseconds centred at heliocentric coordinates
(323.4′′, −287.9′′), where one pixel covers a 43×43 km square. The observation
cadence was 7.27 seconds, although some frames were removed due to technical
issues. This relatively small, weak flare was selected as the initial use-case for
the technique my project has developed, in order to keep the Hα line profiles
inside the 2.76 Å wide wavelength window. This restriction was introduced in
sec. 1.3 and will be further analyzed in sec. 4).

The SST have an adaptive optic system which compensates for the Earth’s
atmospheric distortion of the data and the resulting observations were later
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processed using image restoration technique multi-object multi-frame blind de-
convolution (MOMFBD) (van Noort et al. 2005). Later, the data was converted
in Python into NumPy 16 bit integers using CRISpy, (Pietrow 2019). For each
time step CRISP recorded a 3D spectral datacube (x, y, λ). This data was
loaded into Python and the trapezoidal function in NumPy was used to inte-
grate the intensity of the Hα line profile (i.e. over λ) for each pixel (x, y) in
the FOV. These intensities were used to create a intensity image for each time
stamp (e.g. see fig. 11, for the intensity image taken at 09:15:54 UT). To min-
imize the risk of overflows caused by the trapezoidal function in NumPy, the
files were converted into NumPy 64 bit floats. The data was manually checked
afterward, and seen to be free of such errors. Due to the absence of overlying
material throughout the observations, the large distance from the flare ribbon,
and the minor changes in the intensity of emission of Hα, the average intensity
of the line profiles from the area inside the red square in fig. 11 was used as a
QS reference profile in each time frame.

The first part of the aim of this project is to create an automated routine
to identify pixels showing Hα flare emission. To do this, a multiple of the inte-
grated intensity from the QS reference profile was used as a threshold. Pixels
with integrated intensities above this threshold were classified as ’flare pixels’,
and thus, the flare region was identified for a particular coefficient. The appro-
priate value to select for this parameter is discussed in the next section. When
evaluating the emission in a flare, one must also keep in mind the issue regarding
the small wavelength window of the observations, which could lead overlooking
some of the flare pixels due to the higher intensity emission from Doppler shift,
or broadened emission outside of the available window. It is for this reason that
we use a small, C1.5 class flare first, while we are developing and calibrating
the automated techniques. However, for future studies I would also recommend
studying larger flares to check that the calibration remains appropriate. This
problem will be further discussed in sec. 4. Another problem is overlying ma-
terial which may cause some flare pixel asymmetries to be wrongly categorized,
or even for some flare pixels to not even being detected. This problem will also
be furthered discussed in sec. 4.

The flare region was then categorized into three types depending on the
asymmetry of the Hα line profile: red-asymmetric, blue-asymmetric, and sym-
metric. To achieve this, the first step was to isolate a number of spectral points
at the far blue and the far red ends of the line profiles. These were integrated
using the trapezoidal function in NumPy (see eq. (1) and eq. (2)). Only the
three wavelengths at each end of the spectral profile were selected. This was
done in order to avoid the "horns" created at ±0.5 Å, which could generate
inaccurate categorizations of the asymmetries, and commonly result from shift
in the wavelength of maximum opacity for Hα (Druett et al. 2017; Kuridze et al.
2015). To improve this method, I would suggest that in future work the range
of wavelength points used is should be investigated.

blueint =

∫ λ3

λ0

I(λ)dλ (1)
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Figure 11: Integrated Hα intensity image showing the solar flare region being
investigated. Light regions are the most intense and highlight the flare ribbons.
The area inside the red square was used to generate a QS reference profile for
Hα.

redint =

∫ λ32

λ29

I(λ)dλ (2)

The type of asymmetry was then determined by the ratio between red and
blue wings integrated intensities given by eq. (1) and eq. (2) where the red asym-
metry threshold was larger then a set flare asymmetry value, blue asymmetry
was smaller than the reciprocal of that same value. Between these two values,
the line was considered to be categorized as symmetric.

3 Results
The principal aim of this project is to describe evolution of the flare ribbons
seen in the Hα line, and the asymmetries of the line profiles in the flare. In order
to do this we must first decide how to identify flare pixels, this process will be
described in sec. 3.1.1, where the threshold is decided with the QS multiple.
Next we must decide which flare asymmetry ratios are the most appropriate for
this flare, which we do in sec. 3.1.2. Lastly we will look at the evolution of the
flare where we will use the results from sec. 3.1 to analyze the data in in sec. 3.2
where we look at the evolution of the symmetries in the flare ribbons.
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(a) (b)

(c) (d)

Figure 12: Plots of total number of flare pixels identified automatically (black) and the
number of flare pixels with the different symmetries: red asymmetric (red), blue asymmetric
(blue) and symmetric (green), shown as a function of the QS integrated intensity multiplier
that was used as a threshold for identifying falre pixels. The four plots are taken from different
time stamps that are shown in the title and run from a) the earliest time to d) the latest.

3.1 Automated detection of the flare pixels
3.1.1 Flare threshold result and analysis

Fig. 12 shows the number of flare pixels of each different asymmetry category
and the total number of flare pixels that were identified using the automated
flare pixel detection method described in sec. 2. These are shown as functions
of the multiple of the QS integrated intensity used as a threshold to identify
the flare pixels, using 1.10 as the red-blue asymmetry ratio (described below).
This is shown at four different times during the first 10 minutes of the flare,
getting later in panels 12a to 12d, respectively. The red, blue and green lines
in the plots show the red asymmetric, blue asymmetric and symmetric flare
pixel number, respectively, whilst the black plot shows the total number of flare
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(a) (b)

(c) (d)

Figure 13: Plots showing the ratio between the number of flare pixels identified for the
different symmetries, and the total number of flare pixels. The different plots represent the
different symmetries: red asymmetric (red), blue asymmetric (blue) and symmetric (green),
as a function of the QS intensity multiplier used as a threshold. The four plots are taken from
different time stamps where a) is the earliest and d) is the latest.

pixels. Fig. 13 shows the fraction of the total flare pixels in each asymmetry
class using the same red, blue, and green line colours.

Using fig. 12 one can see that the number of flare pixels detected decreases
over time. For example, using a flare threshold multiple of 1.5 results in 39,881
automatically detected pixels at 9:15:54 UT, 23,850 pixels at 9:19:08 UT, 15,757
at 9:22:10 UT and 10,678 at 9:25:11 UT. Instead using a flare threshold multi-
ple of 2, the number of flare pixels decreases from 2,778 at 9:15:54 UT, to 2,503
at 9:19:08 UT, to 202 at 9:22:10 UT, and the flare has finished by 9:25:11 UT.
This is likely because the impulsive phase is completed before 9:19:08 UT. Com-
parison with the work of Kane (1974) might suggest therefore that this entire
sequence is taken in the gradual phase of the flare. However, this initial im-
pression based on 4 snapshots, we will later show to be untrue (see fig. 16).
The maximum value present in the intensities of single flare pixels, as a multi-
ple of the QS background, also decreases throughout the frames shown. This
can be seen using the point where the total number of flare pixels (black line)
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meets the x-axis. This decrease is rapid at first, from 3.6 at 9:15:54 UT to
2.5 at 9:19:08 UT, and then down more gently to 2.1 and 1.8 at 9:22:10 UT
and 9:25:11 UT, respectively. This information suggests that the brightest in-
dividual points of Hα emission in a flare ribbon can occur early in the flare’s
evolution, and not necessarily during the gradual phase when the net emission
is usually highest, as might be incorrectly inferred from fig. 4. In this flare,
the brightest pixels are those showing red asymmetry, as can be seen from the
individual cut-off values for the red, green and blue lines (see fig. 12). This
dominance is greatest at the earlier times of the flare, where the clear majority
of the brightest pixels are red-asymmetric (compare the red asymmetric inten-
sities, extending up to 3.6×QS intensity, with the symmetric flare intensities
reaching up to 2.7 in panel. 12a at 9:15:54 UT). By 9:19:08 UT (panel. 12b) the
maximum red asymmetric intensities are within 0.1 of the symmetric ones at a
ratio of 2.5. This also suggests that, at least in some small points on the flare
ribbon, the Hα emission is much more "impulsive" in behaviour, like the HXR
or EUV curves shown in fig. 4.

Using fig. 13 one can instead see how the fraction of the different categorized
flare pixel number with the total flare pixel number changes with the increase of
the QS multiple, which enables a more detailed analysis of the different propor-
tion of the asymmetry categories than was able only using fig 12. At 09:15:54
there is a significantly high proportion of red asymmetric flare pixels, where the
dominance begins at the multiple 1.7 and the total flare is 50.2% red asymmetric.

In fig. 10 one can clearly see how the red wing of the Hα line profile also
dominates the higher intensity emission in the impulsive phase of the flare, espe-
cially for the Hα line profile taken at 06:44:28 UT. This pattern is in agreement
with the results shown in fig. 12 and fig. 13.

The fraction of the flare pixels that show red asymmetric emission increases
as the QS threshold multiple increases, particularly in the earlier parts of the
flare (see fig. 13a and fig. 13b). This means that the profiles where the red wing
has higher intensity in the line profile, have higher overall intensities in general.
This fits in particularly well with the description from Švestka et al. (1962),
table 4.

Up until about the multiple 1.5 there is a "bump" in the fraction of pixels
showing a blue wing asymmetry (see fig. 13). This doesn’t change as the flare
progresses, implying that it is probably not caused by the flare but is rather
from particularly bright parts of the QS. This is why multiples smaller than 1.5
should not be used to identify flare pixels.

The red asymmetric and symmetric lines in the plots clearly are affected by
the evolving flare ribbon as multiple at which the the total flare pixel cuts off at
smaller and smaller multiples, starting at 3.6 at 09:15:54 and goes down to 2.0 at
09:25:11. Taking this into account, using a threshold multiple much higher than
2 is not recommended because one would be cutting out high intensity emission
from pixels that appears to be specifically related to the flare. In our flare, the
pixels with QS multiples greater than 2 from panels ref. 13a and ref. 13b come
from a part of the flare ribbon, and disappear afterwards. If, in larger flares, it is
essential to remove every non-flaring pixel, it still seems that a threshold larger
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than 2.5 should be unnecessary and cut out a lot of true flare ribbon emission.
The conclusion is therefore that the best multiples of the QS reference to use
are between 1.5 and 2.5. This conclusion is based on only one flare however, and
an expanded project should look to verify this claim using bigger and smaller
flares, which is discussed in sec. 4.1.

3.1.2 Red-blue asymmetry ratio

(a) (b)

(c) (d)

Figure 14: RGB image and plot of the flare. Figures a) and c) show the visual representation
of the flare ribbons identified along with the asymmetries with them. QS reference multiples
of 1.60 and 2.00 were used, respectively, and red-blue-asymmetry ratio 1.30 was used for
both cases. Figure b) and d) shows how the fraction of different asymmetries with total flare
number change as the red-blue-asymmetry ratio used as a cutoff was altered.

Figs. 14a and fig. 14c show the locations of the automatically detected flare
pixels in the FOV using 1.60 and 2 as the QS multiple, respectively. The flare
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(a) (b)

(c) (d)

Figure 15: The mean Hα line profiles calculated from all the pixels with red asymmetry
parameter in the intervals shown at the tops of the figures. Sampled from the data taken at
09:15:54 UT..

pixels are coloured to indicate the detected asymmetries, with pixels showing
red asymmetric emission coloured red, blue asymmetric emission coloured blue,
and symmetric emission coloured green (see sec.2). The red-blue asymmetry
ratio used to produce these images was 1.30, and the image is taken from the
beginning of the observation sequence, at 09:15:54 UT. Fig. 14b and fig. 14d
shows how many pixels of each different asymmetry type are detected as a
fraction of the total number of flare pixels. The asymmetry ratio is plotted on
the x-axis to illustrate how these populations change as the flare asymmetry
ratio increases. Fig. 14b uses a QS flare multiplier of 1.60 as the threshold
and fig. 14d uses 2. Analyzing fig. 14b and fig. 14d one can see how the blue
asymmetric population disappears most rapidly as the QS multiple increases.
For the QS multiple 1.60 the blue asymmetric flare pixels are 0.312 of the total
flare at flare asymmetry ratio 1.0 and decreases to 0 at flare asymmetry 1.60.
For the QS multiple 2.00 the blue asymmetric flare pixels are 0.014 of the total
flare at flare asymmetry ratio 1.0 and decreases to 0 already at flare asymmetry
1.10. These results were described in sec. 3.1.1, where a higher QS multiple
erases the blue asymmetry caused by the brighter parts of the QS background.
The lack of blue asymmetric pixels may be due to the weak nature of the flare,
or perhaps also the magnetic topology of the flare region, therefore this may not
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always be the case, see Švestka et al. (1962).
It is important that an automated asymmetry classification method cate-

gorises the line profiles in a way that people would expect from manual analysis.
Therefore I performed a manual analysis of the automatically classified Hα line
spectra. The automatically detected flare pixels were divided into groups based
on the size of the asymmetry ratio that was calculated from each pixel’s line
profile. Mean Hα line profiles were generated for each of the groups. In or-
der to help decide what asymmetry ratio is necessary to constitute a genuinely
red-asymmetric line profile, 4 plots of these mean Hα line profiles are show, for
different spans of the red-blue asymmetry ratio. Each of these plots shows only
the red asymmetric values. The spectra for these plots were taken from the data
from the image at 09:15:54 UT (see fig. 15). Flare asymmetry values higher than
1.90 generate very few red asymmetric pixels, as seen in fig. 14b and fig. 14d,
and were therefore not analysed. This might be possible if a future study in-
cluded a stronger flare, or wider Hα spectral windows. All the mean profiles
show two peaks: a left central peak and a red wing peak, and a local minimum
between the peaks. It is important to note that while each the individual pixel
may not have this exact form, the group generally does.

When not using an automated method, the degree of red asymmetry is
determined from the ratios between the red and blue wing peak intensities. To
compare to the line center intensity, a ratio was also calculated using the ratio of
the the red wing peak and the local minimum of the profile. Before calculating
the ratios, all of these values had the absolute minimum intensity in the line
profile subtracted, effectively setting the minimum intensity in the profile to
zero. The higher these ratios are, the more enhanced red wing due to the fact
that the red wing peak is placed as the numerator.

The two peaks in the plots in fig. 15 are worth discussing, as they exhibit
the typically form of the ’horns’ mentioned by Kuridze et al. (2015). Fig. 15a
has very strong horns, where the two peaks of the plot have almost the same
intensities (the red peak is 1.056 of the left central). Even though the line profile
is shifted to the longer wavelength it wouldn’t be classified as a typically and
true Doppler red-shifted line profile. From the results from table 1 one can
decide which span is the best to use. The span 1.30 < ratio < 1.50 shows very
strong tendencies of what is expected from true red asymmetric profiles due
to the high ratios in both the peaks and the local minimum/red peak. It is
important to notice that the higher the flare asymmetry ratio, the more red-
shifted the peak of the red wing moves in the line profile (further to the longer
wavelengths) even though the mean intensity ratio of the red-to-blue wing peaks
is highest for the 1.30 < ratio < 1.50 band. Therefore the higher ratios, of 1.70
and above, are also useful as they are more likely to avoid profiles arising from
a shift in the maximum opacity wavelength. This, however, eliminates a lot of
red asymmetric flare pixels which are interesting and useful in this project and
still show good red asymmetric profiles. Therefore it can be confidently stated
that the profiles with an asymmetry ratio > 1.30 or < 1/1.30 are asymmetric,
and this is the parameter value I will use for the later parts of the investigation.

The automated routine from sec. 2 only used the last and first three spectral
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points to decide the flare asymmetry ratio, which may not have been the most
optimal method. This problem and restriction, and a possible solutions to it,
will further be discussed in sec. 4.

Table 1: The ratios of the red wing to blue wing intensity peaks, and the ratio of the red
wing to the local minimum ratio for the mean profiles shown in fig,15. The values have the
spectral line minimum subtracted before this calculation is performed for the mean Hα red
asymmetric flare pixels, as well as the location of the red wing peak. Values are shown for
four different flare asymmetry ratio intervals of the 30th of June 2013 flare at 09:15:54 UT.

Panel Peak ratio Local Spectral position
minimum ratio of max value

1.10 < ratio < 1.30 1.056 2.083 6563.860 Å
1.30 < ratio < 1.50 2.410 15.625 6563.946 Å
1.50 < ratio < 1.70 2.252 7.092 6564.118 Å
1.70 < ratio < 1.90 1.908 2.488 6564.118 Å

3.2 Evolution of flare ribbon over time
The top two panels in fig. 16 shows how the Hα flare pixel count changes over
time for QS multiple 1.60 and flare asymmetry ratio 1.15 for the first 25 minutes
of the flare. Fig. 16a shows how the total flare pixel number for each asymmetry
changes, whilst fig. 16b shows how the fraction of the pixel number for each
asymmetry and total flare pixel count changes. The top bottom panels in fig. 16
shows the same but with a red-blue asymmetry ratio of 1.30. 1.15 is lower than
the appropriate red-blue asymmetry ratio value described earlier. However, this
panel is included in order to help illustrate the patterns of the number of red
and blue asymmetric profiles against time more clearly, because such pixels only
constitute a small fraction of the total pixels in the flare ribbons. If this is also
the case in other flares, it is remarkable that such small "kernels" of Hα emission
are bright enough to influence the net emission asymmetries from larger regions
of the flare (Švestka et al. 1962).

In both fig. 16a and fig. 16c there is a peak in the number of flare pixels from
09:15:54 UT to 09:17:19 UT. In particular the red-asymmetric pixels numbers
peak during this time, and decreases dramatically from 5664 (r=1.15) or 2383
(r=1.30) red asymmetric flare pixels at 09:17:19 UT, to 1581 (r=1.15) or 316
(r=1.30) red asymmetric flare pixels, respectively, at 09:18:24 UT. However, the
number of flare pixels showing red asymmetric line profiles increases again to
an new peak of 3149 (r=1.15) and 1098 (r=1.30) red asymmetric flare pixels,
respectively, at 09:18:31 and then gradually decreases thereafter. Using fig. 4
from Kane (1974), the first peak resembles that of the impulsive phase lasting
around 2 minutes, and the smaller peak with gradual decrease for the gradual
phase. However, in fig. 4 the Hα line profile does not have these peaks. This
could be due to the individual nature of this weak flare as well as the fact
that we are only plotting the number of flare pixels fig. 16 rather than their
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(a) (b)

(c) (d)

Figure 16: Flare pixel counts against time (image frame number) for red-blue asymmetry
ratio = 1.15 for a) and b), and ratio = 1.30 for c) and d), with the QS reference multiple 1.60,
from 09:15:54 to 09:40:24 UT.
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net intensity. The image by Kane (1974) uses the Hα emission from the whole
FOV for a flare, and is likely to be based upon the emission from susbstantially
stronger flares.

In sec. 3.1.1 it was seen in fig. 12 how the total flare pixel number decreased
as the flare progressed, and that the most intense and bright flare pixels were
the red-shifted ones, it was argued that the observation of the flare was during
the gradual phase. Using fig. 16, however, it could be seen how the flare pixel
number reached a peak, decreased drastically to then reach another peak again.
A conclusion of this analysis is therefore that during the flare, high-resolution
observations of Hα shows both the impulsive and the gradual phases. With the
profiles that show red-asymmetries following a pattern much closer that of an
impulsive HXR or microwave emission described by Kane (1974) (see fig. 4).
This correlation fits with the picture of asymmetric Hα emission kernels being
related to the energetic particles that cause the HXR or microwave emission.
However, the number of pixels showing symmetric Hα emission shows both a
impulsive and gradual phase.

Fig. 17 shows images of how the flare ribbon size and asymmetries evolve
using 4 different time stamps with flare asymmetry ratio 1.30 and QS multiple
1.60. The first time stamp (09:17:19 UT) is when the number of red asymmetric
flare pixels is maximal. The second time stamp (09:18:31 UT) is the first red
asymmetric flare pixel minimum after the peak from the first time stamp, right
before the second maximum at the third time stamp (09:18:31 UT). The fourth
time stamp (09:21:41:10 UT) is when the red asymmetric flare pixel number
is zero, that is, when there is no more red asymmetry detected in the flare.
The three areas marked out are of special interest as the flare asymmetry in
these regions changes severely. The area identified suing the light blue square
in these figures starts off at 09:17:39 UT during the impulsive phase with a
high number of red asymmetric flare pixels, but at 09:18:24 UT the red pixels
decreases in number becoming symmetric but still high intensities in their line
profiles. Therefore these pixels change from red to green flare pixels using the
automated system that I have developed. There is then a small increase of the
red pixels during the gradual phase at 09:18:31 UT and at 09:21:41 UT there is
no red asymmetry at all.

The area in the purple square starts off with a high red asymmetry at
09:17:19 UT, which then becomes symmetric at 09:18:24 UT and 09:18:31 UT.
The area then, at the end of the gradual phase at 09:21:41 UT, stops being a
flaring area. The asymmetric pixels in this area should be treated with some
caution, as can be seen using the Hα flare maps that I have developed, be-
cause they occur close to the edge of the flare ribbons, where absorption due to
downflows in the nearby chromospheric canopy could be biasing the results (a
projection effect).

The flare ribbon in the blue square covers a large area, containing many
pixels at 09:17:19 UT including red asymmetric pixels. However, it stops being
detected as a part of the flare by my automated routine at 09:18:24 UT. This
may be due to the poor quality of the observation at that point, or may be due
to other phenomena in the solar atmosphere, which needs further analysis, and
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could be responsible for the above analysis falsely identifying separate "impul-
sive" and "gradual" phases of Hα emission in this flare. The flare ribbon is
detected again at 09:18:31 UT as the seeing improves again, increasing in both
red asymmetric and symmetric flare pixels. At 09:21:41 UT the area in the blue
square has stopped showing flare emission.

From the images in fig. 17 it can be seen how the flare pixels showing red
asymmetry become flare pixels with symmetric profiles as the flare progresses,
but also how some new ones appear in the light blue square at 09:18:31 UT
(although this again, could be a projection effect). As the flare progresses the
symmetric flare pixels number starts to decrease, that is, the flaring area at the
FOV becomes smaller with time. A possible reason the red asymmetry decreases
as the flare progresses may be the decrease in downward motion, and therefore
the Doppler shifts of the profiles in these areas. This is why the red asymmetric
pixels don’t become non-flaring pixels, but instead turn into symmetric flare
pixels, due to the fact that the downflow of plasma at these regions decreases.
Whatever the precise reason, our study shows that red asymmetry is present in
Hα line emission during the impulsive phase, and then decreases rapidly during
the gradual phase, as the red asymmetry of the profiles decreases, to form
symmetric flaring regions. In the Hα flare maps this can be seen by through
the areas that convert from red pixels into green pixels as the flare progresses.

Between frame 100 and 175 there’s a significant increase in the number of
detected blue asymmetric Hα line profiles in the flare (see fig. 16a and fig. 16c).
Because the SST observations did not begin until after the flare had started, it
is not possible to say whether this overlying material came from a prominence or
as an outcome of the energy that was deposited in the chromosphere heating the
plasma rapidly, causing it to expand and be accelerated into the corona or guided
along the magnetic field lines. Whatever the origins, in these observations there
is cool overlying material that blocks the view of the flare ribbon in Hα. This
material is strongly absorbing in the far red spectral wing of the Hα line profile,
as seen in fig. 18c. This leads to wrongly categorized flare pixels due to the fact
that the Hα line profile at those times appears to be much higher in the shorter
wavelengths. This causes a problem in the current method. An extension could
be developed where another condition is set when identifying flare pixels, in
order to identify pixels with overlying material that compromise the Hα line
profiles. These pixels should be flagged as problematic (see sec. 4).

4 Discussion
As mentioned both in sec. 1.3 and sec. 2, the spectral window of the CRISP
observations used to obtain the results is relatively small and unable to capture
the whole spectral profile of Hα during the flare. As seen in fig. 10 the changes
in the Hα line profile of the larger Dec 29th 1982 flare extend far beyond the
±1.38 Å window. The enhancements of the red wing, especially at the Hα
line profile obtained at 06:44:28 UT, are severe and are only detected with a
larger window, and therefore there is a risk that some of the flare pixels are not
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(a) (b)

(c) (d)

Figure 17: Images of the FOV of the flare, where the asymmetries of the flare marked out in
colour (red = red asymmetric, blue = blue asymmetric (although not present in these images),
green = symmetric) for 4 different times, progresses from a) to d) with QS multiple 1.60 and
flare asymmetry ratio 1.30. The three boxed regions highlight three areas of interest within
the flare ribbons.
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(a) (b) (c)

(d)

Figure 18: CRISP observations from 09:31:22 taken at three different spectral positions of
the Hα line profile: 6561.7100 Å, 6563.0000 Å and 6564.2900 Å (left to right). The bottom
panel shows a Hα line profile taken from one of the pixels of the area with the overlying
material that is absorbing in the red wing of the spectral window (blue line). This can be
identified by the dark patches in panel 18c and the Hα line profile of a region in the QS at
the same time.
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captured by the automated detection method used in sec. 2. The same goes for
the categorization of the different flare asymmetries, where some flare pixels will
not be properly categorized due the fact that the enhancement of the red and
blue wing are not caught within the narrow spectral window. Fig. 10 is from
Ichimoto & Kurokawa (1984), in which a larger window was used in the paper
and they were therefore able to detect more of the red asymmetry than the more
modern observations were able to. However, the modern instruments such as
SST have provided a lot more opportunities in other ways, such as outstanding
spectral and spatial resolution, as well as high cadence imaging.

Another problem in categorizing the Hα flare pixels into different asymme-
tries comes from the overlying material which was mentioned in sec. 3.2. Note
the blue asymmetric pixel counts that were found in the flare between frames
100 and 175 in figs. 16a and 16c. The increase in flare pixels that are assigned
as having blue asymmetry is caused by the cool overlying plasma. This material
appears to be moving downward and therefore absorbs strongly in the longer
wavelengths of the Hα line profile. This falsely causes the flare ribbon profiles
to be categorised as highly blue asymmetric. Alternatively if the absorption
is sufficiently large in a wider range of the Hα wavelengths, it can even cause
the automated routine to not identify these regions as part of the flare. The
Hα line profile from one of these blue enhanced flare pixels shows to be lower
than the QS line profile at the far red wing (see. fig. 18d). A possible solution
to this problem that could be implement in future work is to mark the pixels
which exhibit line profiles that have individual wavelength intensities that are
significantly lower than the QS line reference profile, and analyse them manu-
ally if possible, or remove them from the main dataset when analyzing the data
results. This would not sort out the issue for cases of moderate absorption in
which the overlying material did not result in intensities below the QS refer-
ence values, but it would reduce the number of cases where this issue leads to
incorrect asymmetries being assigned to the flare pixels.

Another restriction on all ground based data is that some frames may have
poor quality of seeing due to the Earth’s atmosphere (compare fig. 17a and
fig. 17b). These images can have lower resolution, or altered intensities, and
therefore weakly resolved spectral line profiles. This means that the calculated
intensities that are used in the method I have developed in sec. 2, may be
distorted leading to the flaring region and the asymmetry categorization being
wrongly calculated. I believe this to be the reason why there is a significant
change in flaring area from 09:17:19 UT to 09:18:24 UT and from 09:18:24 UT
to 09:18:31 UT (see fig. 17). This can even mean that the conclusion made in
sec. 3.2 that the observations of the flare is during the impulsive and gradual
phase may be wrong, since the dip in the red asymmetry flare number in fig. 16a
and fig. 16c may just be due to the low resolutions of the flare.

The asymmetry of a specific flare pixel was decided from the automated
routine where the three longest and shortest wavelengths in the spectral window
of the Hα line profile were used, mentioned in sec. 2. This however may not
have been the most optimal approach as ignores the main structure of the line
profile and only analyses the wing asymmetry. Due to the time constrains of
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this project another way of selecting the asymmetry was not considered, but in
future research this method should be considered and, if possible, evolved.

4.1 Comparison with existing results
Švestka et al. (1961, 1962) showed that stronger flares showed higher red asym-
metry, especially at the onset of the flare. This paper only focused on one small
C1.5 class flare, which is why a larger study should include a greater diversity
of flare topologies and strengths. They also showed that from 244 regions, 118
regions showed red asymmetry of the Hα, and 80% of the flares in the study
showed red asymmetry in the Hα line, meaning it is a very common property
of solar flares (see table 2 in Švestka et al. 1962).

In sec. 3.1.2 it was discussed how the plots shown in fig. 15 show the ’horn’-
structures described by Kuridze et al. (2015). The authors of that paper con-
cluded that the asymmetric features seen in the Hα line profile in flares are
probably often due to a shift in the wavelength of the maximum opacity, not
due to true Doppler shifts caused by flows in the chromospheric plasma. How-
ever, other groups consider observed red asymmetries in flares to be due to
downflows in the plasma (Druett et al. 2017; Fletcher et al. 2011). Even within
the single flare studied in this project the causes could well be different. In some
cases the most probable cause being the Doppler shift due to downflows of the
plasma due to the large red-shifts in the profiles and the locations in the centres
of the flare ribbons, (Švestka et al. 1961; Ichimoto & Kurokawa 1984) (see the
light blue box in fig. 17). In other cases, other influences may be responsible,
such as the projection effect of downflows from the chromospheric canopy that
appear in front of the flare ribbon in the line-of-sight. The ability to make
such distinctions has only become available with the advent of high-resolution
telescopes such as the SST and, in the future, the Daniel K. Inouye Solar Tele-
scope (DKIST) (Tritschler et al. 2015). When using such modern instruments
to study Hα emission in flares, one should make sure to check for projection
effects in the asymmetric profiles at the "near" edge of the ribbon, from the line
of sight position.

The red asymmetric Hα line profiles in fig. 5 (from Druett et al. 2017) do not
exhibit the ’horn’-structures, which the plots in fig. 15 do. This is because the
line profiles acquired in this paper were the mean red asymmetric line profile
taken from the entire flaring region, whilst the line profile from Druett et al.
(2017) were manually selected from a strong Hα flare kernel, to get a truly red
asymmetric Hα line profile. Along with its ability to provide us with a picture
of the evolution of Hα flare ribbons, this project also created an automated
routine that can significantly reduce the amount of data one would need to
search through to identify such profiles. It is plausible that by further developing
the algorithm I have made, one could also automatically isolate strong Hα flare
kernels.
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4.2 Future developments
A further development of this project is to apply the method to stronger or
larger flares. However, due to higher intensities of these flares, the broader Hα
line profiles will be likely to extend out of the spectral windows. The time
restrictions for this project meant that only one flare could be analysed in great
detail. Since the broad profiles could have led to a restricted and incomplete
analysis, I decided to focus on a smaller flare where it was likely that most of the
Hα line profile enhancement would remain within ±1.38 Å of the line centre.

To avoid the restrictions placed on observers by the narrow observational
windows of modern instruments, some solutions have already been suggested.
One was proposed by Gerry Doyle (private communication with Malcolm Druett),
in a Science Use Case (SUC) for DKIST. In this Use Case it is suggested to put
DKIST’s three observational spectral windows side-by-side on the wavelength
spectrum, centred on the Hα line centre wavelength, to create a broader window
for viewing flares and active regions, thereby providing access to more detailed
spectral profiles that can be interpreted to give a more complete picture of the
dynamics of the solar atmosphere.

Another development of this project is to further evolve the coloring as-
pect of flare analysis by not restricting the asymmetry classification to only red
asymmetry, blue asymmetry or symmetry. One way to do this is by making it
possible for a flare pixel to have multiple colors, for example if the flare pixel has
enhancement in multiple parts of the Hα line profile, as in an Ellerman bomb.
These events have enhancement in both the blue and red wing and should there-
fore have both red and blue coloring in the color map of the flare. It can also be
beneficial to be able to see to which degree the line profile intensity is amplified,
by having a gradual or fading effects of the coloring, that is, the higher the
intensity the more saturated the flare pixel will become.

4.3 Conclusion
With the results acquired, the conclusion of this paper is that the areas with
red asymmetric Hα line profiles have the highest "per pixel" intensities, and
that this occurs at the beginning of the flare before decreasing rapidly after
the impulsive phase, during the gradual phase. This could be interpreted as a
relation to the correlated HXR and microwave emission during the same phases.
The results could, however, be different for stronger or weaker flares, or those
with different magnetic topologies, which is why I would suggest a follow-up
study where more flares of different sizes and strengths should be analyzed
using the method I have developed, in oredr to get a better understanding of
both the red and blue asymmetries observed in the Hα line during flares.
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