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Abstract

The interaction of supernova (SN) ejecta with the circumstellar medium (CSM) drives a strong
shock wave into the CSM. These shocks are ideal places where effective particle acceleration
and magnetic field amplification can take place. The accelerated relativistic particles, in the
presence of magnetic field, could emit a part of their energy via synchrotron radiation in radio
wavelengths. The flux of this radiation, when compared with observations, gives an estimate of
the CSM density. This could either be the particle density (nISM) in case of the SN exploding in
a constant density medium, characteristic of interstellar medium, or pre-SN mass loss rate (Ṁ)
of the progenitor system for a wind medium. In this work we have modeled the synchrotron
luminosities and compared that with the radio upper limits measured for the Type Ia SNe 2011fe
and 2014J. Assuming equipartition of energy between electric and magnetic fields, with 10% of
the thermal shock energy in each field, we found a very low density medium, having nISM <∼
0.35 cm−3, around both the SNe. In terms of Ṁ this implies an upper limit of 10−9 M� yr−1for
a wind velocity of 100 km s−1. From the measurements of H I column density it could be
expected that nISM ∼ 1 cm−3 around both the SNe. If this is the true value close to the SNe, this
would indicate that the energy density in magnetic field is less than that presumed for energy
equipartition.

The progenitors of both SNe 2011fe and 2014J are not clear. However previous studies have
pointed toward a few potential channels. Here, we have compared the CSM densities estimated
by our models with that predicted by those different plausible formation channels and have tried
to constrain the amplification of magnetic fields in SN shocks.
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1

Introduction

Supernovae (SNe) are massive destructions of stars. There exist different mechanisms which
could potentially lead to a successful disruption. Stars with main sequence (MS) masses more
than 8 M� can burn their hydrogen, present in the core, all the way up to 56Ni which sub-
sequently decays into 56Fe. The presence of this iron core indicates the end of the star life.
Photo-disintegration of 56Fe and electron captures on free and bound protons remove thermal
pressure support from the iron core. This triggers the collapse, which continues as long as the
central density is less than nuclear density, ρnu, ∼ 2 × 1014 g cm−3. Once the density of the
inner part of the core is above ρnu the collapse of the inner 10 km region is ceased and a shock
is formed. A powerful shock then can destroy the rest of star leaving behind a compact object,
a neutron star or a black hole. This kind of destruction is called core collapse explosion.

Stars with masses < 8 M� can not go beyond carbon burning phase, and instead become a
degenerate white dwarf (WD). With the help of a companion these WDs can result in a success-
ful thermonuclear explosion. There are two well know formation channels which could lead to
a destruction, namely the single degenerate (SD) and double degenerate (DD) channel. In the
former case the WD accretes matter from a main sequence (MS) or an asymptotic giant branch
star and gets close to the Chandrasekhar (CH) mass limit. Close to this limit the central density
is high enough to trigger carbon burning. For degenerate matter, pressure does not depend on
temperature. Therefore the nuclear burning at the center leads to a thermonuclear runway which
unbind the star completely (Whelan & Iben 1973). In the DD channel two WDs, with total mass
being more than the CH limit, spiral each other and gravitational waves are emitted. Because of
this radiation the orbital separation between them reduces and eventually the merger leads to a
successful explosion under right physical conditions (Iben & Tutukov 1984; Webbink 1984).

During the explosion a variety of elements are produced. The abundance of these elements
depends on the explosion mechanisms as well as on the evolution of the star before it explodes.
One of the important elements produced in the explosion is radioactive 56Ni, which powers the
peak of the optical light curve. The shape of this light curve could be different depending on
different progenitors. According to these light curves, and the presence or absence of a few
important elements in the optical spectra, SNe are classified into different types and subtypes,
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Figure 1.1: Early time spectra (left panel) and light curves (right panel) of different types of SNe (Filip-
penko 1997).

which we will discuss next.

1.1 Classification of Supernova
Primarily SNe are categorized into two classes, type I and type II, based on Hα feature. The
former one lacks any trace of hydrogen while the spectra of type II show prominent Hα lines.
The thermonuclear runway of WDs, called Type Ia explosion, show no presence of hydrogen
in their early spectra. They, however, exhibit a strong Si II λ6150 line which is absent in other
Type I SNe, namely Type Ib and Ic. The distinguishing feature between Type Ib and Ic is He I
lines which appear in the spectra of Type Ib and have no sign in the later. The early time spectra
of different types of SNe are shown in the left panel of fig. 1.1. It can be seen from the figure
that the spectra of Type II are dominated by hydrogen, whereas the spectra of Type Ia consist
mainly Fe, Si lines. The Type II and Ib/c SNe are core collapse explosions of massive stars
whereas the Ias are due to thermonuclear runaway of WDs.

Apart from differences in the spectra, the light curves of different types of SNe are distinctly
different. The right panel of fig. 1.1 displays the light curves resulted from different types
of progenitors and explosions. Among type II SNe the most frequent one is Type IIP. Their
light curves are characterized by a nearly constant luminosity for an extended period after the
maximum. Another class of SNe, which is less frequent than IIP, is Type IIL. In this case,
after the peak, the light curve decreases linearly in magnitude. Beside this there is another type
of core collapse explosion, called type IIb, where the progenitor is almost stripped of all of
its hydrogen. Therefore the early spectra show the presence of hydrogen, but gradually this
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Figure 1.2: Classification of different types of SNe according to light curves and spectral features.

signature disappears and the spectra become similar to that of Type Ib SNe.
A subtype of Type II SNe is Type IIn. These SNe show interaction with dense circumstellar

medium (CSM) and narrow Hα lines with broad wings. This classification scheme is illustrated
in fig. 1.21. For a SN the typical explosion energy, Eexp, is ∼ 1051 erg. However, there are
super-luminous SNe which have Eexp ∼ 1053erg (Gal-Yam 2012). A few Type Ib/c and IIn SNe
are found to have Eexp more than 1052 erg. They are sometimes called hypernovae.

1.2 Progenitor Star
Supernovae are very energetic events, with Eexp ∼ 1051 erg, and could be observed at different
wavelengths. However, it is difficult to determine what type of star has exploded and whether
the star was a part of a binary system. The direct method is to search in pre-explosion images
of the host galaxy around the explosion site. But as these stars are usually faint and very distant
objects this is not an efficient way to look for the progenitors. For relatively close by SNe this
kind of searches could put constrains on the progenitor star mass (e.g., see Li et al. (2011) for
SN 2011fe), luminosity of a companion (e.g., see Kelly et al. (2014) in case of SN 2014J) etc.

Important informations about the progenitor can be extracted from the CSM which is the
immediate surroundings of the star. The density of this medium carries the signature of the
parent star. During the evolution a star usually loses a fraction of its envelope through winds.
For a binary system mass loss may also occur through Roche Lobe overflow. When the high
velocity SN ejecta interact with the surrounding medium strong shocks are formed. These shock
fronts are often bright in radio and at X-ray frequencies. The strength of this emission depends
on the density of the CSM. Therefore, a comparison of the observed radio and X-ray fluxes with
the models provides an estimate of the CSM density.

1Figure from http://astronomy.swin.edu.au/cosmos/S/Supernova+Classification
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One of the very well observed SNe in radio is SN 1993J. The Very Long Baseline Interfer-
ometry (VLBI) images of this SN taken at 8.4 GHz are displayed in fig. 1.3 (Bartel et al. 2000).
The evolution of the radio shells are shown from 50 days to 5 years since the explosion.

In chapter 3 the modeling of the radio emission from circumstellar (CS) interaction is de-
scribed in detail.
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Figure 1.3: VLBI images of SN 1993J at 8.4 GHz from 50 to 1893 days after the explosion (Bartel et al.
2000).
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Circumstellar Interaction

After the explosion the outer part of the SN ejecta move supersonically. Usually the velocity of
the CSM is much less than that of the ejecta. Therefore, when the ejecta interact with this nearly
stationary surrounding a strong shock is formed. This outgoing shock, known as the forward
shock, sweeps up the surrounding material into a thin shell. The pressure behind this shock is
very large. As a result of that a reverse shock is launched into the ejecta. In general, the density
of the ejecta is much higher than that of the ambient medium. Therefore, the reverse shock,
which moves inward in mass, is much slower compare to the outgoing one, and the temperature
behind the shock is low. This can make the reverse shock radiative. In between the two shocks
there exists a contact discontinuity. A schematic diagram of the interaction is shown in Fig. 2.1
(Lundqvist & Fransson 1988).

The density profiles of both ejecta and surrounding medium play an important role in shock
dynamics. We discuss these structures in the next two sections.

2.1 Ejecta Structure

Within the first day after the explosion the density profile of the ejecta is set up and the SN
starts to expand homologously. In this phase vej(m) ∝ r(m), where ve j(m) is the velocity of an
ejecta shell having mass m and r(m) is the corresponding radius of that shell. The inner part of
the ejecta is expected to have a flat density profile. The outer structure could be described by a
steep power law. This outer part of the ejecta interacts with the ambient medium and results in
radiation at different wavelengths. Therefore, the structure of outer region plays an important
role in predicting the observed emission. If ρej represents the ejecta density, as a function of
radius, r, we can write the density of the outer edge of the ejecta as ρej ∝ r−n, where n is the
power law index.

As density of the outer layer of a star decreases with radius, the SN shock wave accelerates
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Figure 2.1: Interaction of a SN ejecta with the CSM. The figure is not to scale and the different length
scales written in the picture demonstrate the extent of different type of region, e.g. the fully ionized H II
and neutral H I medium. The boundary marked with τ f f ∼ 1 indicates the region where the free free
optical depth for the radio emission is ∼ 1 (Lundqvist & Fransson 1988).

when it moves through it. The power law index of the outer part of the ejecta depends on the
nature of the star. For a star with a convective (radiative) envelope n is found to be around 12
(10.2).

The density of ejecta material decreases as t−3 where t represents the time since explosion.
Therefore, the density of the outer part can be written as

ρej = ρo

( r
vot

)−n ( t
to

)−3
. (2.1)

This profile applies up to the end point of the ejecta which is moving with a maximum velocity
of vmax. Here, ρo represents the density of the ejecta at a radius ro, corresponding to a velocity
of vo, at time to. The above equation is mainly valid for SNe for which the explosion energy
is produced at the center of the star. This is usually true for core collapse SNe and sometimes
for thermonuclear explosion. According to the current understanding a Type Ia SN can also be
a result of two successive explosions; first a detonation at the outer edge of the WD, followed
by a second detonation close to the core. This is called double detonation model (Livne &
Arnett 1995; Benz 1997; Livne 1997; Garcı́a-Senz, Bravo & Woosley al. 1999). For this kind
of asymmetric explosion the ejecta structure may be different from that written here.

2.2 Ambient Medium
Massive stars lose a fraction of its envelope mass through winds. The velocity of the wind and
the rate at which mass is lost vary between different evolutionary stages. In case of a main
sequence (MS) or blue supergiant (BSG) the mass loss rate (Ṁ) is ∼ 10−6 M� yr−1 and the
typical wind velocity (vw) is between 1000 - 3000 km s−1. For these stars the wind is driven
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radiatively, i.e., the atmospheric gas gets accelerated mainly through absorption and scattering
of spectral lines. This happens as momentum is transferred from photospheric photons to the
metals present at the atmosphere of the star (Castor, Abbott & klein 1975; Vink, de Koter &
Lamers 2000). The radiation force for hot stars is mainly caused by spectral lines, with some
small contribution from electron scattering.

For red super giants (RSGs) the ambient medium is comparatively more dense than that
around BSG/MS. The Ṁ and vw for RSGs are in the range 10−6 − 10−5 M� yr−1 and 10 - 50
km s−1. However, what does cause this outflow in this phase is not well understood and in
general thought to be driven by the dust. It is believed that at the very late RSG stage the stars
undergoes super-wind phase, with Ṁ ∼ 10−4 − 10−3 M� yr−1. Stars like VY CMa, IRC10420
and NML Cyg fall in this category. As Ṁ is high and the number of stars being observed in the
super-wind phase is small it is expected that this is a short-lived phase with a duration of ∼ 104

yrs. The origin of this high mass loss at the end of RSG phase is not clear. However, Heger et
al. (1997) found that large amplitude pulsation before the RSG explodes as a SN could result in
a super-wind.

Eventually, massive stars evolve into the Wolf-Rayet (WR) phase with its hydrogen envelope
almost completely striped off. These stars have Ṁ ∼ 10−5 M� yr−1 and much higher wind
velocity in the range 2000 -5000 km s−1. In this case the wind could be driven by radiation, and
the pulsation instabilities may play important role in initiating the blow.

If the mass loss parameters (Ṁ and vw) remain constant before the explosion, the density of
CSM as a function of radius, r, can be written as

ρCSM =
Ṁ

4 π r2 vw
. (2.2)

The above equation defines the ambient medium density mainly around the core collapse SNe
(type II and type Ib/c). In case of type Ia the density of circumbinary medium is usually ex-
pected to be described by the above equation for the ones which originate from SD channels.
However, for spin up/down model this is not true. In this model a WD accretes matter from a
non degenerate companion and spins up. After the mass transfer is ceased, the WD starts to spin
down by losing or redistributing angular momentum, and finally results in an explosion when
the central density becomes high enough to ignite carbon at the center (Justham 2011; Hachisu
et al. 2012a,b). Ilkov & Soker (2012) estimated that for a weakly magnetised WD the spinning
down time could be > 109 yrs. This time span is enough to allow the ambient medium created
by the progenitor mass loss to diffuse into the ISM. Therefore the WD eventually explodes in a
constant density medium, similar to ISM.

The second well known formation channel, the DD channel, for Type Ia predicts a clean
environment, which is characteristic of ISM, around the progenitor system. For this kind of
progenitor system and spin up/down model the density of the ambient medium could be given
by

ρCSM = nISM µ (2.3)
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where nISM represents the particle density, which is a constant, and µ is the mean atomic weight
of the surrounding medium. Therefore, we can write the density of the ambient medium as

ρCSM = A r−s. (2.4)

Here s =2 (or 0) for a wind (or constant density) medium and A = a constant = Ṁ
4πvw

(or nISM µ).
This structure prevails beyond a radial distance Ro which is close to the radius of the pre-SN
star.

2.3 Shocks
If a fluid is disturbed, the information can be communicated to the undisturbed fluid with the
speed of sound, cs, which can be written as,

cs =

√
dp
dρ

(2.5)

where ρ and p represent the density and the pressure of the fluid. If the disturbance propagates
with a speed V > cs, the undisturbed fluid in the upstream cant not get time to adjust with the
obstacle and hence the upstream fluid remains undisturbed until the obstacle reaches it. This
kind of disturbance is called shock and can be regarded as a sharp discontinuity. The sonic
Mach number of a flow is represented as following

Ms =
V
cs
. (2.6)

For a shock the flow is supersonic, i.e., Ms > 1. The schematic diagram of a plane shock prop-
agating along x direction, having an infinitesimal width dx, is shown in fig. 2.2. The velocity,
pressure and density in the upstream region, which is the unshocked region, are represented by
u1, p1 & ρ1. The post shock region, i.e., the downstream, is characterised by u2, p2 and ρ2.
These quantities are being refereed with respect to the shock frame.

The shock can be treated as a discontinuity with an infinitesimal width dx. It is expected that
mass, momentum and energy should be conserved across the shock. The continuity equation
across the shock in the x direction is

∂ρ

∂t
+
∂(ρux)
∂x

= 0. (2.7)

Integrating the above equation over dx and considering that mass does not accumulate in this
infinitesimal layer (i.e. ∂

∂t

∫
ρdx = 0, which means incoming mass flux = outgoing mass flux)

we get
ρ1u1 = ρ2u2. (2.8)
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Figure 2.2: Propagation of fluid, in the rest frame of shock, from left to right along x direction (Clarke
& Carswell 2007). The shock is represented by a discontinuity which is having an infinitesimal width of
dx. The velocity, pressure and density ahead of the shock (upstream region) are represented by u1, p1 &
ρ1 and that behind the shock (downstream region) are u2, p2 and ρ2. The physical quantities are referred
with respect to the shock frame.

Applying conservation of momentum and energy across the shock one would find

ρ1u2
1 + p1 = ρ2u2

2 + p2 (2.9)

and
1
2

u2
1 +

p1

ρ1
+ ε1 =

1
2

u2
2 +

p2

ρ2
+ ε2. (2.10)

Here ε represents the internal energy per unit mass. Eqns. 2.8, 2.9 and 2.10 are known as
Rankine-Hugoniot relations. For a strong adiabatic shock, i.e. when p2 >> p1 (which means
Ms >> 1), eqn. 2.8 gives

ρ2

ρ1
→

γ + 1
γ − 1

. (2.11)

For a monoatomic gas the adiabatic index γ = 5/3. Therefore, if the nature of the gas remains
same before and after the shock, for monoatomic gas

ρ2

ρ1
= 4. (2.12)

The shock compression ratio, η, is defined as

η =
ρ2

ρ1
. (2.13)

Therefore, for an adiabatic shock with Ms >> 1 and γ = 5/3 η = 4.
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2.3.1 SN shock structure and evolution
As a result of core collapse, in case of of core collapse SNe, or explosive carbon burning at
the center of a WD, shock waves are created. These shocks are radiation dominated, and for a
successful explosion, propagate from the core to the surface of the star. When the shock is in
the stellar interior the optically thick gas could trap the radiation, but as it reaches the optically
thin gas near the surface of the star a radiative precursor is formed. When the front part of
this precursor reaches the surface radiation stars to escape from the shock front and results in
a UV outburst. Unshocked gas ahead of shock is preheated and preaccelerated by the escaping
radiation. As a result the shock front dies out. However, as the shocked gas moves through
the preaccelerated material a dense shell is formed which results in a viscous shock as the shell
moves forward supersonically into the slower moving layers (Ensman & Burrows 1992).

Shortly after the UV outburst, free/homologous expansion of the ejecta is established, and
the SN moves forward with a velocity >

∼ 104 km s−1 (Chevalier 1976). In the free expansion
phase velocity (v) is proportional to radius (r), i.e., v = r/t, where t is the time since explosion.
If the dense shell is unimportant, the density of the outer part of the ejecta in this phase can
be well approximated by eqn. 2.1. For most of the cases the velocity of ambient medium (see
§ 2.2) is much lower than the ejecta velocity. The interaction of the high velocity ejecta with
the nearly stationary ambient medium creates two shock waves; one of them propagates into
the CSM, called the forward shock, and the second one is driven back into the ejecta, known
as the reverse shock. As a result, between the two shocks, a shell is formed which contains
shocked circumstellar matter and the shocked outer layer of ejecta (see fig. 2.1). These two
shocked regions are separated by a contact discontinuity. The interaction of a power law ejecta
with a power law ambient medium (the kind of ejecta and CSM structure we are considering
here) is found to be described by a self similar solution (Chevalier 1982a). Here we consider the
shell thickness to be small in comparison to its radius and describe a simple derivation of shock
evolution. As the shell is thin the positions can be represented by a single radius Rsh. As the
shell moves forward it interacts with more matter and decelerates. From the pressure difference
across the shell we can write

(M1 + M2)
d2Rsh

dt2 = 4πR2
sh (P2 − P1) (2.14)

(Chevalier 1982b). Here M1 is the swept up CS mass which can be written as

M1 =

∫ Rsh

Ro

ρCSM 4πr2 dr =
4π A

(3 − s)
(R3−s

sh − R3−s
o ). (2.15)

After a few expansion times it is expected that Rsh >> Ro. As s < 3, we get

M1 =
4π A

(3 − s)
R3−s

sh . (2.16)

M2 represents the swept up ejecta mass. Therefore, with R′ = vmaxt we write

M2 =

∫ R′

Rsh

ρej 4πr2 dr =
4 π ρo

3 − n
vn

o t3
o tn−3 (R3−n

sh − R′3−n). (2.17)
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The highest velocity of the ejecta, vmax, before the interaction is not known. However, one could
expect that R′S (≡ vmaxt) >> Rs. For SN ejecta n ∼ 10 - 12 (Matzner & McKee 1999; Chevalier
& Fransson 2016). Thus, with n > 3 we get

M2 =
4 π Γ

n − 3
tn−3 R3−n

sh (2.18)

where we define
Γ = ρo vn

o t3
o. (2.19)

In eqn. 2.14, P1 and P2 are the pressures at the outer and inner shock waves. That means

P1 =

(
ρCSM

)
Rsh

(dRsh

dt

)2
= A R−s

sh

(dRsh

dt

)2
(2.20)

And

P2 =

(
ρej

)
Rsh

(Rsh

t
−

dRsh

dt

)2
= Γ R−n

sh tn−3
(Rsh

t
−

dRsh

dt

)2
. (2.21)

Here Rsh
t is the unshocked ejecta velocity just behind the reverse shock, which is the inner radius

of the shell. Therefore with eqns. 2.16, 2.18, 2.20 and 2.21 eqn. 2.14 becomes

{ 4π A
(3 − s)

R3−s
sh +

4 π Γ

n − 3
tn−3 R3−n

sh

} d2Rsh

dt2 = 4πR2
sh

{
Γ R−n

sh tn−3
(Rsh

t
−

dRsh

dt

)2
− A R−s

sh

(dRsh

dt

)2}
.

(2.22)
The above equation has a solution of the form Rsh = ktm, where k and m are constants.

Putting this into eqn. 2.22 and equating the power of t on both sides we get

m =
n − 3
n − s

. (2.23)

And we also get the following:

k =

( (4 − s)(3 − s)Γ
(n − 4)(n − 3)A

)1/(n−s)
(2.24)

Therefore, shell radius has the form

Rsh =

( (4 − s)(3 − s)Γ
(n − 4)(n − 3)A

)1/(n−s)
t(n−3)/(n−s). (2.25)

The inner density profile of a SN is flatter than for the outer ejecta, and can be written as

ρin ∝ r−δ (2.26)

where 0 ≤ δ ≤ 3. If we assume that the density of ejecta has an index n (∼ 10− 12) beyond a vo

we obtain

vo =

(2 Eexp (5 − δ) (5 − n)
Mexp (3 − δ) (3 − n)

)1/2
(2.27)
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where, Mexp and Eexp are the total mass and kinetic energy of explosion, respectively.
The velocity of the circumstellar or forward shock, vs, is given by

vs =
dRsh

dt
=

(n − 3
n − s

) Rsh

t
∝ t(s−3)/(n−s) (2.28)

and the maximum unshocked ejecta velocity close to the reverse shock is

vej =
Rsh

t
=

(n − s
n − 3

)
vs ∝ t(s−3)/(n−s). (2.29)

Therefore the reverse shock velocity can be written as following

vrev = vej − vs =

(3 − s
n − 3

)
vs ∝ t(s−3)/(n−s) (2.30)

Using eqn. 2.25 the ratio of mass, density, temperature in each component of the shell are

M1

M2
=

4 − s
n − 4

(2.31)

ρ1

ρ2
=

(4 − s)(3 − s)
(n − 3)(n − 4)

(2.32)

T1

T2
=

(n − 3
3 − s

)2
(2.33)

Here ρ1, T1 represent the density and the temperature behind the forward shock and ρ2, T2 are
that behind the reverse shock. Considering self similar structure with n = 7 and s = 2, the
profiles of density, velocity and pressure in the shell are represented in fig. 2.3 (Blondin &
Ellison 2001).

Eqn. 2.32 shows that the density of swept up ejecta is much higher than swept up CS
material, i.e., ρ2 >> ρ1, for n > 7. Also from eqn. 2.33 T2 < T1. Therefore, material behind
the reverse shock may cool radiatively. Moreover, the shocked ejecta are found to develop
Rayleigh-Taylor (RT) instabilities (Chevalier, Blondin & Emmering 1992). The instabilities
arise due to the fact that high density material behind the reverse shock gets slowed down by the
low density gas behind the forward shock. Fig. 2.4 demonstrates the growth of the instabilities
for different values of effective adiabatic index1 of the gas (γeff) (Blondin & Ellison 2001). It is
simulated assuming n = 7 and s = 2.

The thin shell approximation differs by around 30% from self similar solution.

1For higher efficiency of particle acceleration, radiative losses and escape of accelerated particles from the
shock fronts the shocked gas behaves like a gas with an effective adiabatic index < 5/3.
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Figure 2.3: The profile of density, velocity and pressure in the interaction shell are represneted consid-
ering n = 7 and s = 2 (Blondin & Ellison 2001) in a self similar solution. The positions of the reverse
shock, contact discontinuity and forward shock are shown. The shocked ejecta and shocked CSM are
separated by the contact discontinuity. The scaling of X-axis is according to the forward shock position,
i.e., R1 is the position of the forward shock. The pressure, velocity and density are scaled with respect to
their values just behind the forward shock.

2.3.2 Free expansion time scale
The free expansion phase of a SN continues as long as the reverse shock remains in the outer
power law part of the ejecta. Beyond this phase the SN evolves into Sedov-Taylor phase. The
duration of free expansion phase (TFE) can be given by

TFE = Λ
1

(3−s) ζ
n−s
3−s
2 v

s
3−s
o,e j (2.34)

where

Λ =
4π
θ

(3 − s
n − 3

) ρo,e j

β

ζ3−n
2

ζ3−s
1

r2−s
o,w (2.35)

(Kundu et al. 2017). Here β = Ṁ/vw (nISM) for a wind (constant density) medium. vo,e j and ρo,e j

represent the velocity and the density of the extreme outer part of the inner ejecta. θ is the ratio
between swept up ejecta and circumstellar mass. ζ1 = rs/rc and ζ2 = rrv/rc where rs, rc and
rrv being the forward shock, contact discontinuity and reverse shock radii and ro,w represents a
reference radius.

2.3.3 Particle Acceleration and Magnetic Field Amplification
Shocks are ideal places for effective particle acceleration to occur. According to diffusive shock
acceleration (DSA) theory, particles move back and forth across the shock front and gets accel-
erated (Bell 1978). The escape of particles in the upstream region is prevented by the Alfvén
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Figure 2.4: Rayleigh- Taylor (RT) instabilities in the shocked ejecta as a function of effective adiabatic
index γeff (Blondin & Ellison 2001). The finger like features are the characteristic of RT instability. The
colour scale represents the density of the gas. It is scaled with respect to the CSM density immediately
surrounding the forward shock front. Note how the RT protrusions reach all the way to the forward shock
for low values of γeff .
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waves created by the particles themselves. These waves scatter the particles back into the down-
stream region. As a fact of this the particles remain bounded between the two region. This
results in a particle spectrum f (p) ∝ p−3η/(η−1), where p is the momentum. For a strong shock
with γ = 5/3 f (p) ∝ p−4. Fig. 2.5 shows the time evolution of both electron and proton momen-
tum behind the shock (Park et al. 2015) from particle in cell (PIC) simulations. Here f (p) is
multiplied by p4 to make visible the scaling with respect to the DSA theory which predicts a p−4

spectrum for accelerated particles. The dashed lines show the Maxwellian, i.e., the thermal dis-
tribution of both species in their respective plots. Here t represents time and ωpe =

√
4πnee2/me

is the electron plasma frequency. ne and me are the electron number density and mass, respec-
tively. In fig. 2.5 the spectrum is simulated considering a reduced mass ratio between proton
and electron: mp/me = 100.

Beyond the Maxwellian peak the spectra follow the expected p−4 profile. As visible in the
figure with time the maximum energy of particles increases.

The ratio between non-thermal electron to proton can be written as Kep ≡ fe(p)/ fp(p). As
accelerated electrons and protons have same spectral index Kep is independent of p. Park et al.
(2015) found that for mp/me = 100 and vu = 0.1c Kep ' 3.8 × 10−3, where c is the velocity
of sound in vacuum. For a shock with a compression factor of η and shock velocity of vs,
vu =

(η−1)
η

vs. According to recent PIC simulations, in shocks, which are parallel/quasi-parallel to
background magnetic field, protons are injected in the DSA after they gain injection momentum
pinj ≈ 2.5mpvs via shock drift acceleration mechanism (SDA) (Caprioli & Spitkovsky 2014a;
Caprioli, Pop & Spitkovsky 2014b; Park et al. 2015). Here mp is the proton mass. For electrons
the momentum is a factor mp/me smaller compare to protons. Thus it is difficult for electrons to
achieve the injection momentum pinj. Therefore, it is expected that more protons over electrons
will be accelerated in the shock fronts. This makes Kep much smaller than 1. Further, Park et
al. (2015) checked the effect of mp/me on the electron to proton ratio of accelerated particles
considering mp/me = 400. For this value of mp/me they found Kep ≈ 5.5 × 10−3.

From the momentum distribution, the energy distribution f (E) can be estimated as

f (E)dE = 4πp2 f (p)dp⇒ f (E) = 4πp2 f (p)
dp
dE

(2.36)

where E represents the energy of the particle. For non-relativistic particles E =
p2

2m where m is
the mass of the particle. Therefore, we get

f (E) ∝ E−1.5. (2.37)

In case of relativistic particles E ∝ p. This gives us,

f (E) ∝ E−2. (2.38)

The shock velocity profile could be affected significantly by the presence of accelerated ions.
Initially the shock is considered to be discontinuous, however, for DSA this kind of structure
can not conserve energy and momentum simultaneously. As a result the shock profile gets
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Figure 2.5: Time evolution of downstream (a) proton and (b) electron momentum spectrum multiplied
by p4 (Park et al. 2015). The dashed line show the Maxwellian (thermal) fit. The flat part in both plots
demonstrate the distribution of non-thermal particles. Both accelerated electrons and protons are found
to follow the DSA prediction, i.e., f (p) ∝ p−4.

modified by super-thermal ions, and a smooth structure is created along with a subshock. This
is demonstrated in fig. 2.6 (Ellison & Reynolds 1991) for different maximum energies (10, 102,
103, 104, 105 and 106 MeV from right to left) up to which protons are accelerated in the Monte
Carlo simulation done by Ellison & Reynolds (1991). The subshock is having a compression
factor ' 3. Therefore, low energy particles scattering across the subshock experience a lower
compression ratio and thus results in a steep spectrum with a power law index for the energy
distribution > 2. The high energy particles which scatter across the main shock can feel a higher
compression factor and produce a particle spectrum similar to eqn. 2.38. However, escape of
high energy particles from the shock fronts can produce a steep particle spectrum. Beside
this when synchrotron or inverse Compton cooling is important the the index of the integrated
particle spectrum becomes steepen by E−1.

From hybrid simulations Caprioli & Spitkovsky (2014a) found that for a shock with Mach
number2 M ∼ 100 effective particle acceleration took place when the background magnetic field
is parallel/quasi-parallel to the shock normal. In this case, a maximum of 10-20% (≡ ξcr) of post
shock energy can be converted to energetic particles. The acceleration efficiency is insignificant
for quasi-perpendicular shocks.

It is found from PIC simulations that magnetic field amplification is correlated with particle
acceleration efficiency (ξcr) and M (Caprioli & Spitkovsky 2014c). For effective acceleration

2Here M = MA, which is the Alfvénic Mach number, ' Ms
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Figure 2.6: Shock structure in a plane parallel shock with Ms ∼ 100 for different maximum energies (10,
102, 103, 104, 105 and 106 MeV from right to left) up to which protons were accelerated in the Monte
Carlo simulations done by Ellison & Reynolds (1991). As the cutoff energy increases, the shock becomes
smoother for larger distances. The Y axis is scaled with respect to the shock velocity U1 = 2×104 km s−1,
which is considered to be constant in the simulation. The upstream proton temperature is assumed to be
1× 106 K. Here λ0 represents the scattering mean free path of the particle and is ∝ Rrig, where Rrig is the
rigidity of the particle.
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the amplification is also significant. The relevant physical quantities for a shock having M =

100 are demonstrated in fig. 2.7 (Caprioli & Spitkovsky 2014c) as a function of distance x at
time t = 200ω−1

c . From top to bottom panels the quantities are: parallel component of ion
momentum, density of ion, total magnetic field amplification, component of magnetic field in
parallel, and out of plane direction, and velocity of Alfvén waves. t is measured here in units of
ωc, and for a background magnetic field of Bo and ion mass of mion, this ωc can be written as

ω−1
c =

c mion

e Bo
(2.39)

where Bo and e being the modulus of Bo and electric charge. The second panel in fig. 2.7
depicts that the asymptotic compression factor of ' 4 has been reached in the downstream
region x<∼ 5000 c/ωp, where ωp is the ion plasma frequency.

An important physical quantity here is the Alfvénic Mach number, which can be given by

MA =
vs

vA
(2.40)

where vA is the Alfvénic speed and can be written as

vA =
B

√
4πmionnion

. (2.41)

B and nion represent the upstream magnetic field strength and the ion density, respectively. The
ions considered are having thermal velocity ' vA, therefore, Ms ' MA.

As ions are accelerated across the shock front, magnetic field in the upstream region gets am-
plified. This affects the shock transition properties. A filamentary structure and cavities can be
noticed in the upstream region for x>∼ 8000 c/ωp in fig. 2.7 and are found to be associated with
high Mach number shocks. In the region 5000 c/ωp<∼ x<∼ 8000 c/ωp the energy in the acceler-
ated particles is significantly large compare to the energy in thermal and magnetic components.
This effect modifies the shock hydrodynamics in the region 5000 c/ωp<∼ x<∼ 8000 c/ωp, which
represents the cosmic ray induced precursor.

The amplification of magnetic field increases with Mach number of the shock. The total
average amplified magnetic, Btot, in a parallel/quasi-parallel shock can be written as〈Btot

Bo

〉2

≈ 3 ξcr M̃A (2.42)

(Caprioli & Spitkovsky 2014c) where M̃A = (1 + 1/η)MA is the Alfvénic Mach number in the
shock reference frame. Considering ξcr = 0.15 and for a strong shock with η = 4〈Btot

Bo

〉2

≈ 0.45 MA. (2.43)

In fig. 2.8 the results from PIC simulation regarding the total amplification of magnetic field as a
function of MA are shown with stars (Caprioli & Spitkovsky 2014c). The dashed line depicts the
prediction from resonant streaming instability (Bell 1978) for ξcr = 0.15. From the figure it is
clear that the results of hybrid simulations are in good agreement with the theoretical prediction
from resonant streaming instability.
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Figure 2.7: Relevant physical quantities across shock transition as a function of x in units of c/ωp at
time t = 200ω−1

c (Caprioli & Spitkovsky 2014c). From top to bottom panels the quantities are: parallel
component of ion momentum, density of ion, total magnetic field, component of magnetic field in parallel,
and out of plane direction, and velocity of Alfvén waves.
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Figure 2.8: Total amplification of magnetic fields, from PIC simulations, as a function of MA is shown
with stars (Caprioli & Spitkovsky 2014c). The dashed line demonstrates the prediction from resonant

streaming instability for ξcr = 0.15, i.e., the dashed line corresponds to
〈

Btot
Bo

〉2
= 0.45 MA.
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Radio emission

3.1 Synchrotron Emission
At the shock front the radio emission is mainly due to synchrotron radiation. Relativistic par-
ticles gyrate around the magnetic field which causes them to radiate part of their energy. This
emission is called synchrotron radiation. The schematic diagram of synchrotron emission from
a charged particle having a pitch angle α is shown in fig. 3.1. The pitch angle (α) is the angle
between the particle velocity and magnetic field vector.

Let us consider the motion of a relativistic electron of rest mass me and Lorentz factor γe,
corresponding to a velocity ve, in a uniform magnetic field B. We can write,

d
dt

(γemeve) =
e
c

ve × B (3.1)

and
d
dt

(γemec2) = 0. (3.2)

From eqn. 3.2 we get ve = constant, where ve is the modulus of ve. Now taking components of
ve parallel (ve||) and perpendicular (ve⊥) to B we get,

dve||

dt
= 0,

dve⊥

dt
=

e ve⊥ × B
γemec

. (3.3)

This implies a uniform circular motion of the projected motion of the electron in a plane whose
normal is parallel to B. Moreover, the acceleration of the electron is perpendicular to ve and has a
constant magnitude. Hence the resultant motion will be a helical motion. Fig. 3.2 demonstrates
such a helical motion motion of a charged particle having a velocity v, with components v|| and
v⊥, in a uniform magnetic field B. The gyration frequency, ωB, of this motion is given by

ωB =
e B

γe me c
. (3.4)

23
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Figure 3.1: Synchrotron emission from a charged particle having a pitch angle α in a magnetic field B.
The emission is confined within the shaded region (Rybicki & Lightman 1979).

Figure 3.2: Helical motion of a charged particle having a velocity v, with components v|| and v⊥, in a
uniform magnetic field B (Rybicki & Lightman 1979). a represents the acceleration of the particle.
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The acceleration in the parallel and perpendicular directions has a magnitude of zero and ωBve⊥ ,
respectively. Therefore, the total emitted power can be written as

Psync =
2 e4

3 c5

γ2
e B2 v2

e⊥

m2
e

. (3.5)

Here ve⊥ = cos(α) ve, where α is the pitch angle. In an isotropic velocity field averaging over
all pitch angles for a given β = ve/c we get

Psync =
4
3

c σT β
2 γ2

e uB (3.6)

where σT = 8π
3 r2

o = 8π
3

(
e2

mec2

)2
is the Thomson scattering cross section for electrons. uB = B2

8π is
the magnetic energy denisty.

The critical frequency (ωc) of synchrotron radiation is given by

ωc =
3
2
γ3

e ωB sin(α). (3.7)

3.1.1 Synchrotron Self-Absorption
Every emission process is accompanied with an absorption process. For synchrotron emission
the emitted radiation can be absorbed, in the presence of a magnetic field, by the same particle
population which is emitting the radiation. This process is called synchrotron self-absorption
(SSA). There exists another process, called stimulated emission, which contributes to the overall
absorption. In this case the particles are induced to emit radiation in the presence of a radiation
field. Combining the contributions from both the processes and considering a population of
accelerated particles with a power law energy distribution of the form

dN
dE

= NoE−q (3.8)

where No and q are the normalization constant and power law index, respectively, we get the
absorption coefficient (αν) for SSA as following

αν = κ(q) No (Bsin(α))(q+2)/2 ν−(q+4)/2 (3.9)

with

κ(q) =

√
3 e3

8 π me

( 3 e
2 π m3

e c5

)q/2
Γ

(3q + 2
12

)
Γ

(3q + 22
12

)
(3.10)

(Rybicki & Lightman 1979) where Γ denotes the Gamma function and ν is the frequency of
photons corresponding to different transition levels having same energy difference. The source
function of synchrotron emssion is found to be

S ν ∝ ν
5/2. (3.11)
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Figure 3.3: Synchrotron spectrum. In the optically thick regime the intensity is proportional to ν5/2 and
in the thin regime it is ∝ ν−(p−1)/2 (Rybicki & Lightman 1979), where p ≡ q . The peak of the spectrum
corresponds to τ ≈ 1.

For an optically thick medium, i.e., where optical depth τν > 1, the intensity

Iν ∝ S ν ∝ ν
5/2 (3.12)

and in the optically thin regime, i.e., for τν < 1

Iν ∝ ν−(q−1)/2. (3.13)

The synchrotron spectrum in both the optically thick and thin regimes is shown in fig. 3.3. The
peak of the spectrum, with a peak frequency ν = νp, corresponds to τν ≈ 1 (see § 3.2).

3.2 Modeling of synchrotron emission from shock fronts

Electrons, accelerated in the shock front, emit synchrotron radiation which could be observed
at radio frequencies. The intensity of this radiation can be defined as

Iν = S ν[1 − exp(−τν)]. (3.14)

When SSA is the dominant absorption mechanism, from eqn. 3.11 the source function is given
by

S ν = S νp

(
ν

νp

)5/2
(3.15)
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where S νp is the source function corresponding to the peak frequency νp. For an optical path
length of ∆s the optical depth can be written as

τν = αν ∆s (3.16)

As synchrotron emission originates from relativistic particles we assume that the energy distri-
bution of the synchrotron emitting particle follows eqn. 3.8. Therefore, we get,

τν =

(
ν

νabs

)−(q+4)/2
(3.17)

Here νabs is the absorption frequency for which τνabs = 1. The peak intensity is defined as
follows

Iνp = 2 kB Tbright

(νp

c2

)2
(3.18)

where kB and Tbright are the Boltzmann constant and the brightness temperature, respectively.
From eqn. 3.14, 3.16, 3.17 and 3.18 we get

S ν =
2 kB Tbright

c2

ν−1/2
p

ν−5/2

{
1 − exp(−

{ νp

νabs

}− q+4
2

)
}−1

. (3.19)

Thus we can write

Iν(τν) =
2 kB Tbright

c2

ν−1/2
p

ν−5/2

(
1 − exp(−τν)

) {
1 − exp(−

{ νp

νabs

}− q+4
2

)
}−1

. (3.20)

In case of SNe effective particle acceleration takes place at the shock fronts (see fig. 2.1).
Therefore the shell of shocked gas is often bright in radio frequencies as visible in fig. 1.3. We
assume here a spherical shell with a thickness of ∆r. When the shell is optically thin, for a
distant observer the path length of a photon inside the shell will be ∆r for the centre part. As we
go toward the pole the path length increases. Therefore we write the intensity as

Iν(τν) =
2 kB Tbright

c2 {νabs(h)}1/2
ν5/2

f (X)

(
1 − exp[−τν(h)]

)
(3.21)

with

f (X) = X1/2
{
1 − exp(−X−

q+4
2 )

}
,where X =

νp

νabs
. (3.22)

Here 0 ≤ h ≤ 1 and accounts for emission from a given part of the shell as seen by a distant
observer, hRsh being the so-called impact parameter. We define a geometrical parameter ξh as

ξh = ∆s(h)/(2∆r). (3.23)

Therefore, for SSA we can write
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νabs(h) = νabs,0 ξ
2

q+4

h and νp(h) = νp,0 ξ
2

q+4

h (3.24)

Tbright(h) = Tb ξ
1

q+4

h (3.25)

and

τν(h) =

(
ν

νabs(h)

)−(q+4)/2
= ξh

(
ν

νabs,0

)−(q+4)/2
(3.26)

where νabs,0, νp,0 and Tb are the absorption, and peak frequency and brightness temperature at
h = 0. Using eqn. 3.24 - 3.26 we can write eqn. 3.21 as following

Iν(h) =
2 kB Tb

c2 {νabs,0}
1/2

ν5/2

f (X)

(
1 − exp(−ξhτνo)

)
(3.27)

with

τνo =

(
ν

νabs,0

)−(q+4)/2
. (3.28)

Here νabs,0 can be calculated from

τνabs(0) = 1 = ανabs ∆s(0) (3.29)

Therefore,

νabs,0 =

(
κ(q) No B(q+2)/2 ∆r

)2/(q+4)
(3.30)

where ∆r = ∆s(0).

3.2.1 Luminosity in optically thin regime
The luminosity form a shell of radius Rsh can be calculated as

Lν = 8 π2 R2
sh

∫ 1

0
Iν(h) h dh. (3.31)

Now, let us define a dimensionless quantity ϑν as

ϑν =
Lν
Lν,0

(3.32)

where,

Lν,0 = 8 π2 R2
sh Iν(0)

∫ 1

0
h dh = 4 π2 R2

sh Iν(0). (3.33)



3. Radio emission 29

Thus, we get

Lν = 8 π2 R2
sh ϑν

kB Tb

c2 {νabs,0}
1/2

ν5/2

f (X)

(
1 − exp(−τνo)

)
. (3.34)

In an optically thin medium τνo << 1. Therefore we can write

1 − exp(−τνo) = τνo =

(
ν

νabs,0

)−(q+4)/2
. (3.35)

This gives

Lν,thin =
8 π2 R2

sh ϑν KB Tb

c2 f (X)
{νabs,0}

(q+3)/2 ν−
(q−1)

2 (3.36)

(Pérez-Torres et al. 2014).

Energy density in electric and magnetic fields :

We assume that all electrons in the post shock region are accelerated and follow a power law
distribution in energy as given by eqn. 3.8. If ue represents the energy density of downstream
electrons then

ue =

∫ Emax

Emin

dN
dE

E dE =

∫ ∞

Emin

No E−q E dE (3.37)

where Emin and Emax are minimum and maximum energy of electron population, respectively.
We assume here Emax → ∞. Therefore, we get

No = uth εe (q − 2) (Emin)(q−2) (3.38)

where the post shock thermal energy density is represented by uth and for a shock of velocity vs

can be written as

uth =
9
8
ρCSM v2

s . (3.39)

Eqn. 3.38 is valid for a constant value of εe, which represents the fraction of post shock energy
that has been channeled into electrons. This energy is shared by both relativistic (E > mec2) and
non relativistic (kinetic energy EK < mec2) electrons. Therefore we write

εe = εnrel + εrel =
ue

uth
(3.40)

where εnrel and εrel give an account of the energy that has been shared by non relativistic and
relativistic components. At the initial phase when the shock velocity is very high all electrons
are relativistic. This implies εe = εnrel and for q = 3
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εrel > 0.16
( vs

5 × 104 km s−1

)−2
(3.41)

(Chevalier & Fransson 2006). As vs decreases with t, after a certain time the above criterion can
not be fulfilled. This suggests the existence of an electron population which is non relativistic,
i.e. the kinetic energy of electrons Ek < Erest(≡ mec2). For a power law distribution of electrons
this implies

εrel = εe

(Emin

Erest

)(q−2)
(3.42)

(Kundu et al. 2017). Relativistic particles radiate part of their energy via synchrotron emission.
Therefore, we consider electrons with E > Erest to contribute to the synchrotron emission.
We note that the assumption of power-law spectrum for non-relativistic electrons may not be
realistic, however, this enables us to estimate the energy density of both relativistic and non
relativistic electrons as a function of time. The significance of this assumption are discussed in
§2 (also see figure 3) of Paper I.

The energy density in magnetic field is given by

uB =
B2

8π
(3.43)

where B represents the magnetic field strength. The fraction of bulk kinetic energy that is
converted to magnetic fields is represented by εB, where

εB =
uB

uth
. (3.44)

From eqns. 3.43 and 3.44 we get

B =
√

8 π uth εB . (3.45)

Calculating Emin :

At a given radius the density of the surrounding medium can be given by eqn. 2.3. This equation
is also valid for a wind medium with nISM as a function of radius, whereas in case the of a
constant density medium nISM is a constant quantity. In general, the CSM is assumed to be
composed of hydrogen and helium. This medium gets ionised by UV radiation from shock
breakout. As the electron mass is negligible compared to the proton mass, we can write from
eqn. 3.39

uth =
9
8
µi mp np v2

s (3.46)

where µi and np are the mean ion mass per particle and the number density of protons, respec-
tively. We consider a CSM made of hydrogen and helium with a ratio 10:1.

The mean energy Ē of the electron population is
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Ē =
(q − 1)
(q − 2)

Emin . (3.47)

Using the above two equations we can write

Emin =
9
8
µi np

ne

mp v2
s

η
εe

(q − 2)
(q − 1)

. (3.48)

Simplifying νabs,0 :

In the self similar solution the thickness of the radio emitting shell

∆r ∝ Rsh. (3.49)

Using the relations given by eqns. 3.38, 3.45 and 3.49 we get,

νabs,0 ∝

(
Rsh εe ε

(q+2)/4
B E(q−2)

min u(q+6)/4
th

)2/(q+4)
. (3.50)

Therefore, eqn. 3.36 can be written as

Lν,thin ∝ Tb R
(3q+11)

(q+4)

sh

(
εe ε

(q+2)/4
B E(q−2)

min u(q+6)/4
th

)(q+3)/(q+4)
ν−

(q−1)
2 . (3.51)

As we have discussed in § 2.3.3, DSA predicts q = 2. However, in case of SNe type Ib/c,
from the observed radio luminosity in optically thin regime, it is found that the energy spectrum
of relativistic particles is steeper with an index q = 3 (Chevalier & Fransson 2006) . For these
SNe, the synchrotron or inverse Compton coolings are irrelevant. As this provides an indirect
estimate of q in the relativistic regime we have considered q = 3 for our study.

Although PIC simulations have advanced our knowledge about particle acceleration in shock
fronts, the results of the hybrid simulations are obtained for shocks having low Mach number
(e.g. supernova remnants (SNRs)) (see § 2.3.3) . Other restrictions of recent PIC simulations
and different mechanisms which could lead a steep particle energy spectrum are discussed in §
2.3.3.

Using eqns. 2.25, 3.48, 3.39 and 2.28 for a wind medium (s = 2) we could write Lν,thin as
following for q = 3

Lν,thin ∝

(n − 3
n − 2

)3.86
Tb ε

1.71
rel ε1.07

B

(
Ṁ/vw

) 1.93n−8.43
n−2 t−

(n+2.57)
n−2 ν−1 (3.52)
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Figure 3.4: Radio light curves, when the SN ploughs through a wind medium (i.e., s = 2), are shown with
solid lines for n = 13, q = 3 (this is equivalent to p = 3 written in the figure) and εe = εB = 0.1 (Kundu et
al. 2017). The x axis refers to time since explosion. The synchrotron luminosity in this case is governed
by eqn. 3.52 and decreases as time goes on. The upper limits are shown for SN 2014J. Here the inner
density structure of the ejecta is taken from the N100 model.

and for a constant density medium (s = 0)

Lν,thin ∝

(n − 3
n

)3.86
Tb ε

1.71
rel ε1.07

B (nISM)
1.93n−8.43

n t
(2.86n−25.3)

n ν−1 (3.53)

(Kundu et al. 2017). The radio light curves at different frequcencies, for a wind (s = 2) and
a constant density medium (s = 0), are shown with solid lines in figs. 3.4 and 3.5 (Kundu et
al. 2017). In both cases n = 13, q = 3 (this is equivalent to p = 3 written in both figures)
and εe = εB = 0.1. It can be seen that for a wind medium the luminosity decreases with time
(see eqn. 3.52 with n = 13) whereas this trend is opposite for a constant density medium (eqn.
3.53 with n = 13). Here we have taken the inner density structure of the SN from numerical
simulations; N100 (Röpke et al. 2012; Seitenzahl et al. 2013) when the SN expands in a wind
medium and a violent merger model (Pakmor et al. 2012) when the ejecta plough through a
constant density medium (these models are discussed in detail in the next chapter). The radio
upper limits are shown here for SN 2014J. In these modellings Tb = 5×1010 K (Readhead 1994)
and has been kept fixed at this value throughout the evolution of the SN.

3.2.2 Evaluating Ṁ/vw or nISM

A comparison between experimentally measured radio fluxes and the model could provide an
estimate of CSM density, i.e., either nISM or Ṁ/vw. As can be seen in fig. 3.4 the upper limit



3. Radio emission 33

 1e+20

 1e+21

 1e+22

 1e+23

 1e+24

 10  100

L
u

m
in

o
si

ty
 (

er
g

 s
−

1
 H

z−
1
)

Time (days)

1.55 GHz

1.66 GHz

5.5 GHz

22 GHz

Merger, n = 13, nISM = 0.32 cm
−3 p = 3; εe = 0.1;  εB = 0.1

5.9 (6.2) GHz

7.4 GHz

3.0 GHz

Figure 3.5: Radio light curves, when the SN expand through a constant medium (i.e., s = 0), are shown
with solid lines for n = 13, q = 3 (this is equivalent to p = 3 written in the figure) and εe = εB = 0.1
(Kundu et al. 2017). The x axis refers to time since explosion. In this case the synchrotron luminosity
increases with time and is governed by eqn. 3.53. As for fig. 3.4 the upper limits are shown for SN 2014J.
The inner density structure of the ejecta is taken from a violent merger model.

on Ṁ/vw is obtained by comparing our model with the observational upper limit measured at 5.5
GHz around 8 days after the explosion. From this we get Ṁ < 6.9×10−10 (vw/100 km s−1)−1 M� yr−1

for the parameters used in our model (see § 3.2 and fig. 3.5). In case of a constant density
medium, fig. 3.5 suggests nISM < 0.32 cm−3 for the same parameters. Here the upper limit on
luminosity measured at 1.66 GHz constrains the particle density around the progenitor. In case
of detection of radio emission one could estimate Ṁ/vw or nISM from radio modelings.

The estimated CSM density (either nISM or Ṁ/vw) provides important information about the
progenitor system. As discussed in § 2.2 the ambient density differs for different types of star.

These calculations of Ṁ/vw or nISM depend on several parameters, n, p, Tb, εe and εB, used to
model the radio emission. Among these εB plays an important role in determining the strength
of the radiation as synchrotron power is proportional to uB (see eqn. 3.6). Unfortunately, the
amplification of magnetic field in shock fronts is very poorly constrained. This therefore allows
a wide range of possible values of εB.

The dependence of the upper limit of Ṁ, with vw = 100 km s−1, and nISM on outer ejecta
density slope, n, for two different values of εB, 0.1 and 0.01, are shown in figs. 3.6 and 3.7.
For both cases q = 3, Tb = 5 × 1010 K and εe = 0.1. The solid lines demonstrate the upper
limits when εB = 0.1 and the dashed ones represent that for εB = 0.01. Lines with solid circles
(crosses) show the CSM density (either nISM or Ṁ/vw) for SN 2014J (SN 2011fe). As can be
seen in both plots, there is almost an order of magnitude difference in the predicted upper limits
on Ṁ/vw or nISM for the two values of εB used to model the emission. See § 4 of Paper I for
more details.
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Figure 3.6: Upper limits on Ṁ as a function of outer ejecta density slope, n, predicted by the N100
model for εB = 0.1 (0.01) are displayed with solid (dashed) lines (Kundu et al. 2017). Here vw = 100
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(SN 2011fe). See text for more details.
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Explosion models of normal Type Ia
Supernovae

As discussed in the Introduction (§ 1) of this thesis, there exist different formation channels
for Type Ia SNe. According to different progenitor channels there are many explosion models.
Any viable explosion mechanism needs to reproduce the observed features of the SNe. For
example the explosion must be able to produce the right amount of different chemical elements,
especially 56Ni in the centre and other intermediate mass elements in the outer layer of the ejecta
with high velocity. Fig. 4.1 (Hillebrandt et al. 2013) shows different kinds of Type Ia SNe on
the basis of luminosity, where ∆m15(B) represents the amount of SN B-band brightness which
has been decreased over 15 days following the maximum light. The explosion mechanism
requires to match the observed rate of Type Ia SNe having different luminosities. Allowing
fine tuning of initial conditions or model parameters must not result in an entirely different
outcome. The explosion parameters have to be well connected with the state of the progenitor
system. Fig. 4.1 depicts that a large fraction of Type Ia SNe (gray points) follows the Phillips
relation (Phillips 1993; Phillips et al. 1999) quite accurately. These are called normal Type Ia
SNe. From the optical spectra of this type of SNe it is evident that the outer layer of the ejecta
contains intermediate mass elements, like Si, Ca, Mg, S and O (Filippenko 1997). The center
part of the ejecta contains 56Ni in the range 0.3 M� - 0.9 M�.

Our aim is to constrain the density of the ambient medium, i.e., either nISM or Ṁ/vw, around
SN 2014J and SN 2011fe using radio modelings discussed in the previous chapter. Both these
SNe are normal Type Ia. Therefore, in this chapter we discuss the explosion models of normal
Type Ia.

4.1 N100 model
One of the explosion models which could account for normal Type Ia is N100 model (Röpke et
al. 2012; Seitenzahl et al. 2013), which is a delayed detonation model. Here the central region
is ignited by 100 sparks as shown in fig. 4.2 (Seitenzahl et al. 2013). An initial deflagration
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Figure 4.1: Observed B band peak magnitude as a function of ∆m15(B) (Hillebrandt et al. 2013) for
different Type Ia SNe. The gray data points depict normal Type Ia SNe (Hicken et al. 2009). This class
of Type Ia follows the Phillips relation (Phillips 1993; Phillips et al. 1999). Superluminous Type Ia are
represented in cyan (Taubenberger et al. 2011) and the subluminous ones are in green (Phillips et al.
2007). There exist a few Type Ia SNe which are even fainter than subluminous Type Ia’s. These SNe are
shown with red points (Taubenberger et al. 2008).
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Figure 4.2: N100 model where the centre of the WD is ignited by 100 kernels (Seitenzahl et al. 2013).

allows the WD to pre-expand. After a while, when a spontaneous transition from deflagration
to detonation occurs, the low density fuel, created in the deflagration phase, in the outer part
of star ignites by the reaction wave and produces intermediate mass elements. Along with
deflagration, detonation also creates some amount of 56Ni at the centre. The ejecta contain
mainly intermediate mass elements with unburnt carbon and oxygen in the outermost layers,
which resembles the observational features of normal Type Ia SNe. The initial mass of the WD
and the asymptotic kinetic energy of explosion in the N100 model are 1.4 M� and 1.45 ×1051

erg, respectively.
Fig. 4.3 (Seitenzahl et al. 2013) shows the hydrodynamic evolution of the N100 model. One

hundred sparks are ignited around the centre of a Chandrasekhar mass WD which gives rise to a
medium strength deflagration. The evolution of the deflagration flame at 0.7 sec is depicted with
whitish surface in the left panel. The buoyancy induced plumes along with the turbulent eddies
accelerates the flames by increasing the surface area. The middle panel shows the increased
surface area of the deflagration flame just prior to the first transition from deflagration to deto-
nation at 0.93 sec. Detonation at various places may occur simultaneously, or can be followed
immediately after the first trigger. The first transition from deflagration to detonation, at 1.0 sec,
is represented by the right side panel with blueish surface. This shock wave ignites material at
low density and produces intermediate mass elements. As the wave propagates supersonically
the mixing of different elements due to convection does not take place. The outcome of this
explosion model is a 56Ni core of mass 0.6 M� which is surrounded by an ejecta made up of
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Figure 4.3: Hydrodynamic evolution of a Chandrasekhar mass WD in the N100 model (Seitenzahl et al.
2013). Left panel: A medium strength deflagration flame (whitish color) at 0.7 sec. Middle panel: defla-
gration flame just prior to the deflagration to denotation transition at 0.93 sec. Right Panel: formation
of the first detonation wave (blueish color) at 1.0 sec.

intermediate mass elements. The spectra of this model are shown in fig. 4.4 with black lines
(Röpke et al. 2012). The observed spectra of SN 2005cf (Garavini et al. 2007), a typical normal
Type Ia SN, are over plotted with red lines which shows a reasonable agreement with the model.
The spectra derived from the model follow the observed pattern quite well, although they are
unable to reproduce the observed flux at shorter wavelength.

4.2 Violent Merger Model

Another model which can reproduce the features of normal type Ia’s is the violent merger model
(Pakmor et al. 2012). In this case two sub-Chandrasekhar mass WDs, with a total mass of the
system being more than the critical mass, merge violently. It is found that to have successful
explosions the mass ratio requires to be close to unity with mass of each WD MWD ≥ 0.9 M�

(Pakmor et al. 2010). Other models of merging WDs, with different mass ratio, may not give
rise to a thermonuclear explosion. They rather lead to the formation of a neutron star.

The hydrodynamic evolution of two merging WDs with masses 1.1 and 0.9 M� has been
examined by Pakmor et al. (2012) and snapshots of the evolution at different epochs are shown in
fig. 4.5. The WDs here spiral each other and subsequently merge. The mechanism responsible
for the decrease of angular momentum is the emission of gravitational waves. Hence the WDs
rotate in smaller and smaller orbits. In the top left panel of fig. 4.5 the secondary fills it Roche-
lobe when the WDs are orbiting with a period of ∼ 33sec. When the WDs are sufficiently
close to each other, at 150sec, the primary WD, the heavier one, starts to accrete matters from
secondary WD. This is shown by the top middle panel. This mass transfer continues, depicted
by top right and left panels in the 2nd row, and a common envelope is formed at 600 sec (middle
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Figure 4.4: Spectra derived from a delayed denotation model, N100, (Röpke et al. 2012) with black lines
and observed spectra of a typical normal Type Ia SN, SN 2005cf, in red lines (Garavini et al. 2007).
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panel in the 2nd row). The secondary is deformed by tidal interaction at t > 600 sec (right panel
in 2nd row) and results in a violent merger which creates a hot spot, the black cross in the bottom
left panel. The collision of both the masses at the hot spot leads to the formation of a detonation
wave. The combustion shock, shown by the black contour in the bottom middle panel, destroys
the merged object completely. In this scenario, the secondary WD is affected the most while
the primary remains as it is. Thus the primary burns into high density and produces substantial
amounts of 56Ni, whereas burning of the secondary WD generates ashes up to oxygen. For
a primary mass of 1.1 M� this model predicts 56Ni mass of about 0.64 M�. The amount of
intermediate mass elements and oxygen produced in the ejecta are ∼ 0.6 M� and 0.47 M�. The
asymptotic kinetic energy of the explosion in this model is 1.7 ×1051 erg.

Fig. 4.6 (Pakmor et al. 2012) shows the spectral evolution of this model which depicts a
good agreement with observed spectra (Garavini et al. 2007). Along with the strong Si II lines
at 595.8 nm and 597.9 nm, the spectra are also able to reproduce the weak Si II lines at 412.8
nm and 413.1 nm. Although the spectral features are consistent with the observations, the rise
time of B band light curve to maximum, predicted by this model, is somewhat longer than for
normal Type Ia SNe.
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Figure 4.5: Hydrodynamic simulation of subsequent stages of a violent merger (Pakmor et al. 2012). The
masses of the two WDs are 1.1 M� and 0.9 M� . See text for more details.
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Figure 4.6: Synthetic spectra of a violent merger with black lines (Pakmor et al. 2012) and observed
spectra of a typical normal Type Ia SN, SN 2005cf, in red lines (Garavini et al. 2007).
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Summary and Outlook

This thesis presents modeling of radio emission from SN shock fronts. Using this modeling, the
amplification of magnetic fields in SN shocks has been tried to constrain. This work is presented
in Paper I.

Particle acceleration at the shock fronts is a complicated phenomenon and is not fully known.
The amplification of background magnetic field at the fronts depends on particle acceleration,
as discussed in Chapter 2. However, as presented in Chapter 2, the results of magnetic field am-
plification obtained from hybrid simulations have several limitations and are mainly applicable
to SNRs (Mach number ∼ 100). In Paper I we tried to constrain the magnification efficiency of
the magnetic field in SN shocks which are having Mach number ∼ few thousand. Our findings
point toward a lower energy density in magnetic fields compared to that in electric fields.

This study requires a) the dynamics of SN interaction with CSM and b) a model for radio
emission from shock fronts, which are discussed in Chapters 2 and 3, respectively. Both SNe
2014J and 2011fe, which we are concerned with in Paper I, are normal Type Ia SNe. Therefore,
the inner density structure of the ejecta are taken from numerical models which could account
for normal Type Ia:s. In Chapter 4 these numerical models are discussed in detail.

Our next aim is to implement the radio modeling in core collapse SNe to constrain the CSM
density and hence the progenitors. Non-thermal X-ray radiation from shock fronts does not
depend of magnetic field strength of ambient medium. Therefore a combined study of radio and
X-ray emissions could be interesting to estimate the CSM density (i.e., either nISM or Ṁ/vw).
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Abstract

We modeled the radio non-detection of two Type Ia supernovae (SNe), SN 2011fe and SN 2014J, considering
synchrotron emission from the interaction between SN ejecta and the circumstellar medium. For ejecta whose outer
parts have a power-law density structure, we compare synchrotron emission with radio observations. Assuming
that 20% of the bulk shock energy is being shared equally between electrons and magnetic fields, we found a very
low-density medium around both the SNe. A less tenuous medium with particle density ∼1 cm−3, which could be
expected around both SNe, can be estimated when the magnetic field amplification is less than that presumed for
energy equipartition. This conclusion also holds if the progenitor of SN2014J was a rigidly rotating white dwarf
(WD) with a main-sequence (MS) or red giant companion. For a He star companion, or a MS for SN2014J, with
10% and 1% of bulk kinetic energy in magnetic fields, we obtain mass-loss rates of 10 9< - and

M4 10 yr9 1<~ ´ - -
 for a wind velocity of 100 km s 1- . The former requires a mass accretion efficiency of

>99% onto the WD, but is less restricted for the latter case. However, if the tenuous medium is due to a recurrent
nova, it is difficult from our model to predict synchrotron luminosities. Although the formation channels of
SNe2011fe and 2014J are not clear, the null detection in radio wavelengths could point toward a low amplification
efficiency for magnetic fields in SN shocks.

Key words: circumstellar matter – ISM: magnetic fields – supernovae: general – supernovae: individual
(SN 2011fe, SN 2014J)

1. Introduction

Astrophysical shocks are suitable places for high-energy
particle acceleration and magnetic field amplification. The
accelerated ions, via plasma instabilities, can amplify magnetic
fields (Bykov et al. 2013). As particle acceleration is not very
clear, how much magnetic field is generated in these shocks
still remains an open question. Recently, Caprioli &
Spitkovsky (2014a, 2014b) tried to investigate these mechan-
isms through hybrid simulations. However, their effort was
restricted by computational limitations, which do not allow
simulations in which a shock has a very high Mach number like
supernova (SN) shocks. Another way to understand these
complex phenomena is through observing radiation emitted by
the shock-accelerated particles. A highly relativistic particle
loses a fraction of its energy in the form of synchrotron
radiation. The power of this radiation is proportional to the
energy density of the ambient magnetic field. Therefore, a
proper modeling of synchrotron emission from these shocks,
along with observations, could give an estimate of the ambient
magnetic field, and this can then shed light on the complex
mechanisms of particle acceleration.

The interaction of high-velocity SN ejecta with the ambient
medium launches a strong shock into the circumstellar medium
(CSM). Particles accelerated in these shocks can emit
synchrotron radiation in radio wavelengths. When these SNe
are nearby the probability of detection increases. In this regard,
the two nearest young SNeIa, SN2011fe, in M101, and
SN2014J, in M82, at distances of 6.4 Mpc (Shappee &
Stanek 2011) and 3.4 Mpc (Marion et al. 2015), respectively,
provide a unique opportunity to detect the radiation and

understand the circumstances which led to that emission.
Several observational attempts were made to detect radio
emission from these two SNe, but nothing was detected within
the first 150 days of explosion (Horesh et al. 2012; Chomiuk
et al. 2012; Pérez-Torres et al. 2014; Chomiuk et al. 2016). As
reported here, observations show null detection even around
1.5 and 4 years after the explosions of SNe2014J and 2011fe,
respectively.
The CSM plays an important role in shock dynamics. This

medium is shaped by the pre-SN mass lost history of the
progenitor system. Both the aforementioned SNe are of Type
Ia, which are widely accepted as the thermonuclear explosion
of a CO white dwarf (WD) (Hoyle & Fowler 1960). Before the
explosion, this WD accretes matter from a companion star,
which could be a main-sequence (MS) or an asymptotic giant
branch star, and explodes when it reaches the Chandrasekhar
(CH) mass limit (Whelan & Iben 1973). This is called the
single degenerate (SD) channel. A second possibility is to have
another WD as a companion, with the total mass of the system
being more than the CH limit. In this case, known as the double
degenerate (DD) scenario, the two spiraling WDs merge due to
the emission of gravitational waves, which reduces the orbital
separation, and, under the right physical conditions, gives rise
to a successful thermonuclear runaway (Iben & Tutukov 1984;
Webbink 1984). The companion star, in the SD scenario, loses
a fraction of its initial mass either due to a wind or Roche
Lobe overflow, which results in a high-density circumbinary
medium. On the contrary, the merger model predicts a very
clean environment around the progenitor system.
Previous modelings of null detection of radio emission from

SNe2011fe and 2014J (Chomiuk et al. 2012; Pérez-Torres
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et al. 2014; Chomiuk et al. 2016) prefer to put stringent upper
limits on the ambient medium density, nISM, and the mass-loss
rate, Ṁ , of the progenitor system, assuming equipartition of
energy, in the post-shock region, between electric and magnetic
fields. This assumption suggests a very tenuous medium
around both the SNe. The radio-silent feature of these SNe
could also be due to a lower strength of magnetic fields in these
shocks. In the present work we examine both equipartition and
a lower-energy density in magnetic fields compared to that
in electric fields, and try to constrain the magnetic field
amplification in SN shocks.

The paper is organized as follows. In the next section we
discuss the explosion models of the WDs used and SN ejecta
profile. Along with this we discuss the synchrotron radio
emission model. Radio observations are given in Section 3. We
present our results in Section 4 and discuss them in Section 5.
Conclusions are drawn in Section 6.

2. Explosion Models and Radio Emission

Both SNe2011fe and 2014J are normal SNeIa with 56Ni
masses of ∼0.6 M (Röpke et al. 2012; Churazov et al. 2014).
Within the framework of the SD scenario, the N100 model
(Röpke et al. 2012; Seitenzahl et al. 2013) is capable of
reproducing the observables of normal SNeIa with reasonable
accuracy. This is a delayed detonation model where the central
region is ignited by 100 sparks. Another channel that could
account for normal SNeIa is the merger of two sub-CH WDs
(Pakmor et al. 2012). Here, two C/O degenerate stars with
masses of 1.1 and 0.9 M merge and lead to a successful SN
explosion. This model probes the DD formation channel. The
total masses and asymptotic kinetic energies of ejecta for N100
and the violent merger model are 1.4 M, 1.95 M, and
1.45 1051´ erg, 1.7 1051´ erg, respectively.

For both models, numerical simulations provide the density
of the ejecta as a function of velocity, in the homologous phase,
up to 2.5 10 km s4 1~ ´ - . The ejecta structure of the extreme
outer part of the exploding WD is not available from these
simulations. This part of the ejecta interacts with the CSM, and
hence plays an important role in radio emission. Therefore,
beyond the above velocity range we have extrapolated the
density (ρ) profile considering a power law r nr µ - , where r
represents the radius of the SN and n is the power-law index.
The initial structure of the outer part of the WD is uncertain.
The accretion rate and subsequent burning phases play a vital
role in determining the properties of the outer edge. We
therefore allow n to vary in the range 12–14.5 For convenience
we call the N100 + power-law structure the N100 model and
similarly refer to the violent merger + power-law profile as the
merger model.

In the SD scenario the SN ejecta most likely interact with a
wind medium characterized by a wind velocity (vw) and mass-
loss rate Ṁ of the progenitor system. When Ṁ and vw both are
constants, the density of this surrounding medium is expressed
as M r v4 wCSM

2r p= ˙ ( ). On the other hand, in the DD
formation channel, the ejecta launches a strong shock into a
presumably constant density medium with nCSM ISMr m= ,
where μ represents the mean atomic weight of the surrounding
medium. Therefore, the density of the CSM can be written as

Ar s
CSMr = - , with s=2 or 0 for a wind or a constant density

medium, respectively. The interaction of the ejecta, with
power-law structure, and this surrounding medium, gives rise
to a self-similar structure (Chevalier 1982). In this case, the
forward-shock radius, rs, varies with A and time, t, as
r A ts

s n n n s1 3µ - - -( ) ( ) ( ), which implies a shock speed
of v r ts

dr

dt

n

n s s
3s= = -

-
( )
( ) .

The synchrotron power is inversely proportional to the
square of the mass of the emitting particle. Therefore, in a
medium with low magnetic field strength, electrons rather than
ions are more likely to be responsible for this radiation. It is
expected that along with ions electrons are also accelerated in
shocks. For a test particle, in a non-relativistic shock with a
compression factor of 4, diffusive shock acceleration predicts a
power-law energy spectrum with an index p=2. When
synchrotron or inverse Compton losses are important, the
index of the integrated particle spectrum becomes p 1+( ). The
presence of a sub-shock along with the main shock predicts a
particle spectrum with index >2 for low-energy particles
(Ellison & Reynolds 1991). For the case of SNe Type Ib/c,
which originate from compact progenitors like SNe Type Ia, it
is observed that the spectrum of relativistic particles is steeper,
with an index p=3, with the loss mechanisms having no role
to play (Chevalier & Fransson 2006). These loss mechanisms
are found to be irrelevant for both the SNe we are concerned
with here. The insufficient knowledge of particle acceleration,
at shocks, does not allow a unique choice of p. We therefore
assume that the energy spectrum of the electrons obeys
dN dE N E p

0= - with p=3, considering the above simila-
rities with SNe Type Ib/c. Here N0 and E represent the
normalization constant of distribution and electron energy,
respectively. We assume that all electrons in the post-shock
region are accelerated. For a power-law energy distribution the
minimum energy of this population varies as E r tsmin

2 2
eµ - ,

for a constant value of e , where e nrel rel  = + = u ue th
represents the fraction of post-shock energy density,
u r vsth

9

8
2r= ( ) , that goes into electrons. ue is the energy

density in electric fields. This energy is shared by relativistic
electrons with E m c Ee

2
rest> º( ), where me and c are the

electron mass and velocity of light in a vacuum, and non-
relativistic electrons with a kinetic energy of the electron
E Ek rest< . The two quantities rel and nrel give an account of
the shared energy between the two components. Initially,
when the shock velocity is very high, the entire electron
population is relativistic. This implies that e rel = and

0.16 v
rel 5 10 km s

2
s
4 1 >

´

-
-( ) for p=3 (Chevalier & Fransson

2006). When the above criterion is not fulfilled, there exists a
non-relativistic electron population. The presence of this

component implies that E

E

p

rel e

2
min

rest
 =

-( )( )
. We consider

electrons with E Erest> to contribute to the synchrotron
emission, as only relativistic particles radiate part of their
energy via synchrotron. We note that the assumption of a
power-law spectrum for non-relativistic electrons may not be
realistic; however, this allows us to estimate the energy density
in relativistic electrons as a function of time. In previous studies
(Pérez-Torres et al. 2014; Chomiuk et al. 2016) it was assumed
that all the electrons, in the post-shock region, will be
relativistic at any point in time. This introduces an artificial
kink in their synchrotron radio light curve, and beyond this
kink the light curve rises rather steeply. Therefore, when the
radio emissions predicted from such models are compared with
observations, they suggest a rather low-density medium around

5 A power-law fit to the outer part of the N100 model, for velocities
2 10 km s4 1~ ´ - , gives an index of around 12.
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the progenitor system. As we consider the effect of shock
deceleration in estimating rel , and hence in the synchrotron
light curve, our model predicts a more feasible density of the
circumbinary medium where the shock was launched. Caprioli
& Spitkovsky (2014a) show that at non-relativistic shocks,
energetic particles could acquire 10%–20% of the post-shock
energy. As particle acceleration is a complex mechanism and
depends on the orientation of the background magnetic fields
(see Caprioli & Spitkovsky 2014a for details) it is reasonable to
consider the lower limit of acceleration efficiency. Therefore,
for electrons we assumed that 10% of the bulk kinetic energy is
transferred to them, i.e., 0.1e = , and kept it fixed at this value
for our entire study.

An SN will be in the free-expansion phase until the reverse-
shock remains in the outer power-law part of the ejecta. The
unshocked ejecta profiles, as a function of radius at 20 days
after the explosion, for both the N100 and merger models, are
shown in Figure 1. The left panel depicts the ejecta structure
when the SN plows through a constant density medium with
n 0.2 cmISM

3= - , and the right panel shows the ejecta
profile (for N100) in a wind medium, characterized by

M M8 10 yrv10
100 km s

1 1w
1= ´ - - -

- ( )˙ . In contrast to Pérez-
Torres et al. (2014), where a thin-shell approximation was used
for the shock structure, here we take into account the actual
structure of the shocked gas from the similarity solutions
(Chevalier 1982) for the various values of s and n investigated.

The intensity of the synchrotron radiation, with synchrotron
self-absorption (SSA) as the main absorption mechanism, from
a shell of thickness rD can be written as

I h
kT

c f

2
1 exp , 1h

bright

2

5 2

abs,0
1 2peak

abs

0

n
n

x t= - -n n

n

n( )( ) [ ( )] ( )

with

f x x x1 exp 2p1 2 4 2= - - - +( ) [ ( )] ( )( )

(Pérez-Torres et al. 2014; Björnsson & Lundqvist 2014). Here
s h r2hx = D D( ) ( ) gives the normalized path length traversed

by the radiation along the line of sight and h0 1  takes
into account emission from different parts of the shell. absn is
the absorption frequency for which optical depth 1abst =n and

for h=0 abs abs,0n n= and 0t t=n n , respectively. Tbright and
peakn represent the brightness temperature and peak frequency
of the radiation. k is the Boltzmann constant.
According to the models, SNe2011fe and 2014J are in the

optically thin regime when the radio observations are done (see
Section 3 for radio observations). Therefore, the luminosity for

1t <n from a shell with an outer radius rs can be written as:

L
kT r

c f

8
, 3s p p

,thin

2
bright

2

2
abs,0

3 2 1 2

peak

abs

p J
n n=n

n

n

n

+ - -( ) ( )( ) ( )

with

r p N B2 , 4p p
abs,0 0

2 2 2 4
n = D + +( ( ) ) ( )( ) ( )

where L

L ,0
J =n

n

n
with L r I4 0s,0

2 2p=n n ( ). B represents the

magnetic field strength and p( ) is the SSA coefficient.
Observational evidence suggests that the brightness temper-

ature, Tbright, is ∼1011 K (Readhead 1994). In our modeling we
consider a value of 5 1010´ K and keep it constant throughout
the evolution, which is also what was assumed in Pérez-Torres
et al. (2014).

3. Radio Data

In this paper, we modeled the publicly available radio data
for both SN2011fe and SN2014J, as well as radio observa-
tions obtained by us. Namely, for the modeling of SN2014J,
we used data published in Pérez-Torres et al. (2014),
complemented by recently obtained data with the Jansky Very
Large Array (JVLA) at 3.0 GHz, and by the European VLBI
Network (EVN) at 1.66 GHz. For the modeling of the radio
emission from SN2011fe, we used data published by Chomiuk
et al. (2012), also complemented by recently obtained 3.0 GHz
JVLA observations, and by 1.66 GHz EVN observations.

3.1. New EVN Observations

We observed SN2014J on 2015 February 28–March 1
(project EP092A; PI: Pérez-Torres), and SN2011fe on 2015
June 14 (project EP092B; PI: Pérez-Torres), using the EVN at
1.66 GHz, for 12 hr in each case (with an integrated on-source
time of about 8.0 hr). Each time, we used a sustained data

Figure 1. Left panel: unshocked ejecta structure as a function of radius for the N100 and merger models, at 20 days after explosion, when the ejecta are expanding into
a constant density medium with n 0.2ISM = cm−3. Right panel: same for the N100 model when the ejecta plow through a wind medium characterized by a mass-loss
rate of M M8 10 yr10 1= ´ - -

˙ and a wind speed of100 km s 1- . The arrow represents the radius beyond which the ejecta velocity is more than 5 10 km s4 1´ - . The
structures are shown for two values of n (12 and 14).
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recording rate of 1024 Mbit s−1, in dual-polarization mode and
with 2 bit sampling. Each frequency band was split into 8
intermediate subbands of 16MHz bandwidth each, for a
total synthesized bandwidth of 128MHz. Each subband
was in turn split into 32 spectral channels of 500kHz
bandwidth each.

The EVN observations of SN2014J (EP092A) included the
following 13-antenna array: Effelsberg, Westerbork, Jodrell
Bank, Onsala, Medicina, Torun, Urumqi, Sheshan, Svetloe,
Zelenchuk, Badary, Sardinia, and the DSN antenna of Robledo
(Madrid), which joined the observations for about half of the
total time, although it was only recorded in LCP. We note that
Onsala could not take data due to heavy winds, and, most
importantly, Effelsberg, our most sensitive antenna, could not
observe for 5 hr. Fortunately, we had additional large dishes for
this experiment, which allowed us to obtain a final rms value
close to the expected one (see below). We observed our target
source, SN2014J, phase-referenced to the core of the nearby
galaxy M81, known to be very compact at VLBI scales, with a
typical duty cycle of 5 minutes. We used the strong QSO 1150
+812 as a fringe finder and bandpass calibrator. For our
observations of SN2011fe (EP092B), the array included 10
antennas: Effelsberg, Westerbork, Jodrell Bank, Onsala,
Medicina, Torun, Svetloe, Zelenchuk, Badary, and Tianma.
Unfortunately, the data for Jodrell Bank and Onsala were of
very bad quality, so we had to remove them completely, thus
resulting in an eight-antenna array. Furthermore, the perfor-
mances of Badary and especially Tianma (the second most
sensitive antenna) were rather poor. As a result, the attained
rms was far from the initially expected one, and significantly
worse than that attained for EP092A (see below). We observed
our target source, SN2011fe, phase-referenced to the strong,
nearby source J1359+5544, known to be very compact at
VLBI scales, with a typical duty cycle of 5 minutes. We used
the strong source 3C309.1 as a fringe finder and bandpass
calibrator.

All the data were correlated at the EVN MkIV data processor
of the Joint Institute for VLBI in Europe (JIVE, the Nether-
lands), using an averaging time of 4s for SN2014J, and 2s for
SN2011fe.

We used AIPS for calibration, data inspection, and flagging
of our eEVN data, using standard procedures. Those steps
included a priori gain calibration (using the measured gains
and system temperatures of each antenna), parallactic angle
correction, and correction for ionosphere effects. We then
aligned the visibility phases in the different subbands, i.e.,
“fringe-fitted” the data, solved for the residual delays and delay
rates, and interpolated the resulting gains into the scans of
SN 2014J. We then imaged a field of view of 3″×3″, centered
at the position given by Smith et al. (2014), and applied
standard imaging procedures using AIPS, without averaging the
data either in time, or frequency, to prevent time and bandwidth
smearing of the images. We used natural UV-weighting to
maximize the signal-to-noise ratios in our final images, which
were 9.8 μJy/beam and 34.3 μJy/beam for SN2014J and
SN2011fe, respectively.

3.2. Jansky VLA Observations

We also observed SN2014J and SN2011fe with the Jansky
VLA on 2015 August 15–16 and 2015 August 31 (project 15A-
076; PI: Pérez-Torres), respectively, while the VLA was in its
most extended configuration. Each target was observed for 2 hr,

yielding an effective on-target time of ∼87 minutes. 3C286
was used as a flux and bandpass calibrator. We centered our
observations at the frequency of 3.0 GHz, covering the whole
S-band (from 2.0 to 4.0 GHz), and recorded in full polarization,
using a dump time of 2 s. The nearby, bright, point-like sources
J0954+7435 (for SN 2014J) and J1419+5423 (for SN 2011fe)
had been considered for phase calibration. We used the
Common Astronomy Software Applications (McMullinet al.
2007) package for data reduction purposes, which consisted of
standard amplitude and phase calibration. Since our target
sources were far from any bright point-like source, a natural
weighting scheme was used to attain the best possible
sensitivity in our images. In the case of SN2011fe, we essentially
reached the expected off-source rms value (4.0 μJy/beam).
This was possible because the VLA observations were carried out
with the array in its most extended configuration, i.e., with the
smallest possible synthesized beam at a given frequency. In this
way, most diffuse emission was expected to be filtered out for
M101, as was indeed the case. However, for SN2014J, the host
galaxy, M82, a starburst galaxy, is extremely bright at low
frequencies in the few central kiloparsecs (see Figure 2). In fact,
the 3.0 GHz VLA emission is not limited by the thermal noise,
since very far from the galaxy we actually reach values of about
7m Jy/beam, very close to the nominal values. However, we are
limited by the dynamic range and the intrinsic background radio
emission in the surroundings of SN2014J, which are signifi-
cantly higher, 32.0m~ Jy/beam.
Tables 1 and 2 show the summary of our new radio

observations of SN2011fe and SN2014J, respectively, along
with other existing radio data.

4. Results

When the SN plows through a constant density medium the
radio luminosity evolution, for an optically thin shell, can be

Figure 2. JVLA radio image of the Type Ia SN2014J and its host galaxy at a
frequency of 3.0 GHz, obtained from our observations on 2015 August. The total
flux density is 4.56 Jy, the peak is 47.8 mJy/beam, and the off-source rms is 7.4
μJy/beam, attaining a dynamic range of 6530:1, which makes this the deepest
image of M82 at this frequency ever. Note the large amount of compact sources that
are detected in the field of view, most of them young SNe and SNRs. The rms at
the position of SN2014J, marked with a circle, is 32 μJy/beam, significantly larger
than further away from the SN2014J position and from the central regions of M82.
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Here u

uB
B

th
 = , where u B 8B

2 p= is the amount of post-shock

energy density in magnetic fields.6

We consider two cases: (1) equipartition of energy between
electric and magnetic fields, i.e., when 0.1e B = = . This
implies that each field carries 10% of the bulk shock energy;
and (2) 0.1e = and 0.01B = , i.e., when 10% and 1% of

post-shock energy are in electric and magnetic fields,
respectively. Therefore, in the second situation the amplifica-
tion of the magnetic field, in the post-shock region, is less than
that in the former one. In the paper when we mention a low
amplification efficiency of magnetic fields, or the magnetic
field amplification is less than that presumed for energy
equipartition, or 0.01B = , we refer to the second case. The
first case where energy equipartition is assumed is cited as

0.1B = throughout the paper.
For 0.1B = and n=13 the light curves predicted by the

merger model are shown in the left panel of Figure 3 for
SN2014J. As can be seen, the density of the CSM is
constrained by the upper limit at 1.66 GHz measured around
400 days after the explosion. This enforces the density of the
surroundings to be 0.32< cm−3 for a constant density medium.
For the same parameters the radio light curves calculated using
the N100 model in a wind medium are depicted in the right
panel of Figure 3. In this case, the mass-loss rate of the
progenitor system is restricted by the observational upper limit
obtained at 5.5 GHz, around 8 days after the explosion of SN
2014J (Pérez-Torres et al. 2014). According to our model this
implies M v M6.9 10 100 km s yrw

10 1 1 1< ´ - - - -
˙ ( ) (right

panel of Figure 3).
As for SN 2014J, SN2011fe was also thoroughly searched

for in the radio just after the explosion (Horesh et al. 2012;
Chomiuk et al. 2012; Chomiuk et al. 2016). Among the early
observations, we found that the upper limit on the luminosity at
5.9 GHz, measured around 2 days after the explosion, (Chomiuk
et al. 2012; tabulated in Table 1) constrains the maximum
possible mass-loss rate from the system. This was also noted by
Chomiuk et al. (2012) and Pérez-Torres et al. (2014). For a case
with a constant density medium, the radio luminosity increases
with time (Equation (5)) when n12 14  , in contrast to the
wind medium for which the luminosity decreases with time
(Equation (6)) (see the trends of the light curves of SN 2014J
displayed in Figure 3 for wind and constant density medium
when n= 13). It is therefore found that for a constant density
circumbinary medium, the radio upper limit measured around 4
years after the explosion, at 3 GHz, limits nISM. Table 1 contains
the details of these observations, which are relevant to derive the
upper limits on the CSM density, together with the hitherto
unpublished limits measured at 1390 days at 1.66 GHz.
In Figure 4, we show the dependence of the CSM density on

n using N100 (blue) and the merger model (red). The solid
lines with crosses (filled circles) represent the upper limits on
nISM or Ṁ for v 100 km sw

1= - around SN2011fe (SN 2014J),
when 0.1B = . The dashed lines show the effect of a low
magnetic field energy density, 0.01B = . As is clear from the
figure, there is little variation on the upper limits of nISM when
n varies in range 12–14. In case of a wind medium, M vw˙ ,
calculated from N100, has a rather strong dependence on n.
The upper limits on nISM, from both models and for both SNe,
are 0.35 cm 3~ - when equipartition of energy between electric
and magnetic fields is considered, i.e., 0.1B e = = . For a low
magnetic field energy density ( 0.01B = ), which implies a low
amplification efficiency for magnetic fields in the shocked
region, the upper limits are 2 cm 3~ - . The upper limits on the
mass-loss rate predicted by the N100 model, for SNe2011fe
and 2014J, are M10 yr9 1< - -

 and M4 10 yr9 1<~ ´ - -
 for

0.1B = and 0.01, respectively, assuming v 100 km sw
1= - .

Several authors have calculated the upper limits on Ṁ and
nISM, for both SNe 2011fe and SN 2014J, considering

Table 1
Log of Radio Observations for SN2011fe

Starting Epoch tint Array ν Sν L ,23n
UTC days hours GHz μJy

2011 Aug 25.77 2.1 L JVLAa 5.90 17.4 8.53
2015 Jun 14 1390 8.0 EVNb 1.66 103 50.5
2015 Aug 31 1468 1.45 JVLAb 3.00 12.0 5.88

Notes. The columns, from left to right, are as follows: starting observing time,
UTC; mean observing epoch (in days since explosion, assumed to be on 2011
August 23.7); integration time, in hr; facility; central frequency in GHz; 3σ flux
density upper limits, in μJy; the corresponding 3σ spectral luminosity,
assuming a distance of 6.4 Mpc, in units of 1023 erg s−1 Hz−1.
a Data from Chomiuk et al. (2012).
b This work.

Table 2
Log of Radio Observations for SN2014J

Starting Epoch tint Array ν Sν L ,23n
UTC days hours GHz μJy

2014 Jan 23.2 8.2 L JVLAa 5.50 12.0 1.67
2014 Jan 24.4 9.4 L JVLAa 22.0 24.0 3.31
2014 Jan 28.8 13.8 13.6 eMERLINb 1.55 37.2 5.15
2014 Jan 29.5 14.5 14.0 eMERLINb 6.17 40.8 5.63
2014 Feb 4.0 20.0 11.0 eEVNb 1.66 32.4 4.47
2014 Feb 19.1 35.1 10.0 eEVNb 1.66 28.5 3.94
2014 Apr 11.2 86.2 L JVLAc 5.90 21.0 2.92
2014 Jun 12.0 148 L JVLAc 7.40 41.0 5.71
2015 Mar 1 410 8.0 EVNd 1.66 29.4 4.10
2015 Aug 16 578 1.45 JVLAd 3.00 96.0 13.4

Notes. The columns, from left to right, are as follows: starting observing time,
UTC; mean observing epoch (in days since explosion, assumed to be on 2014
January 15.0); integration time, in hr; facility; central frequency in GHz; 3σ
flux density upper limits, in μJy; the corresponding 3σ spectral luminosity,
assuming a distance of 3.4 Mpc to M82, in units of 1023 erg s−1 Hz−1.
a Data from Chandler & Marvil (2014).
b Pérez-Torres et al. (2014).
c Chomiuk et al. (2016).
d This work.

6 The exponent of M vw( ˙ ) in Equation (6) of Pérez-Torres et al. (2014) should
be 1.58 rather than the 1.27 mentioned in that paper. The erroneous exponent
does not affect the results of that paper.
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0.1e B = = and v 100 km sw
1= - . From a very early non-

detection in radio, Horesh et al. (2012) constrained Ṁ of SN
2011fe to be M10 yr8 1< - -

 assuming vs=4 104´ km s 1- .
However, just after the explosion, the shock velocity could be
much higher than 4 104´ km s 1- (Berger et al. 2002).
Chomiuk et al. (2012) estimated M M6 10 yr10 1< ´ - -

˙
(nISM < 6 cm−3) using their upper limits on radio luminosity,
which were deeper than those reported in Horesh et al. (2012).
For SN 2014J, Pérez-Torres et al. (2014) found
M M7 10 yr10 1< ´ - -

˙ (n 1.3ISM < cm−3) from their radio
analysis. From X-ray observations, where B plays no role,
Margutti et al. (2012, 2014) obtained M M2 10 yr9 1< ´ - -

˙
and M1.2 10 yr9 1< ´ - -

 (n 166ISM < cm−3 and < 3.5
cm−3) for SNe2011fe and 2014J, respectively. In our present
analysis we used an ejecta structure and a radio emission model
similar to those presented in Chomiuk et al. (2012) and Pérez-
Torres et al. (2014). We estimate M M7 10 yr10 1<~ ´ - -

˙
(nISM <~ 0.35 cm−3) (see Figure 4) for both SNe, when

0.1e B = = and v 100 km sw
1= - . This shows that our upper

limits on Ṁ are consistent with the previous findings by
Chomiuk et al. (2012) and Pérez-Torres et al. (2014). However,
our upper limit on nISM is almost an order of magnitude smaller
than those reported from previous radio analyses. The reason is
that, to derive the limits, Chomiuk et al. (2012) and Pérez-
Torres et al. (2014) used the upper limits on radio luminosity
measured around 20 (for SN 2011fe) and 35 (for SN 2014J)
days after the explosion, which were the best possible options
at that time. In our present study we obtained the upper limits
from radio observations carried out around 4 and 1.5 years after
the explosions of SNe 2011fe and 2014J, respectively.
Therefore, this study provides a deeper and more confident
limit compared to the previous ones. The limits on Ṁ reported
from X-ray analyses are midway between our predictions from

0.1B = and 0.01.

5. Discussion

SN2006X, a normal SNIa, showed a notable presence of
circumstellar material in the form of time evolution of a
blueshifted absorption feature in the Na IDline (Patat
et al. 2007). This SN was radio-silent despite prompt attempts
to observe the SN in radio wavelengths (Stockdale et al. 2006).

We note that the optical and radio observations were not
conducted simultaneously. However, given the fairly large
distance to SN2006X (∼16 Mpc)7, it could be difficult to
detect radio emission from it if magnetic field amplification
was low in SN shocks.
No variations in Na ID were reported for SN2011fe (Patat

et al. 2013) or for SN2014J (Goobar et al. 2014). The lack of
narrow-line absorption could be due to a viewing angle effect,
allowing for incomplete shells to possibly exist around those
SNe. How frequently one could expect to detect such shells
cannot be predicted in advance, unless proper hydrodynamical
modeling of the progenitor evolution and shock CSM-shell
interaction are done. With our observations we are probing a
region with a radius of a few 1017´ cm around both the SNe.
The radio silence feature of these SNe could be due to no shells
existing around them within the above-mentioned radius. Or it
may be due to low amplification efficiency of magnetic fields in
the shocks. We try to explore the second possibility with our
modeling of the radio observations, tabulated in Tables 1 and 2
for SNe2011fe and 2014J, respectively.
As discussed in Section 4 the evolutions of radio

luminosities (Equations (5) and (6), and Figure 4) depend on
the nature of the circumbinary medium that carries the
signature of the progenitor system. The progenitors of both
SNe2011fe and 2014J are not clear. However, observational
evidence has narrowed down the possible formation channels
for both of them. From pre-explosion HST images Kelly et al.
(2014) have excluded a bright red giant (RG) companion and a
symbiotic recurrent nova system, possessing similar luminosity
of RS Oph, as a progenitor system for SN2014J. For
SN2011fe, Li et al. (2011) excluded a RG/helium (He) star/
main-sequence (MS) with a mass of more than 3.5 M as a
companion. From UV observations Brown et al. (2012)
precluded a solar mass MS companion with a radius of
0.1R(Bloom et al. 2012), although their model suffers from
a viewing angle effect. Combining these findings with non-
detections of binary companion materials in optical nebular
spectra of the two SNe, Lundqvist et al. (2015) concluded that
hydrogen-rich main-sequence donor systems, with separations

Figure 3. Luminosity evolution as predicted by the merger model (left panel), shown with lines, for n=13 and 0.1B = , in a constant density medium along with
observational upper limits obtained for SN2014J (tabulated in Table 2). The upper limit on luminosity measured around 410 days after the explosion at 1.66 GHz
constrains the particle density nISM to be <0.32 cm−3 around the explosion site. The right panel shows the light curves from the N100 model, for the same parameters
used in the merger model, when the SN is expanding in a wind medium. In this case the observation done around 8 days after the explosion at 5.5 GHz
limits M v M6.9 10 100 km s yrw

10 1 1 1< ´ - - - -
˙ ( ) .

7 From the NASA/IPAC Extragalactic Database (NED).
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less than ∼7 R between the binary systems, could be ruled out
for SN2011fe, while there is still some room for this for
SN2014J. In addition, He star donors are constrained to those
with large separations (more than ∼1 R) between themselves
and the WD.

These studies favor a DD formation channel for both the
SNe. However, a few SD channels are still allowed. For these
formation channels we will now examine what upper limits on
nISM and Ṁ our models, with 0.1B = and 0.01, predict, and
what is expected for that kind of progenitor.

5.1. DD Scenario

The merger of two WDs predicts a low gas density, which is
characteristic of the interstellar medium, around the SN site.
The H I column density, NH I, around SN2011fe, is
3 1020´ cm−2, as estimated by Chomiuk et al. (2012). With
a path length (l) of ∼100 pc and mean atomic weight 1.24m 
in M101 (Stoll et al. 2011; Mazzali et al. 2014), the particle
density around the location of SN2011fe is N l 1H Im ~ cm−3.
From our modeling with the merger model, the null detection
gives an upper limit on the particle density n 1ISM ~ cm−3

(left panel of Figure 4) when u uB e< with 0.01B = . For
0.1B = the upper limit on the particle density is 0.25 cm 3~ - .

SN 2014J occurred in M82. Ritchey et al. (2015) estimated
NH I in the direction of SN2014J from 21cm line observations.
They obtained N 2.9 10H

21
I = ´ cm−2 for the gas around the

SN site and compared it with the NH I computed from the
equivalent width, contributed by M82 along the SN line of
sight, of the blended λ5780.5 diffuse interstellar band (DIB).
From the DIB they derived N 2.24 10H

21
I = ´ cm−2, which is

close to that derived from the 21cm emission. The projected
distance of SN2014J from the center of M82 is 913 pc, for a
distance to M82 of 3.4 Mpc (see Figure 2). Combining this
with the H I column density map shown in the upper left panel
of Figure 7 of Leroy et al. (2015), we estimate l 1 kpc~ for the
atomic hydrogen gas around SN2014J in M82. Here we
assume that the SN is located at the middle of the disk. With
N 2.9 10H

21
I ´ cm−2, along with the slightly sub-solar

metallicity of M82 (Origlia et al. 2004), this implies a particle
density of ∼1 cm 3- around the SN location. The left panel of
Figure 4 shows that the radio non-detection can be well
accounted for with the above expected ISM density by

assuming 0.01B = . The effect of a higher value of B
(=0.1) on nISM is similar to that for SN2011fe.

5.2. SD Channels

Considering the observational constraints on the progenitor
systems of both the SNe, a He star with large separation (1
R) could be suggested as a binary companion to the WD. For
SN2014J a hydrogen-rich MS may also be possible, although
the separation to the WD is likely to have been 5 R
(Lundqvist et al. 2015). In these cases it is expected that before
explosion mass has been transferred from the secondary to the
WD via Roche Lobe overflow. As mentioned in Section 4 and
shown in the right panel of Figure 4, for SNe2011fe and
2014J, the upper limit on Ṁ is 10 9< - v 100 km sw

1 1- -( )
M yr 1-
 for 0.1B = . This implies that before the explosion

the WD accreted matter with an efficiency of more than 99%.
However, after studying radio observations of 27 SNeIa,
Panagia et al. (2006) suggested that in cases with Roche Lobe
overflow, the accretion efficiency could be 80% at most.
Therefore, for this kind of companion, a rather dense medium is
expected with a higher value of M vw˙ . From our model with

0.01B = we estimate M 4 10 9< ~ ´ -˙ v 100 km sw
1 1- -( )

M yr 1-
 for both the SNe. This implies a less restricted mass

accretion efficiency of the progenitor WD in comparison to the
case with 0.1B = .
Within the SD scenario two other possibilities exist, namely

the spin-up/down model and recurrent novae. We discuss
them next.

5.2.1. Spin-up/down Model

As discussed in Hachisu et al. (2012a, 2012b), rigidly rotating
WDs within the mass range M M M1.38 1.5WD < , and
with a MS or RG companion, can result in normal SNeIa. For
such WDs the spin-down time, determined by the magnetodipole
radiation, can be 109> years when they have low magnetic fields
and explode with low angular momentum (Ilkov & Soker 2011).
Therefore, the MS or the RG companion may evolve into a
helium WD (in cases with RG, a C/O WD could also possibly
form, as the evolution timescale for RG to form a C/O
degenerate core is 108< years). This spin-down time is enough
to allow the CSM, created by the mass-loss from the progenitor

Figure 4. Predicted upper limits on nISM (left panel) and Ṁ with v 100 km sw
1= - (right panel) by the N100 (blue) and merger (red) models as a function of n. Any

line with filled circles (or crosses) represents the dependence for SN2014J (SN 2011fe). The solid lines are for 0.1B e = = , i.e., when equipartition is assumed. The
dashed lines show the effect of a low magnification efficiency of the magnetic field, i.e., 0.01B = , keeping e fixed at 0.1.
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system, to diffuse into the ISM. Therefore, the primary WD
explodes in an ISM-like environment. In such a system, the
companion could also have a negligible imprint on optical
nebular spectra (Justham 2011), even if it did not yet evolve into
a WD (Lundqvist et al. 2015).

We examine the N100 model for SN2014J, in a constant
density medium, considering 0.1B = and 0.01. N100 is an
explosion model for a non-rotating WD, in contrast to the spin-
up/down model that takes into account WD rotation. However,
we expect rotating WDs in the above-mentioned mass range to
have an overall similar ejecta structure to that of N100, as both
of them could account for normal Type Ia. Therefore, it can be
expected that the prediction from N100 could be close to that
from a spin-up/down model. From Figure 4 (left panel) the
upper limit on the surrounding density is 3 cm 3~ - for

0.01B = , which is similar to what could be expected around
SN2014J (see Section 5.1). For 0.1B = , the limit
is 0.4 cm 3~ - .

A similar spin-up/down model is applicable to SN2011fe
(Hachisu et al. 2012b). For 0.1B = , and using our radio
observations from 1468 days, the upper limit on nISM is

0.3 cm 3~ - . However, from SN evolution with 0.01B = , we
note that, in our models, around 3 years after the explosion the
reverse-shock starts to move inside the steep outer density
profile of the ejecta. This implies that the self-similar solution,
which is applicable as long as the SN is in the free-expansion
phase, is no longer valid. The SN then evolves into the
Sedov–Taylor (ST) phase. The duration of free expansion can

be written as T voFE 2 ,ej
s

n s
s

s
s

1
3 3 3z= L -

-
- -( ) , where s

n

4 3

3
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q
-
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3
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-

- . Here, M vwb = ˙ (nISM) for a wind (constant

density) medium. θ is the ratio between swept-up ejecta and
circumstellar mass. o,ejr and vo,ej represent the density and
velocity of the extreme outer part of the inner ejecta. r rs c1z =
and r rrv c2z = , with rc and rrv being the contact discontinuity
and reverse-shock radii. ro w, represents a reference radius and
this is 1015 cm in our case. It is found that for a wind medium
TFE is 100> years for the range of mass-loss rates we consider
here. However, in case of a constant density medium, the ST
phase starts much earlier. Using the merger model we estimate
that TFE is around 8 and 5 years (10 and 5 years) for SN 2014J
(SN 2011fe) when 0.1B = and 0.01, respectively. For N100,
TFE is comparably shorter for SN 2014J (SN 2011fe), around 5
(6) years for 0.1B = . When 0.01B = , the ST phase starts ∼3
years after the explosion of both the SNe with n 1ISM ~ cm−3.
For SN 2011fe, nISM is constrained by the radio luminosity
measured at 1468 days, during which the SN is in the ST phase
for 0.01B = . Modeling synchrotron emission from this phase
is beyond the scope of this paper. This therefore limits our
conclusions for the spin-up/down scenario for SN2011fe
when 0.01B = .

5.2.2. Recurrent Novae

A near-Chandrasekhar mass WD, accreting at a rate between
M10 10 yr7 12 1- - -
– , experiences nova eruptions with a

recurrent time, trec, of a few to a hundred-thousand years
(Yaron et al. 2005). The maximum expansion velocity of the
ejected shells is in the range 1000 5000 km s 1-– . This nova
shell sweeps up the CSM material and a cavity is formed
around the progenitor system. If trec is long, the cavity is
refilled by the new stellar wind. In this case one would expect
Equation (6) to govern the radio luminosity evolution. For short

trec, the cavity will be partially refilled. Therefore, the SN ejecta
first encounter a wind medium, then move into a cavity, and
finally interact with a nova shell. There could be multiple nova
shells present in the circumbinary medium. The evolution of
radio synchrotron spectra in this scenario can only be predicted
by hydrodynamical modeling, which takes into account the
interaction of SN ejecta with different kinds of ambient media,
formed at different times of the progenitor evolution.
Recently, Harris et al. (2016) have performed hydrodyna-

mical modeling of an SN shock interacting with CSM shells, to
predict the synchrotron emission from such a situation. The
authors consider a vacuum between the exploding WD and the
interacting CSM shells. In their model the radio light curve has
a plateau when the SN ejecta with a velocity 2 10 km s4 1´ -

interact with two nova shells. This feature is distinctly different
from that of the SN interacting with a single nova shell,
for which a peak in the light curve is predicted. Harris et al.
(2016) show that when the ejecta velocity is increased to
3 10 km s4 1´ - , the peak radio luminosity decreases. Along
with shock velocity, the density and the thickness of the shell,
which are both poorly constrained, play important roles in
predicting the synchrotron emission from the SN. As several
less constrained physical parameters are involved here, from
our models it is difficult to predict the expected radio
luminosity for this kind of system. However, from very early
X-ray non-detection Margutti et al. (2014) have precluded a
recurrent nova system, with a recurrence time of 100 yr
(Dimitriadis et al. 2014), for SN 2014J. This is also true for SN
2011fe, as this SN was not seen in early X-ray observations as
well (Margutti et al. 2012). Moreover, given the constraints on
possible SD binary companions (cf. Lundqvist et al. 2015), a
nova-shell-like scenario may not be applicable for these SNe,
as is also indicated by the absence of Na ID variations (Patat
et al. 2013; Goobar et al. 2014). The only absorption-line
feature detected for these SNe is in KI 7665l (Graham
et al. 2015; Maeda et al. 2016), but the absorbing gas is at
distances of at least 1019cm from the SN, and could be of
interstellar origin (Maeda et al. 2016).

6. Conclusions

We have observed the SNeIa 2011fe and 2014J in the radio
at late epochs, up to 1468 and 578 days post-explosion,
respectively. We do not detect the SNe, and model the radio
non-detections assuming synchrotron emission from shock-
accelerated relativistic electrons to be the origin of the
radiation. We consider that all the electrons in the post-shock
region are accelerated and their energy distributions follow a
power-law profile with p=3. It is assumed that 10% of bulk
shock energy is converted to electrons, i.e., 0.1e = . After a
certain time, as the shock slows down, a part of the electron
population will have kinetic energy less than the rest-mass
energy of electrons. We calculate the fraction of energy that
goes into these non-relativistic electrons and estimate the
synchrotron flux from the energy available to relativistic
electrons. This keeps us from underestimating the density of
the ambient medium.
Both SNe2011fe and 2014J are normal Type Ia SNe. We

have therefore used the inner density structure of the N100
model (for the SD channel) and a violent merger model (for the
DD channel), which could both account for normal SNeIa, and
added a power-law density profile, with an index in the range
12–14, for the outer part of the ejecta. Considering that the
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interaction of SN ejecta with the CSM follows a self-similar
structure, we compare the radio light curves predicted by our
models with observational upper limits. This gives us upper
limits on the ambient medium density, i.e., nISM for a constant
density medium and M vw˙ for a wind medium. Since
synchrotron power is proportional to the magnetic field energy
density, the amplification of this field, in the shock, plays an
important role in determining the synchrotron luminosity, and
hence on the prediction of the ambient medium density.

The circumbinary medium is shaped by the mass-loss history
of the progenitor system. Although the kind of binary systems
that result in these two SNe are not clear, studies based on
observational evidence (Li et al. 2011; Bloom et al. 2012;
Brown et al. 2012; Kelly et al. 2014; Lundqvist et al. 2015)
have given indications about the formation channels of these
two SNe. Among these, the DD scenario is one of the
possibilities. From the H I column density observed around
both the SNe, nISM could be expected to be 1 cm 3~ - . To
estimate nISM from the H I surface density, we assume path
lengths of 100 pc and 1 kpc for the atomic hydrogen gas in
M101 and M82 around SNe 2011fe and 2014J, respectively.
From our modeling we found that (left panel of Figure 4) the
radio non-detections post one year can be explained with
nISM ~ 1 cm 3- when the magnetic field amplification is low
( 0.01B = ), compared to what is expected for equipartition of
energy (i.e., 0.1B e = = ).

As discussed in Section 5.2, an MS companion may be
possible for SN2014J in the SD scenario, whereas this is less
likely for SN2011fe. A He star companion is easier to
accommodate for both SNe. In this channel, we found that the
upper limits on M vw˙ predicted by our model, considering a
low value of B , could allow for significant mass-loss (see right
panel of Figure 4). For 0.1B = and 0.01, the upper limits on
Ṁ for both the SNe are 7 10 10~ ´ - and M4 10 yr9 1~ ´ - -


when v 100 km sw

1= - . This suggests that in the former case
the mass accretion efficiency of the WD needs to be more than
99%, whereas the latter puts a less constraining limit on
accretion efficiency. From a radio study of 27 Type Ia SNe,
Panagia et al. (2006) found a maximum accreting efficiency of
80% for this kind of progenitor system.

Another possibility within the SD channel is recurrent novae.
In this case, the wind may be swept up in shell-like structures
prior to the SN explosion. Our models cannot predict the radio
emission for this scenario, as the SN could interact with
different kinds of ambient media depending on its evolution.
To predict the synchrotron luminosity from this kind of system,
proper hydrodynamical modeling is required. However, con-
sidering the absence of Na ID variation, early non-detections
in X-rays, as well as no indications of hydrogen and metals
from an SD companion in optical nebular spectra of the two
SNe, recurrent novae may be less likely progenitor systems for
these SNe.

A particularly interesting case for the SD scenario is instead
the spin-up/down model, which suggests a density around the
progenitor system similar to the ISM density. We have tried to
explore this channel, for SN2014J, by considering an SN with
a density profile of the N100 model for the inner part of the
ejecta that expands into a constant density medium. The upper
limit on nISM predicted by this model (left panel of Figure 4) is
∼3 cm 3- when u uB e< with 0.01B = .

Modeling of radio and X-ray emissions from core-collapse
SNe exhibit a broad range for both B and e . From detailed

radio and X-ray modeling of SN 2002ap, Björnsson &
Fransson (2004) found that the energy density in the electric
field is comparable to that of magnetic fields. This was not true
for SN 1993J, for which Fransson & Björnsson (1998) deduced

B e  ~ 280, with B ~ 0.14 and 5 10e
3 ~ ´ - . In the case of

SN 2011dh it is found that the radio emission can be interpreted
by SSA, assuming 0.1B e = = (Soderberg et al. 2012;
Krauss et al. 2012). However, to explain the X-ray emission
from the same radio-emitting electron population one requires

0.01B = and 0.3e = (Soderberg et al. 2012). Similarly, for
SN 2013df, Kamble et al. (2016) estimated a much smaller
energy density in magnetic fields compared to that in electric
fields ( B e  5 10 3~ ´ - ).
We found that for both SNe 2011fe and 2014J the upper

limit on M vw˙ has a rather strong dependence on n, which
varies in the range 12–14, compared to that of nISM (Figure 4).
However, it is clear from Figure 4 that B plays the most
important role in determining the upper limits on the CSM
density (nISM or M vw˙ ) around both the SNe. From particle in
cell (PIC) simulations, Caprioli & Spitkovsky (2014b) showed
that for shocks with a Mach number (MA) up to 100, the
magnetic field amplification is proportional to the square root
ofMA (see their Equation (2) and the bottom panel of Figure 5).
As u MAe

2µ , for shocks with MA ~ 100 Mu

u A
e

B
» . If this is true

for shocks with MA ~ few×1000, which is applicable to SN
shocks, then this implies that although the magnetic fields
could be amplified very efficiently in the post-shock region, uB
will be much smaller than ue.
In summary, our study shows that the null detection of radio

emission from SNe2011fe and2014J could be due to the fact
that u uB e< with 0.1B < in the post-shock region. There is
evidence of circumbinary material around a few Type Ia SNe
(e.g., SNe 2002ic, 2005gj, 2006X; Hamuy et al. 2003; Aldering
et al. 2006; Patat et al. 2007), however, no radio emission has
been detected from them (Berger et al. 2003; Stockdale
et al. 2003; Soderberg & Frail 2005; Stockdale et al. 2006).
This may indicate that u uB e< with 0.1B < could be a
general feature of SN shocks. Future detailed periodic radio
observations from nearby SNe, together with results from PIC
simulations for MA ~ 1000, could shed light on this.
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